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Abstract

Cosmic collisionless shocks are highly energetic phenomena in which dilérent non-thermal processes
take place. Above all, particle acceleration is arguably the most important, and observations of its
signatures can be a powerful tool to constrain the local plasma and magnetic properties at the acceleration
site. Within large-scale structures, the presence of cosmic rays can be revealed by means of dileérent
detection approaches, depending on the particle species: relativistic electrons can emit in radio via
synchrotron radiation (which can be observed in radio relics), while energetic protons can interact with
thermal protons of the intracluster medium and emit in W&y band. Both electrons and protons

in large-scale structures should in principle be accelerated by a kind of first order Fermi acceleration
mechanism, known as dilusive shock acceleration: however, only evidence of cosmic-ray electrons has
been detected so far in galaxy clusters, while no signatures of cosmic-ray proton acceleration have been
reported. Connecting these two observational facts with a realistic view of shock formation and magnetic
field evolution in cosmic structures is the main motivation of this Thesis’ work. With a comprehensive
analysis from ‘macroscopic’ to ‘microscopic’ scales, | address the miséiray issue by means of
advanced numerical simulations, in which extragalactic magnetic fields are evolved together with the
dynamics of large-scale structures. In particular, | attempt to link the cosmic-ray acceleration eldiency
of shocks in the cosmic web to the magnetic field topology, while also studying how dilérent proposed
scenarios for magnetogenesis can alect these properties. The primary factor at play is the shock obliquity,
i.e. the angle between the shock propagation direction and the underlying magnetic field. In this work,

| first determine the distribution of obliquity in large cosmological simulations as a function of the
medium in which the shock takes place and identify two main categories of shocks, i.e. merger shocks
typical of galaxy clusters and accretion shocks occurring in filaments. In the course of this analysis, |
detect a pattern in the arrangement of the magnetic field around filaments and perform a quantitative
study of the topological properties of the behavior of the magnetic field surrounding the components
of the cosmic web. Finally, shocks in filaments are more closely investigated with new particle-in-cell
simulations tailored to tackle this issue on much smaller scales, where the evolution of electrons and
protons can be followed from first principles, and the actual acceleration eldiency by realistic shocks
can be measured. The new insights obtained from these numerical simulations provide a useful tool for
the correct interpretation of observations and to estimate the magnetic properties that can be inferred,
e.g. from Faraday rotation measurements.
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1. The cosmic web

1.1 Structure formation

According to the cold dark mattermodel, the recent Universe's evolution (for redshiftg 0<6) is
dominated by dark energy (68 %of the total energy density), responsible for its accelerated expansion,
and dark matter ( 27 %), which drives the structure formation process; the remainirig% includes

all forms of ordinary matter. In theold dark matteiscenario, inhomogeneities of the primordial density

eld were ampli ed by gravity in a “bottom-up' scenario in which small-scale structures formed rst
and subsequently clustered into larger ones. Hierarchical clustering has led to the assembly of di erent
structures, characterized by being either underdense or overdense to di erent extents, like voids, walls,
laments and halos. All of these elements constitute the so calbstnic wepa network of dark and
baryonic matter, which links all kinds of structures in a distinctive, complex arrangement. The basics
of the current understanding of how the cosmic web formed have been proposed by Bond et al. [1996],
who combined the Zel'dovich approximation [Zel'dovich, 1970], according to which structures arise
from the compression of matter along a preferential axis (‘pancaking’), to the Press-Schechter formalism
[Press and Schechter, 1974], which assumes that each object is formed by gravitational collapse of a
density uctuation in the primordial eld: while the Zel'dovich pancaking successfully explains the
anisotropy in the distribution of matter on largest scales following a linear regime, the Press-Schechter
formalism is better suited for the non-linear phase of collapse, compatibly to a hierarchical clustering
scenario. Following Bond's theory, matter distribution can be described by a global quadrupolar eld
which determines the local tidal shear at the density peaks and leads to the formation of the typical
cluster- lament-cluster con guration at the base of the cosmic web's structure [Bond et al., 1996]. The
formation of structure can be described by the set of equations includicgtii@uity equatiorfior mass
conservation:

mXx 1
— . =r 11, Xv=0 11
. , (1.1)
Euler's equatiorfor gravitational and pressure forces:
nv @& 1 1
— — —1ly rO%y= —r -— 1.2
mco o ' 0 (12)

andPoisson-Newton's equatidor the gravitational potential:
r2 = 4c d.1COC*Xir—6- (1.3)

wherer is the comoving position}tr—t° = dir°d, 1 is the density uctuation eld with respect
to the cosmic background total mass density 01C is the universe average expansion factois the
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peculiar velocity and 1r—C€is the gravitational potential. At its early stages, time evolution of density
perturbations<tr—° can be condensed in the following linearized equation:

X _@mX_ 3 51

—., 2-— == <0 O_X_

m&> 0mC 2 03
where ¢ is the Hubble constant and<g is the current (ordinary dark) matter density parameter.

Later stages of the gravitational clustering process are instead characterized by a non-linear growth phase
where typical complex patters of the cosmic web begin to emerge [see Springel, 2005, and Figure 1.1].

(1.4)

1.2 Halos

When a positive density uctuation becomes su ciently overdense, it will accrete more and more matter
until fully collapsing in a gravitationally bound object. When an approximately spherically symmetric
density peak on Mpc scales enters the non-linear growth phase, it eventually reaches virial equilibrium,
in which kinetic and gravitational forces are balanced, and a halo is formed.

Shape Although a spherical collapse model is usually a reasonable approximation, halos are actually

triaxial structures [Jing and Suto, 2000], meaning that the overdensity started collapsing along each axis
at di erent times, namely the shortest axis collapses rst, then the intermediate and eventually the longest

one [Shen et al., 2006].

Mass distribution By adopting the model of spherical collapse, we can approximately compute the

number density= of dark matter halos as a function of their mdssand redshiftl (Press-Schechter

mode] Press and Schechter 1974). According to this moeék-1 ° is a decreasing function of mass,

with an exponential decrease for large in particular, halos with' & 10"  are very rare (with a

frequency of approximately one inl®’ Mpc® volume, compatibly with the fact that the closest massive

cluster, Coma, is about00 Mpcaway from us). The distribution of halos also depends on redshift: the

minimum density contrast required for a collapse before a certain redshift increaségpvagortionally

to a growth factor, which is in turn dependent on the assumed cosmological model (larger for smaller
m). More sophisticated mass functions can be derived considering the triaxiality of halos [Sheth and

Tormen, 1999].

Density pro le  As pertains to the internal halo structure, the radial mass pro le can be inferred from

numerical simulations. As a rst approximation, we can describe a halo as the spherical region enclosed

within the virial radiusA g, i.e. the distance from the halo center at which the average inner density is
100times larger than the critical density

3 2
der = s 85 10 30 gecm® 1atl = 0% (1.5)
thus, we can also de ne the virial mass:
10 2
" 100= & (1.6)

and the virial velocity, i.e. the circular velocity at the virial radius:
S

ALOO. (1.7)

E100=



Figure 1.1: Galaxy distribution from spectroscopic redshift surveys and from mock catalogues constructed
from cosmological simulations showing the typical lamentary structure of the cosmic Webdits:
Springel et al. [2006]



The typical dark matter density pro le of halos averaged over spherical shells was proposed by Navarro
et al. [1997] NFW-pro le), which is described by:
" A A 1
dom A = dpms A 1, A - (1.8)
whereAg and dpys are the characteristic scaling radius and density. We can de nedheentration
indexof a halo a2 = Ago* A

Angular momentum Halos acquire angular momentum from environmental tidal torques during the
early stages of structure formation [Hoyle, 1949, Peebles, 1969], resulting in the misalignment of the
inertial and tidal shear tensor. This model, nariedl torque theoryDoroshkevich, 1970, White, 1984],
predicts an alignment between the angular momentum and the intermediate axis of the shear: in other
words, this should imply that halos spin around an axis which is preferentially aligned to the direction of
the wall and orthogonal to the lament. Numerical simulations [e.g. Porciani et al., 2002] have shown a
good agreement with such prediction for high-mass halos, but an opposite correlation for low-mass ones.
Codis et al. [2012] suggested a dynamical scenario that explains the opposed behavior of halo spins as
a function of mass by taking into account that two main di erent processes lie behind mass acquisition,
namely smooth accretion and mergers. During smooth accretion the halo mass grows in a steady process:
if the halo is found within a lament, its angular momentum is built up parallel to the neighboring
lament from vorticity transfer [Pichon et al., 2011]. Above a certain transition mass ( 101" |
e.g. Aragon-Calvo et al. [2007]), mergers dominate the acquisition of spin: drifting halos generally ow
along the lament, leading to the spin orienting orthogonally to the lament. The spin acquired by halos
is parameterized through the dimensionlgg®s parameter

j j1-2

T 53 (1.9)

where , and" are the total angular momentum, energy and mass of the halo. This parameter
corresponds to the ratio of the rotational and total energy of the system, i.e. indicates the importance of
angular momentum with respect to random motion.

1.2.1 Galaxy clusters

The baryons contained in dark matter halos eventually cool and condense, until galaxies are formed at
the bottom of potential wells [White and Rees, 1978]. Halos hostirgp galaxies in a volume of a

few Mpc2 [Abell, 1958] are called a galaxy clusters (GCs), which are the largest gravitationally bound
systems in the Universe and make ug2 16 %of the cosmic mass. An undisturbed GC is expected to
relax into hydrostatic equilibrium on timescales of the order of the sound crossing time [Sarazin, 2002]:

) 1.2

18 K 1 Mpc

=— 66 1Cyr - (1.10)
B

where is the diameter of the cluster a@gdin the sound speed. This time interval is much shorter than

the cluster's age (of the order of the Hubble time), implying that the gas should be close to hydrostatic

equilibrium. Assuming that thermal conduction is e cient, we can consider the gas in a GC to be

isothermal: this, in addition to the assumption of an isotropic gaussian velocity distribution for galaxies,
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allows to apply the so called-model to the gas density distribution [Cavaliere and Fusco-Femiano,

1976]: "
: H 3wz

A
dgaslA) = dgasg 1 5 —_— - (111)
A
wheredp is the central gas densityis the radial coordinate an is the core radius. Knowing the
gas density distribution, the gas masgas can be inferred by integrating inside a certain radius. The
condition of hydrostatic equilibrium allows to estimate the total gravitational mass

A d%

"1 = — e
g d A dA

(1.12)

The total mass of galaxi€'s4, can be obtained from optical observations, knowing a priori the mass-to-
light relation in GC [Proctor et al., 2015, Shan et al., 2015], such that also the dark matter mass can be
calculated:

"M =" R ol et (1.13)

On average, the percentages of these components &, 15 %and 80 %for galaxies, gas and
dark matter, respectively.

Intracluster medium

The gas component of GCs is also called intracluster medium (ICM), which i hot10” 10° K),

rareed (= 104 10 3 cm °) plasma composed of fully ionized hydrogen, with a small percentage

of helium and heavy elements [e.g. Sarazin and White, 1987, Ettori et al., 2009]. The ICM is typically
permeated by - G magnetic elds orkpcscales: the level of magnetization can be parametrized by the
plasmaV-parameteip = 8c=:g1);, )% 2, which is usually of the order of 100, where); and)  are
respectively the ion and electron temperature. The ICM is mostly optically thin, i.e. the mean free path
of photons is large enough to allow them to escape once emitted. Numerical simulations [e.g. Ryu et al.,
2008, Vazza et al., 2011a, Vallés-Pérez et al., 2021] show that turbulence is widespread in the ICM: the
small-scale components of turbulence can generate dynamo action, which e ectively amplify the weak
magnetic eld by stretching the eld lines [e.g. Cho, 2014].

Thermal processes in galaxy clusters

At temperatures higher than10’ K, optically thin thermabremsstrahlungs the main process respon-
sible for ICM cooling [see Sarazin, 1986, Béhringer and Werner, 2010, for reviews], which can be
observed as X-ray radiation. The typical luminosity of a GCyis 10* 10" ergs®. This process,

also known adree-freeradiation, is produced by the de-acceleration of electrons in the ion's Coulomb
eld, so its emissivity depends on electron densityand plasma electron temperatjigeas

e/ e’ Pexpt acig)e- (1.14)

where is the Planck constang,is the radiation frequency ang is the Boltzmann constant. From the
spectral analysis of X-ray emission, it is possible to estimate the gas temperature, density, and eventually
mass: by projecting th&-model pro le on the sky plane, the X-ray surface brightness distribution is

found as:
A 305

(x*=(xo0 1, A - (1.15)
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Figure 1.2: Galaxy cluster Abell 27441 eft panel: X-ray emission from thermal ICM (Chandra
05 20 keV band). Central panel:1 4 GHz VLA image tracing cosmic rays and magnetic elds.
Right panel:hot gas in the GC and the surrounding laments (XMM-NewtBRICO0s5 12 keV band).
Credits Pearce et al. [2017], van Weeren et al. [2019], Eckert et al. [2015].

with (xo X-ray surface brightness at the center of the cluster. Based on the gas properties of GC, we
can distinguish betweeoool-coreclusters anchon cool-coreclusters [Molendi and Pizzolato, 2001,
Sanderson et al., 2009]. In the rst ones, strongly peaked X-ray emissitvity in relaxed systems can cause
e cient cooling in the densest regions and determine a drop in the temperature pro le of the GC. If gas
cools due to X-ray emission, hydrostatic equilibrium cannot be maintained on timescales of

= 1 ) 1-2
=85 100yr © — 1.16

which is typically longer than the Hubble time, but not in the densest regions undergoing rapid gas
cooling. In order to re-establish pressure equilibrium, gas needs to ow inwards: so catiidg

ows, however, have only been predicted theoretically, while no X-ray observation seems to validate this
phenomenon. As a consequence, there has to be some alternative heating source, like a central active
galactic nucleus (AGN) [Peterson and Fabian, 2006, McNamara and Nulsen, 2007]. On the other hand,
non cool-core clusters are typical of disturbed systems with shallower X-ray emissitivity [Leccardi et al.,
2010].

Non-thermal processes in galaxy clusters

The occurrence of non-thermal processes in GC, such as particle acceleration (see Section 2.3) or
turbulence, is inferred by radio observations of di use synchrotron emission [see Ferrari et al., 2008,
van Weeren et al., 2019, for reviews]. Based on the location and morphology of radio-emitting regions,
three di erent kinds of di use emissions can be identi ed: halos, mini-halos and relics [Feretti and
Giovannini, 1996]. Radio halos are circular regions of Mpc size found in the center of massive,
dynamically disturbed galaxy clusters with no optical counterpart; mini-halos are smaller and are located
in relaxed cool core clusters; radio relics are extended sources usually found in the cluster's periphery
which show strong polarization. More detailed information about the observational signatures of these
processes will be provided in Section 2.4. Figure 1.2 shows an example of galaxy cluster detection,
including both thermal and non-thermal observables.

12



1.3 Filaments, sheets and voids

Analogously to halos, whose shape is regulated by the subsequent collapse of matter along the three axes,
laments and sheets are the outcome of an overdensity collapsing along two or one axis, respectively.
The low-density regions enclosed by laments and sheets are known as cosmic voids. They have typical
diameters ofl0 100 Mpcand contain very few or no galaxies and up ta0 15 %of the total cosmic

mass.

Filaments are elongated structures, up td00 Mpclong, connecting halos which are otherwise
surrounded by voids. Simulations suggest that they are lled by the so called warm-hot intergalactic
medium, WHIM, characterized hy 10° 10’ K temperatures angs 10 & 10 # cm 2 densities
[Cen and Ostriker, 1999, Davé et al., 2001]. They contain up30 %of the entire cosmic mass [Gheller
et al., 2015]. Filaments are likely to be permeated by magnetic elds and to host cosmological shock
waves as a consequence of the continuous accretion of cold gas (see Section 2.2). There has been only a
limited amount of direct observations of laments in the soft X-ray band [e.g. Werner et al., 2008] and in
the radio band [e.g. Farnsworth et al., 2013], as well as by staking of images in the low-frequency radio
[Vernstrom et al., 2021] and in the X-ray [Tanimura et al., 2020] band. The Sunyaev-Zel'dovich e ect,
caused by the inverse Compton scattering of cosmic microwave background (CMB) photons with free
electrons in the WHIM, has also been used to probe laments connecting GCs [e.g. Planck Collaboration
et al., 2013, Tanimura et al., 2019a, de Graa et al., 2019]. We expect these structures to be surrounded
by strong accretion shocks [e.g. Ryu et al., 2003], which makes them of great interest in view of their
possible detection by, for instance, the Square Kilometre Array, as will be further discussed in Section
2.4,

13



2. Shocks and magnetic elds in the cosmic web

2.1 Collisionless plasmas

Particle motions in a collisionless plasma are regulated by long-range electromagnetic interactions. For
a typical ICM environment [Caprioli et al., 2019],

= 10*- (2.1)
D

where_c is the particles' mean free path against Coulomb collisions anid the Debye length, de ned

as the scale over which electric elds are screened out by a redistribution of the electrons. In the absence
of external elds, the non-relativistic equation of motion of a particle of nvassd chargedls subjected

to the electromagnetic elds produced by the other particles according to

du
< — =
dC
If a particle has an initial velociti perpendicular to a uniform magnetic el it will move in a circle
lying in the plane transverse Bwith cyclotron frequencyor gyrofrequency

_1@

@E,; B 2.2)

| ¢ = P (2.3)
whose corresponding radius is callearmor radiusor gyroradius
<2E
A= —- (24)
@

As a consequence, for a hydrogen plasma, electron gyroradiugd80times smaller than ion gyroradius
(and therefore electron gyrofrequency igl0times larger than ion gyrofrequency). If the initial velocity
has also a component parallelBothe particle will at the same time perform a translation una ected by
the magnetic eld: therefore, the overall orbit is given by the combination of the circular motion around
aguiding centerand the translatory motion of the guiding center. In the case there is a uniformHorce
acting on the particle perperdicularly to the uniform magnetic eld, the trajectory will be modi ed by a
drift of the guiding center in a direction perpendicular to bBtandF:

2F B
Vdrift=—@ >

. (2.5)

For example, the forcé at issue can be generated by the presence of a magnetic eld gradient. The
level of magnetization of a plasma can be parametrized by the plasma pargmetede ned in Section
1.2.1.
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2.1.1 Plasma waves and instabilities

Waves in plasmas can be classi ed as electromagnetic or electrostatic, depending on whether there is
an oscillating magnetic eld. Waves can also be distinguished by the oscillating species, i.e. electrons
or ions. If a plasma is perturbed by the displacement of electrons from their equilibrium distribution,
electric elds build up in order to pull them back to their original position and restore neutrality: this
causes electrons to overshoot and oscillate around their equilibrium poamgrauir waves We de ne
the frequency of electron density oscillations as the elegitasma frequency

S

4c=c4?

lpe= —— (2.6)

where=¢ is the particle number density. Analogously, we can obtain the same quigiitfor ions

by substituting their mass and charge. We can now de nepthema skin deptlas_s = 2¢1 ,. In

a magnetized uid, magnetohydrodynamics (MHD) ion waves can be generated: based on the relative
orientation of the wave vector and the magnetic eld, they are called eitlieén wavegtransverse)

or magnetosonic wavdtongitudinal). If perturbations in a plasma grow, instead of oscillating, then an
instability is generated. For the purpose of this thesis, | mention the ones that can form in the context of
cosmic shocks (see Section 2.2):

" Buneman instabilityjBuneman, 1958] is the result of the interaction between cold incoming
electrons and re ected ions and it generates electrostatic waves at the edge of the shock;

" Weibel instability[e.g. Matsumoto et al., 2015] is driven by the interaction of the incoming and
re ected ions: typical elongated structures are developed during this phenomenon, which allow
magnetic reconnection sites to form even in unmagnetized plasmas (see Section 2.3.2);

" electron rehose instabilityje.g. Guo et al., 2014a] is driven by an anisotropy in the electron
velocity distribution and generates waves ahead of the shock.

These make up just a small fraction of the multitude of instabilities which can develop more generally in
a plasma.

2.2 Cosmological shocks

Shocks occurring on the large scales of the cosmic web are ubiquitous processes which manifest as
discontinuities in the gas' thermodynamical variables and convert gravitational into (non-)thermal energy
thanks to the supersonic infall of gas on structures and hierarchical clustering [e.g. Quilis et al., 1998a]:
in particular, they contribute to the thermalization of gas, whose emission can potentially be observed
from Earth, the ampli cation of magnetic elds and the acceleration of cosmic rays (see Section 2.3).
Shocks are believed to rst have arisen at the time of reionization§ 14) [Bykov et al., 2008], when

strong density inhomogeneities initially formed. Shocks launched by cosmic matter accretion events are
very energetic, and their strength can be quanti ed with respect to the environment in which they take
place by their Mach numbers. Tl®nic Mach numbéris de ned as the shock speed divided by the
sound speed on the unperturbed gas:

= =h_ 2.7)

IUnless speci ed, in the reminder of this thesis | will refer to the sonic Mach number simply as the Mach number.
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Figure 2.1: Sketch of the shock's density as a function of @Gmordinate, along which the shock
propagates. The dashed line indicates the approximate position of the shock front, separating the
upstream (pre-shock) from the downstream (post-shock) regions.

where r
2=

W3)
<j B
with Wadibatic index (generally assumed to be equ&bft),) pre-shock gas temperaturg, Boltzmann
constant anck; ion mass. If a shock occurs in a magnetized medium, we can also de A¢hamic
Mach numbeas the ratio of the upstream ow velocity to the upstream Alfvén veloEitywhere
S

(2.8)

2

Ea = (2.9)

4c=<;
is the intensity of the upstream magnetic eld,is the upstream number density arg and <
are respectively the mass of ions and electrons. A schematic description of the shock structure is
shown in Figure 2.1. Based on hydrodynamical simulations, cosmological shocks can be divided into
two main populations [Quilis et al., 1998b, Ryu et al., 2003]: accretion (or "external’) shocks, formed
by cold gas accreting on gravitationally attracting structures and characterized by high Mach numbers
(10. " . 10, and merger (or “internal') shocks, events involving hotter merging substructures with
lower Mach numbers. " . 10), though higher kinetic ux dissipation. Figure 2.2 shows the
appearance of a typical cosmic shock in a three-dimensional simulation. These shocks are expected
to occur in a rare ed, collisionless plasma, meaning that physical collisions between plasma particles
are negligible, so they are exclusively mediated by electromagnetic processes (see Section 2.1): as a
conseqguence, a small fraction of particles can gain a large amount of energy and strongly deviate from the
Maxwellian distribution without being quickly thermalized by collisions. More recently, high resolution
cosmological simulations identi ed other possible sub-categories of shocks, triggered during di erent
stages of the mass growth of self-gravitating halos (e.g. “wind shocks', ‘equatorial shocks', “infall shocks'
and ‘runaway shocks', see Ha et al. 2018a,b, Zhang et al. 2020).

2.2.1 MHD approach

Within GCs - and likely also beyond them - structure formation shocks develop in a weakly magnetized
environment which is suitable for a simple MHD modeling, at least on large scales.
If we consider the frame moving with the shock front, the laws of conservation for a single- uid
plasma are the following [De Ho mann and Teller, 1950]:
Bt

e~ = oudk (2.10)
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Figure 2.2: Three-dimensional rendering of shock surfaces from a cosmological simulation. The color
bar shows the values of corresponding Mach numb@rsdits: Ryu et al. [2003].
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whereD is the bulk velocity,9is the matter ux,F = n, %d is the gas enthalpy, % d are the
internal energy, pressure and density, the subscriptelCndicate the normal and trasverse component
respectively. Here the square brackets notation stands f8== gownstream  upstream From these

eguations we can obtain the variation of the hydrodynamical variables across the shock (generalized
Rankine-Hugoniot jump conditions):

1 1 1 1 2
Ndown  Mup., 5 ?—up ?—up Yeown. Y%p ., gc Cdown s (2.14)
If B: = 0:
W 10" 2
A= ddown — > s (2.15)
dup 1W 10 " 525 2
Jaown _ 2W"S W 10 W 10" 2, 2 (2.16)

) up W, 102" 2
where Wis the adiabatic index. The dissipative e ects determine the thickness of the shock front,
regardless of the nature of the dissipation mechanism: in the weak shock'ligit (2) the transition
layer is thick enough to be described by hydrodynamical equations [Landau and Lifshitz, 1984].

Based on the orientation of the magnetic eld we can de ne the shock oblifj@sthe angle between

the upstream magnetic eld lines and the shock propagation direction. This is an important parameter
that will be often mentioned in the rest of this Thesis.
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2.3 Particle acceleration in shocks

Particle acceleration processes capable of generating cosmic rays (CRs) are ubiquitous in astrophysical
environments, as the outcome of the presence of both electric elds and magnetic con nement. We can
distinguish three kinds of particle acceleration processes: stochastic acceleration, magnetic reconnection
acceleration and acceleration at ow discontinuities, i.e. shocks. From now on, | will focus on particle
acceleration in shocks, which is the main topic of this work.

2.3.1 Diusive shock acceleration

A fraction of the energy released in cosmic shock events contributes to the acceleration of charged
particles in plasmas up to very high, even relativistic, energies. The main mechanisms responsible for
this phenomenon is currently believed to diausive shock acceleratiofDSA), which consists of the
multiple re ection of charged particles across the shock front by magnetic uctuations [see Blandford
and Ostriker, 1978, for a review]. Fermi [1949] initially modelled a magnetized cloud moving with
velocity u in the Galactic frame, in which particles move with velocitgnd exchange energy according

to e+ = 2v ue2?,where corresponds to the work exerted by the Lorentz force. Since heads-on
(v u i 0)collisions are more likely, this mechanism results into a net energy gain which scdés as
(second-order Fermi acceleratipnlf a shock wave is included in this scenario, both the upstream and
the downstream medium see the opposite side arriving at the same speedA 1° B A (with A
compression ratio anBs, shock speed). Assuming that magnetic turbulence e ciently scatters o and
isotropizes the particles, their mean velocity follows the local ow velocity, so particles undergo a regular
Fermi acceleration, which averaged over all angles gives a mean energy gain

h—i = -—— 2.17
35 (2.17)
which is instead a rst-order increasegt-order Fermi acceleratio. The fractional energy gain from
each shock crossing is a constant and it only depends on the shock strength: the resulting energy spectrum
isapower land#  °ed / 7 with spectral index? & 2, solely dependent on the compression ratio
A= dgowr* dup (4 for strong shocks).

Non-linear DSA

Extensions of DSA have been introduced in order to account for certain observational features, such as
the acceleration of galactic CRs by supernova remnants. In particular, the magnetic eld in the vicinity
of supernova shocks appears to be ampli ed, to values much larg&f] or more) than the one of

the average interstellar medium. To account for this, non-linear DSA has been introduced [e.g. Caprioli
et al., 2010, Amato, 2014, Arbutina and Zekovi¢, 2021]: in this theory, three sources of non-linearity
are included, i.e. 1) the dynamical e ect of the CR pressure on the shock, 2) the waves generated by
accelerated particles in the shock's upstream and 3) the dynamical reaction of the ampli ed magnetic
eld on the system. The presence of particles much faster than the shock introduces a non negligible CR
pressure term, which is increasingly stronger in the proximity of the shock. As a consequence, the ideal
shock discontinuity smoothens even on large scales, and a so called “sub-shock' regionis formed: however,
the overall compression ratio can now exceed the typical factdrfaf strong shocks (see Section 2.2).

Due to the sub-shock, particles with a di erent energy (hence with a di erent gyro-radius) can e ectively
probe di erent compression factors across the shock transition, and the spectrum of accelerated particles
deviates from a power-law and can show much steeper (and harder) features. Another consequence of
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particles streaming ahead of the shock is the generation of unstable Alfvén waves, which in turn provide
ampli cation of the magnetic eld. While such e ects may in principle be relevant also in strong external
accretion shocks, in this Thesis they are neglected for simplicity.

2.3.2 The injection problem

Based on the DSA model, only the high energy end of the particle distribution crossing a shock wave
can undergo multiple scatter and become relativistic, since only particles with a larger enough gyration
radius can experience the steep velocity gradient at the two sides of the shock. For this, they need to
have a mean free path which is larger than the width of the shock front (usuallfew thermal ion

Larmor radii). Especially for thermal electrons, some pre-acceleration is required, because if they are
in kinetic equilibrium with protons, their Larmor radius 'is< p* < times smaller than the proton gyro
radius, and hence than the shock thickness. The issue of identifying the mechanisms responsible for
the extraction of electrons from the thermal pool is known agrjetion problem. Extensive studies

have been conducted on this matter [e.g. Guo et al., 2014b, Matsumoto et al., 2015, Park et al., 2015,
Matsumoto et al., 2017, Bohdan et al., 2017, 2019a, Arbutina and Zekovi¢, 2020, Xu et al., 2020], but
there is no de nite answer yet. Several pre-acceleration mechanisms have been proposed to justify the
injection of electrons into DSA, whose occurrence is strictly dependent on the shock’s characteristics,
which allow the manifestation of di erent kinds of plasma instabilities. Among these, | will elaborate on
shock drift acceleratiofSDA), shock sur ng acceleratioSSA) (both of which rely on the e ect of the
convective electric eldE = ue2 B induced by the magnetic eld gradient at the shock discontinuity,
whereu is the ow motion) andmagnetic reconnection

Shock drift acceleration

In SDA, electrons initially belonging to the upstream perform quasi-ordered Larmor gyration in the
proximity of the shock front: due to the magnetic eld being ampli ed by shock compression in the
downstream, the particle alternately perceives a larger or smaller magnetic eld, which respectively
reduces or increases its gyroradius (Equation 2.4). As a consequence, the orbit described by the electron
becomes a cycloid, whose drift velocity is obtained as

<62|§,_>B

Vdrift =
whereE; is the electron velocity component perpendicular to the magnetic eld. While electrons drift
along the shock front, they are energized by the motional electric eld and eventually re ected to the
upstream. In order for this process to be repeatedly fostered, electrons need to be maintained in the
proximity of the shock front: based on the properties of the shock, this can happen via di erent mech-
anisms. For instance, Guo et al. [2014b] found that for low-Mach number shocks, electron temperature
anisotropy self-consistently generates upstream waves that scatter the electrons back to the shock front in
a Fermi-like process. The nal energy gain due to SDA is

E

= sin\/- (2.19)

Wpa = <22

whereEis the electron speed aridis the travelled distance. The magnetic eld topology is therefore
fundamental, as the e ciency of SDA is much larger for perpendicular shocks.
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Shock sur ng acceleration

In SSA, electrons are accelerated by the convective electric eld after being trapped in the electrostatic
eld at the ramp of high® shocks: a particle is accelerated along the shock front until its kinetic energy
along the shock normal exceeds the electrostatic potential. This potential can be generated by di erent
phenomena, including Buneman instability (see Section 2.1.1). As for SDA, SSA also is most e ective
in quasi-perpendicular shocks, due to the fact that, in quasi-parallel shocks, gyration is partially inhibited
(or totally suppressed, in the limit of exactly parallel shocks), and particles tend to go straight through
the shock, therefore developing a low electrostatic barrier.

Magnetic reconnection

Magnetic reconnection is a process occurring in magnetized plasmas, in which the topological rearrange-
ment of magnetic- eld lines determines the conversion of magnetic energy into other forms of energy,
including particle acceleration. This happens when the uid has a nite resistivity (see Section 3.1), such
that in regions hosting large current densitiesr(ent sheetskld lines are not frozen in the plasma, but

can change their pattern of connectivity. The simplest model of magnetic reconneébvent{Parker
reconnection Sweet, 1958, Parker, 1957] involves oppositely directed magnetic elds and relies on
Ohmic di usion over the contact region: the typical reconnection velocity is constrained by the mass
conservation condition to be much lower that the Alfvén speed, which is orders of magnitude too small
to explain the observed rates [e.g. Zhu et al., 2016]. In the presence of turbulence, however, a stochastic
component is introduced to the magnetic eld, and reconnection rates are severely increased [Goldreich
and Sridhar, 1995]. Reconnection is by itself a viable mechanism for particle energization in di erent
contexts [e.g. Hoshino, 2012], but was also found to be an intrinsic aspect of high-Alfvénic Mach number
shocks [Matsumoto et al., 2015], where turbulence folds magnetic- eld linesmatjnetic islandsire

formed along current sheets in the shock transition region. A mixed second order Fermi-like model
involving reconnection and turbulence has been recently proposed to explain the di use radio emission
in intracluster bridges [Brunetti and Vazza, 2020].

2.3.3 The role of obliquity

The role of obliquity\, i.e. the angle formed by the shock propagation direction and the upstream
magnetic eld, can be summarized by stating that (quasi-)parallel shbdksi6 ) are able to accelerate

ions via DSA, while electrons require pre-acceleration mechanisms (see Section 2.3.2), which usually
occur in (quasi-)perpendicular shocksj( 45). At quasi-parallel shocks, ions are able to propagate
back in the upstream plasma and interact with the incoming ow, hence exciting magnetic perturbations,
which favor the di usion of ions back and forth across the shock (DSA) [Caprioli and Spitkovsky, 2014a].

On the other hand, at quasi-perpendicular shocks, DSA cannot operate spontaneously, since particles are
not able to seed the upstream plasma with self-generated waves beyond one ion gyroradius from the shock
front. Therefore, ion acceleration at quasi-perpendicular shocks can still take place, for example in the
presence of magnetic turbulence, but it may not self-sustain [Giacalone et al., 1994].

2.4 Observational evidence

From Section 2.3, we know that both electrons and ions can be accelerated by Fermi mechanisms
occurring in cosmological shocks where a magnetic eld is present, but the observational counterpart
produced by these energetic particles is di erent depending on the particle's species.
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Figure 2.3: Spectral index map of tihieothbrustrelic between 150 and 63@Hz. Credits: Rajpurohit
et al. [2020].

Di use radio synchrotron emission CR electrons witlseVenergies\V i 10°) movingin a magnetized
medium with " G are able to radiate via synchrotron emission, which can be detected in the radio
domain by facilities such as JVLA, GMRT, LOFAR, MWA, ASKAP, MeerKAT, and in the future by
SKA. The typical sources that have been observed and associated to shocks are radio relics in merging
GCs (see Section 1.2.1). If we assume that the CR energy distribution in the ICM can be described by
a power law [Feretti et al., 2012], then the energy ux follows/ aY, whereU =11 ?2°¢2and? is

de ned in Section 2.3.1. Assuming DSA, the paramétgives an estimate of the shock's Mach number:

r

20 3
2U, 1

sDSA =

(2.20)
Figure 2.3 shows an example of spectral number analysis on the radio relic kndwotharush

Wray hadronic emission CR protons are expected to collide with the thermal ICM and protidegs
via hadronic interactions. The lack of detection of this kind of emission in GCs [Ackermann et al., 2014]
has set upper limits on the abundance of energetic protons that can be accelerated in shocks hosted by
these objects, which appear to be inconsistent with the exp@dtaglemission for DSA in relics [Vazza
et al., 2016].

Several explanations to solve this tension were proposed.

" CR protons are assumed to have lifetimes ol 10 Gyr once injected in GCs due to their
trapping into the tangled intraclsuter magnetic eld [Berezinsky et al., 1997]: Enylin et al. [2011]
rst proposed to relax this assumption by introducing the possibility that CR protons stream out
of the innermost cluster regions faster than the medium's Alfvén velocity, thereby lowering the
expected hadronic emission. The tangled topology of ICM magnetic elds which can be inferred
from rotation measure observations, however, disfavor this scenario.
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" If a shock has evidence of accelerated electrons, but not of accelerated protons (e.g. radio relics),
it has been proposed [e.g. Pinzke et al., 2013] that the radio emission is actually the outcome of
re-accelerated electrons, implying the presence of a pool of fossil electrons. This way, even weak
shocks { 1.3 2¢5) can produce detectable radio emission, while CR proton acceleration is
low enough not to violate Fermi's limit.

The tension could potentially be solved if the shocks' microscopic properties allowed to preferen-

tially accelerate electrons instead of protons: this is expected to be true if the shock obliquity (see
Section 2.3.3) is quasi-perpendicular [Wittor et al., 2020]. This issue will be thoroughly addressed

in Chapter 5.

X-ray thermal bremsstrahlung emission The presence of shocks linked to radio relics can also

be inferred from discontinuities in the X-ray pro le: by deprojecting the surface brightness and gas
temperature pro les, the shock's Mach number can be estimated [Markevitch and Vikhlinin, 2007]
applying the Rankine-Hugoniot jump conditions (see Section 2.2). This method generally obtains lower
" values with respect to the radio estimates [e.g. Akamatsu and Kawahara, 2013, Mazzotta et al.,
2011, Stuardi et al., 2019], which in principle challenges the assumptions made on DSA. Wittor [2021]
investigated this discrepancy by means of mock observations and attributed this e ect on the uctuations
of the ICM [Dominguez-Fernandez et al., 2021] which cause a variation atross the shock front:

while X-ray Mach numbers match the peak of the Mach number distribution, radio Mach numbers
preferentially probe higher- regions of the shock front, which tend to be more radio luminous.

Faraday rotation The analysis of Faraday rotation of radio synchrotron emission allows one to estimate
the magnetic eld strength in GCs. This e ect occurs when a linearly polarized radiation crosses a mag-
netized plasma containing thermal electrons: the right and left-handed circularly polarized components
of the wave propagate at di erent phase velocities, causing a rotation of the polarization angle (rotation
measure" ): 1
= d:
" oyackmie 812 2 = .
’ - G cmd kpc

From'™ measurements, the strength and structure of the magnetic eld can be constrained by means of
semi-analytical approaches, numerical techniqué$ orsynthesis [e.g. Brentjens and de Bruyn, 2005,
Murgia et al., 2004, Bonafede et al., 2010, Guidetti et al., 2008].

(2.21)

Inverse-Compton X-ray emission CR electrons in the ICM must scatter photons from the CMB and

result in a power-law of X-ray emission, additionally to the thermal bremsstrahlung. The absence of

conclusive evidence indicating the presence of this emission allows to infer a lower limit on the ICM

magnetic eld strength: the ratio of the monochromatic ux of intracluster X-ray and sychrotron radio

emission can be written as [Petrosian, 2001]

. = 5c'B)® _ g5 108 _ Photons 'B) a  1)eme 2 L
Synaw cnm?skeVJy 20 keV GHz 2.8 K "G

2190_(2.22)

where = 1? 1°2 ?is the power-law slope of the electron energy distributifg,is the intracluster

ux density, Syncis the synchrotron ux density,cugs is the CMB temperature at the object's redshift
and21?° is a normalization factor. Lower limits on the magnetic eld intensity in clusters and estimates
based orRM are found to be consistent in most cases [e.g. Bonafede et al., 2010, Stuardi et al., 2020].
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2.5 Magnetic elds in the cosmic web

Large-scale magnetic elds are ubiquitous throughout the cosmic web: they are believed to be the result
of ampli cation of so-called seed elds, whose origin is still debated. The proposed scenarios for
magnetogenesis are essentially two.

1. Theprimordial scenario posits that seed elds were already present at the epoch of the CMB,
implying that they have been generated possibly during in ation but they are too weak to be
constrained by CMB measurements [e.g. Turner and Widrow, 1988, Grasso and Rubinstein, 2001,
Subramanian et al., 2006]. Di erent mechanisms for primordial magnetic eld generation would
determine di erent coherence lengths which would be inherited by voids, possibly providing
insights on primordial helicity [e.g. Semikoz and Sokolo , 2005, Campanelli, 2009, Kahniashvili
et al., 2016].

2. Intheastrophysicakcenario, the seed elds are generated at a later stage, during galaxy formation,
possibly powered by galactic winds or AGNs [e.g. VOlk and Atoyan, 1999, Donnert et al., 2009,
Furlanetto and Loeb, 2001]. These processes could have left signatures on the transport of heat,
entropy, metal content and CR production in the forming structures [Planelles et al., 2016].

Figure 2.4 shows di erences in the magnetic eld maps for di erent initial conditions of the magnetic eld
in recent magnetohydrodynamics cosmological simulations similar to the ones analyzed in this thesis.
Additional processes like thBiermann batteryKulsrud et al., 1997], aperiodic plasma uctuations
[Schlickeiser et al., 2012], resistive mechanisms [Miniati and Bell, 2011] and ionization fronts around the
rst stars [Langer et al., 2005] may have been able to further amplify these elds. Within the volume of
self-gravitating halos, where accretion motions are expected to stir mostly turbulence over the timescale
of several Gyr [e.g Miniati, 2014, Vazza et al., 2018a], weak elds can be ampli ed by the small-scale
dynamo mechanism [e.g. Schober et al., 2013, Vazza et al., 2018a, Dominguez-Fernandez et al., 2019,
Quilis et al., 2020]. Given the plethora of mechanisms potentially contributing to magnetogenesis,
the strength of magnetic elds in the cosmic web could in principle span several orders of magnitude:
additionally, the e ciency of magnetic eld ampli cation linked to astrophysical processes is strongly
a ected by the degree of overdensity, making it especially di cult to probe magnetic elds in the most
rare ed environments. In the densest structures, like GCs, observational evidence of the presence of
" Gmagnetic elds coherent oMpc scales can be inferred from di use synchrotron emission, Faraday
rotation, ultra-high energy CRs and fast radio bursts (see Section 2.4).
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Figure 2.4: Simulated volume rendering of temperature (red) and magnetic eld strength (green+blue)
for a primordial scenariol€ft pane) and an astrophysical scenaritght pane). CreditsVazza et al.
[2017]

24



3. Methods: MHD and PIC simulations

3.1 Magnetohydrodynamic simulations

Magnetohydrodynamics allows us to study electrically conducting uids by means of a set of di erential
equations including Navier-Stokes, uid dynamics and Maxwell equations, which generally requires a
numerical approach. This model holds as long as the considered plasma motions are non-relativistic and
slowly varying (with respect to the plasma frequency). The equations required for the MHD description
of plasmas include thequation of continuity

%‘ér 1 dvo = 0- (3.1)

with d density ands velocity; theequation of motion

nv 1 1
— . v rPv= —r?

1 o —
C g ’4Cdr B° B (3.2)

which takes into account the Lorentz forete B° B, with ? gas pressure ar8l magnetic eld; the
conservation of energy
2 1 I} 2

m 1 _ 5 : 1. . o
mCZdEZ’dn’ s = dviE.n o, -, Blv B (3.3)

with ninternal energy per unit mass. The conditions on the electromagnetic eld also require
r B=0 (3.4)

and theinduction equation

%C:r 1y B°, r?B- (3.5)

where_ = 2%14cf ° is themagnetic di usivityandf is the electrical conductivity. In the hypothetical
limit of in nite conductivity, which is appropriate in most astrophysical systems, this becoideal (
MHD),

nB

— =1 1 v BO% 3.6

p—e (3.6)
By combining the equations of continuity and induction equation for ideal MHD, we get

rve (3.7)



This formula describes how the magnetic eld lines are “frozen' in the uid, i.e. the magnetic eld can
be regarded as a plastic material which can be distorted by making the plasma move accordingly (also
known asAlfvén theorem

In general, uid dynamics equations can be solved using two main numerical approaches, namely
Lagrangian and Eulerian: the former consists of studying the uid motions by following an individual
uid parcel as it moves through space and time, while the latter employs a xed mesh in which the uid
ows as time evolves. The most popular Lagrangian scherseisothed particle hydrodynami(SPH),
where the continuous uid is composed by a discrete set of particles by using a kernel to interpolate the
various gquantities over a certain smoothing length. The advantages of SPH lie in the very high resolution
provided in dense regions with relative low computational cost: however this also implies a worse
accuracy in more rare ed regions. Among the most popular SPH codes for cosmological MHD, there
is Gadget [Springel et al., 2001]. The main advantages of Eulerian grid-based simulations, in which
equations are solved in each grid cell, consist in the ability of capturing the formation of shocks and uid
instabilities, also for very low densities, as the ones involving external shocks (see Section 2.2). Eulerian
codes also allow to locally re ne the grid in order to increase the resolution of certain regions with the
lowest amount of computational cost. For these reasons, the simulations analyzed for this work were
performed with the Eulerian codenzo (see Section 3.1.1). Recently, some codes have implemented a
hybrid approach, such &zmo[Hopkins, 2014] and\repo [Springel, 2010]. Several work attempted to
compare between the di erent possible approaches to simulate gas dynamics in cosmological simulations
[e.g. Frenk et al., 1999, O'Shea et al., 2004, Tasker et al., 2008, Mitchell et al., 2009, Scannapieco et al.,
2012] while a detailed comparison between various codes on their ability to properly characterize shocks
in the large-scale structure is provided in Vazza et al. [2011b].

3.1.1 Enzo

Enzo [Bryan et al., 2014] is an open-source, Eulerian grid-based code which provides high spatial and
temporal resolution for modelling astrophysical uid ow, which include an adaptive mesh re nement
module. It supports a wide range of physics including ideal and non-ideal MHD, N-body dynamics,
gas chemistry, radiation transport, cosmological expansion and models for star formation and feedback.
FurthermoreEnzo supports an accurate treatment of the dynamics of supersonic ows and shock waves,
which is especially important for this work's purpose. In the cosmological simulations analysed in the
following chapters, the Eulerian equations of ideal MHD solve@&hyo must include the cosmological
expansion parametér Therefore, for instance, Equation 3.1 becomes

md 1
—_ Zr 1 0 = (e

C 0r dv° =0 (3.8)

The evolution of01C is governed by the second Friedmann equation for the expansion of a spatially
homogeneous and isotropic universe

& 4c 3% 22

0" B O Ze o3 (3:9)

wheredp is the mean comoving mass densi®y, is the comoving background pressure andis the
cosmological constantEnzo combines an N-body particle-mesh solver for dark matter with di erent
MHD methods. The simulations involved in this work were performed adoptingigmewise linear
method which uses linear functions to t the solution in each grid cell [Colella and Woodward, 1984].
In order to maintain the magnetic eld divergence free (Equation 3.4), di erent numerical schemes can

26



be adopted: thdivergence cleaningiethod implemented by Dedner et al. [2002] introduces an arbitrary
function to the magnetic induction equation (Equation 3.5), which allows to keep the divergence as low
as possible by means of “cleaning waves'. The Dedner cleaning method is adopted in the simulation used
for our works: in Ban et al. [2020], we go into more detail and provide numerical tests concerning the
adoption of this method.

3.2 Particle-in-cell simulations

While on large astrophysical scales, where charge separation is negligible, the dynamics of plasma is
well described by MHD laws, on scales smaller than the Debye length one must consider the interaction
between the two particle species. Since mostof the plasma in the Universe is dilute and hot, particles can be
considered to only interact through collective electromagnetic elds. This implies that ions and electrons
can have di erent temperatures and anisotropic distributions, hence di erent kinds of plasma instabilities
can occur. Such a scenario is typical of collisionless shocks, implying a suitable numerical representation
that accounts for particle-electromagnetic eld interaction is required: the proper instrument to simulate
these phenomena is fully kinetic particle-in-cell (P1C) simulations, where individual particles are tracked
in a Lagrangian frame, while elds are computed simultaneously on a Eulerian mesh (Figure 3.1).

This method relies on solving the Vlasov-Maxwell equations. A collisionless plasma can be described
by the distribution function®*x—u— €of each species, i.e. the number of particles per unit volume in the
phase space of velocitiesand positionx at timeC For each kind of particle, i.e. ions and protons, the
Vlasov equation describes the evolution®ih time (in the non-relativistic case):

mb5 m5 @ u mb5
— —. — E, - B —=0 3.10
mCu mx *> < > 2 mu ( )

where(@ls the particle charge; is the particle masg andB are the electric and magnetic eld generated
by the plasma. The elds obey Maxwell's equations:

=
B=" ) — A1
r oJd, oI‘me (3.11)
1m
E= —— 3.12
' 2mC (3.12)
1
rE=d (3.13)
r B=0 (3.14)

with * g vacuum permeabilityy vacuum permittivity,d. charge density andl current density.

3.2.1 Tristan-MP

The code used for PIC simulations in Chapter ristan-MP [TRIdimensional STANford - Massively
Parallel, Spitkovsky, 2005], the parallel version of the code originally developed by Buneman [1993]. It
is written in a modular format in Fortran 95 which relies on MPI and HDF5 libraries for parallelization.
The code allows to initialize di erent problems, including shocks with arbitrary plasma parameters.
Quantities are scaled consistently with= 1 and” o = 1+ 22. By scaling the magnetic eld by a fact@

the equations solved Biristan-MP become

nB
— = 2 E 3.15
mC ' ( )
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Figure 3.1: Schematic representation of the Eulerian grid partitioning the computational domain of PIC
simulations, where particles are free to evolve in a Lagrangian frame.

nE
e 2r B J (3.16)
for the evolution of the electromagnetic eld, and
dp _ v
&-@E, > B (3.17)
m _ p
mC < (3.18)

for the particle evolution under the Lorentz force, wherés the particle's momentum and is the
particle's position. At the beginning of the simulation, electromagnetic elds are initialized with null
divergence by inserting electrons and ions in the same spatial positions. Particles' momenta follow a
drifting Maxwell-Juttner distribution, which takes into account relativistic e ects and the plasma bulk
velocity 2\p. The particle energy distribution follows:

exp YVV\,Sinh L - (3.19)

whereWs the particle Lorentz factor,g = 11 \2° 12, ; is the modi ed Bessel function of the second
kind,\ = :p) *1<229, : is the Boltzmann constan, is the plasma temperature awdis the particle

mass. Spatial and temporal derivatives are calculated using space- and time-centered nite di erence
schemes. Electromagnetic elds are discretized and stored in a staggered grid (Yee lattice, Yee 1966) with
electric elds on cell edges and magnetic elds on cell faces, which ensures a divergence-free magnetic
eld without explicitly solving Equation 3.14. The Lorentz force acting on the particles is obtained with

a tri-linear interpolation function on the electromagnetic elds. Particles' momenta and positions are
evolved with a leap-frog method: this information is used to calculate the current, which is then used as
a the source term in Equation 3.16.
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4. Motivation and thesis outline

This work was developed within the aims of an ERC-founded research project called MAGCOW
(MAGnetized COsmic Web), whose main goal is to investigate the origin of extragalactic magnetic elds

by combining numerical simulations and radio observations. My most important contribution to this
project is to address how CRs are accelerated by realistic shock waves in large-scale structures, as a
function of the topology and amplitude of cosmic magnetic elds. Di erently from other astrophysical
environments, such as supernovae, the acceleration of CR protons by structure formation shocks has still
to be observed. As explained in Section 2.4, the main open question concerns the lack of evidence of
hadronicWray emission in GCs [Ackermann et al., 2010, Arlen et al., 2012, Ackermann et al., 2014],
which yields an upper limit on the CR pressure ratio and, as a consequence, on the ability of shocks to
accelerate protons. On the other hand, evidence for the acceleration of CR electrons is well established
by radio observations, hence many recent works have been dedicated to solve this apparent inconsistency.
Some tension has been lifted thanks to PIC simulations [e.g. Caprioli and Spitkovsky, 2014a, Guo et al.,
2014b,a], which showed that particle acceleration mechanisms di er for electrons and protons, and, in
particular, the relative orientation of the magnetic eld with respect to the shock propagation direction
(obliquity) heavily a ects the acceleration e ciency of either species. With this work, | have examined

the interplay between CR acceleration and extragalactic magnetic elds in three main steps, which also
correspond to either published or soon-to-be submitted articles:

1. In Chapter 5, | analyzed cosmological MHD simulations of the large-scale structure, with the aim
of identifying and characterizing shocks throughout the whole cosmic web. In particular, | studied
the typicalshock obliquity and how this is modi ed by di erent assumptions on the origin and
evolution of extragalactic magnetic elds. Finally, | tackled the issue of the miséinays by
considering the role of obliquity in the acceleration of protons and electrons. This work has been
published in MNRAS [Ban et al., 2020].

2. In Chapter 6, | performed PIC simulations of cosmic shocks, taking advantage of the information
gathered from the previous work. In particular, | simulated shocks with characteristics that are
expected to be found in laments and analyzed the mechanisms that ébstémon acceleration
This work will soon be submitted for publication.

3. In Chapter 7, | focused on the study of the topology of magnetic elds and their evolution in
relation to thecosmic webcomponents. This analysis is especially useful considering that the
orientation of the magnetic eld plays a crucial role in most particle acceleration mechanisms, and
furthermore that the arrangement of magnetic elds around cosmic structures is found to strongly

Ihttps://cosmosimfrazza.myfreesites.net/erc-magcow
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a ect the magnetic eld estimates obtained with rotation measure observations. This work has
been published in MNRAS [Ban et al., 2021].

In the framework of this project, | also had the chance to contribute to works lead by other members of the
MAGCOW group. In particular, | employed some of the algorithms | developed for my analysis in these
published articles aimed at constraining magnetic elds in the cosmic web from both observations and
simulations: Vazza et al. [2021], Locatelli et al. [2021] and Vazza et al. [submitted]. These works will
be brie y discussed in Part IV. Finally, in Part V, | will summarize the results achieved in this Thesis.
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5. Shock waves In the magnetized cosmic web:
the role of obliquity and cosmic-ray acceleration
(Ban et al., 2020)

https://doi.org/10.1093/mnras/staal810

Abstract Structure formation shocks are believed to be the largest accelerators of cosmic rays in the
Universe. However, little is still known about their e ciency in accelerating relativistic electrons and
protons as a function of their magnetization properties, i.e. of their magnetic eld strength and topology.
In this work, we analyzed both uniform and adaptive mesh resolution simulations of large-scale structures
with the magnetohydrodynamical grid co@®zo, studying the dependence of shock obliquity with

di erent realistic scenarios of cosmic magnetism. We found that shock obliquities are more often
perpendicular than what would be expected from a random three-dimensional distribution of vectors,
and that this e ect is particularly prominent in the proximity of laments, due to the action of local
shear motions. By coupling these results to recent works from particle-in-cell simulations, we estimated
the ux of cosmic-ray protons in galaxy clusters, and showed that in principle the riddle of the missed
detection of hadroni®Vray emission by th&ermiLAT can be explained if only quasi-parallel shocks
accelerate protons. On the other hand, for most of the cosmic web the acceleration of cosmic-ray electrons
is still allowed, due to the abundance of quasi-perpendicular shocks. We discuss quantitative di erences
between the analyzed models of magnetization of cosmic structures, which become more signi cant at
low cosmic overdensities.

5.1 Introduction

Shocks in the large-scale structure of the universe are the natural outcome of the accretion of cold,
warm or hot gas onto galaxy clusters or of direct mergers between clusters [e.g. Ryu et al., 2003, Bykov
et al., 2008]. These processes convert a fraction of kinetic energy into thermal energy and into the
ampli cation of magnetic elds and acceleration of CR [e.g. Bykov et al., 2019, for a recent review].
Through cosmological numerical simulations, we can estimate the energetics of CR associated to shocks:
Miniati et al. [2000] provided the rst attempt to simulate shock waves in the large-scale structure with
an Eulerian approach and to derive their Mach number from jump conditions. Following works [e.g.
Ryu et al., 2003, Pfrommer et al., 2006, Vazza et al., 2009, Planelles and Quilis, 2013] found that, for
the majority of shocks in the Universe, the kinetic energy is dissipated in internal shocks with low Mach
numbers? . " . 4), while shocks with Mach numbers up to 1000 are found in lower density
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environments (like the external accretion regions of structures) but they overall process little energy in the
cosmic volume. On the other hand, the acceleration of CRs by rst order Fermi acceleration is expected
to be mainly driven by strong shocks (& 5) [e.g. Ryu et al., 2003, Kang and Jones, 2007, Vazza et al.,
2011b].

Radio observations of Mpc-sized synchrotron emission in galaxy clusters con rm the presence of
di use magnetic elds and relativistic electrons associated with cluster merger shocks [e.g. radiorelics,
see Ferrari et al., 2008, Feretti et al., 2012, van Weeren et al., 2019, for reviews], while at the same time
the lack of hadronidVray detection by théarge Area Telescop@AT) on board of theFermi satellite
[e.g. Ackermann et al., 2010, Arlen et al., 2012, Ackermann et al., 2014] has set stringent upper limits on
the content of CR protons in galaxy clustersX % of the thermal gas energy), which also can be used to
set very low upper limits on the allowed CR acceleration e ciency of structure formation shocks [Vazza
and Bruggen, 2014, Brunetti and Jones, 2014].

Several decades of theoretical works suggest that each kind of particles undergoes di erent levels
of acceleration as a function of plasma parameters and of the pre-existing magnetic eld topology, but
the mechanism that drives this process is still under debate [e.g. Bykov et al., 2019, and references
therein]. CRs typically gain energy by crossing the shock front multiple times through a rst order
Fermi mechanism called di usive shock acceleration [DSA, Bell, 1978], which produces a power-law
distribution of energetic particles. However, unlike protons, electrons need to be pre-accelerated in order
for their small gyro-radius to become comparable to the width of the shock front and e ectively enter
the DSA regime: particle-in-cell (PIC) simulations by [e.g. Caprioli and Spitkovsky, 2014b, Guo et al.,
2014b] suggest that shock drift acceleration [SDA, e.g. Matsukiyo et al., 2011, and references therein]
could be an e cient way for these particles to be pre-accelerated by drifting along magnetic eld lines
down the shock front.

A usually underlooked aspect of particle acceleration from cosmic shocks is the role of shock obliquity
\, de ned as the angle between the shock normal and the up-stream magnetic eld vector (see Figure
5.1). PIC simulations have indeed established the dependence of the acceleration on the shock's Mach
number and obliquity: as a consequence CR electrons have been shown to be more easily accelerated by
quasi-perpendiculadb Y \ Y 135, Guo et al. 2014b) rather than quasi-paraNe¥ (45 or\ j 135)
shocks, while the opposite has been found for protons [Caprioli and Spitkovsky, 2014b]. However,
magnetohydrodynamical (MHD) simulations are necessary to study the conditions that lead to a certain
orientation of the magnetic eld where shocks occur and to the possible prevalence of some obliquities
over others.

The link between obliquity and acceleration e ciency may also be a viable explanation for the
missingWray detection from galaxy clusters, considering that the distribution of random angles in a
three-dimensional space/issin\ , which means that it is peaked at perpendicular shocks. Simulations by
Wittor et al. [2017] have shown that the obliquity distribution of shocks in galaxy clusters progressively
becomes even more concentrated tow&@lsas a result of the passage of several merger shock waves in
the lifetime of clusters. They also estimated that, if the acceleration of CR protons is limited to shocks
with \ Y 50, the hadronid¥ray emission produced by DSA gets much reduced and the tension with
Fermilimits is alleviated, even if not entirely solved. More recent work from Ha et al. [2019] has shown
that in simulated galaxy clusters the amount of kinetic energy ux dissipated by quasi-parallel shocks
and transferred to CR protons is10 4, assuming a DSA model with more recent e ciencies derived
in Ryu et al. [2019]. In this case, the obtainétlay emissions are in line withermis constraints. This
picture has been recently con rmed by cosmological MHD simulations by Wittor et al. [2020].

However, we notice that Ha et al. [2019] did not use MHD simulations of large-scale structures (but
rather a simpler approach involving the evolution of passive magnetic elds via the induction equation),
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Figure 5.1: The Figure shows the two-dimensional projection of the process of shock crossing on
magnetized plasma in the rest frame of the pre-shock. The left panel shows the pre-shock con guration;
the central panel represents the obliquity.e. the angle formed by the shock propagation direction and
the pre-shock magnetic eld,and= 90 j90 \] (for acute angles, ); the right panel shows the
magnetic eld modi cation after shock crossing, i.e. the ampli cation of its perpendicular component.

while Wittor et al. [2017] did not focus on the properties of shock acceleration at the scale of laments,
which are expected to be a major contributor to the total mass content of galaxy clusters. Moreover,
the above works were limited to explore the dependence of shock acceleration on the magnetic elds
generated by single possible scenarios for the origin of extragalactic magnetic elds, which is still debated
[e.g. Donnert et al., 2009, Vazza et al., 2017].

Our work expands on the above points, using new MHD simulations tailored to determine the typical
obliquity of cosmic shocks in the acceleration of relativistic particles across the cosmic environment,
its potential dependence on magnetogenesis and its e ect on the acceleration e ciency of electrons and
protons.

The paper is structured as follows. In Section 5.2, we describe the computational setup for the
simulations and we outline the approach used to nd and characterize shocks. In Section 7.3, we present
our results for obliquity and CR acceleration estimates. In Section 5.4, we describe the implications of
our results on observations. In Section 5.5, we discuss the validity and limitations of our analysis. Finally,
Section 5.6 contains a brief summary and conclusions. In the Appendix, we clarify some details about
the analysis.

5.2 Methods

5.2.1 Simulations

We simulated the formation of cosmic structures with the Eulerian cosmological magnetohydrodynamical
codeEnzo [Bryan et al., 2014], which couples an N-body particle-mesh solver for dark matter (DM)
[Hockney and Eastwood, 1988] with an adaptive mesh re nement (AMR) method for the baryonic matter
[Berger and Colella, 1989]. We adopted a piecewise linear method (PLM) [Colella and Glaz, 1985], a
reconstruction technique in which uxes are computed using the Harten-Lax-Van Leer (HLL) approximate
Riemann solver, and used time integration based on the total variation diminishing (TVD) second-order
Runge-Kutta (RK) scheme [Shu and Osher, 1988]. We used the Dedner cleaning MHD solver [Dedner
et al., 2002] to keep the divergence of the simulated magnetic eld as small as possible. This method has
been tested multiple times in the literature, showing that despite the relatively large rate of dissipation
introduced by its cleaning waves , it always converges to the correct solution as resolution is increased,
at variance with other possible divergence cleaning methods [e.g. Stasyszyn et al., 2013, Hopkins and
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Raives, 2016, Tricco et al., 2016]. We refer the reader to more recent reviews for a broader discussion of
the resolution and accuracy of di erent MHD schemes in properly resolving the dynamo in cosmological
simulations [Donnert et al., 2018].

In this work, we present the analysis of two kinds of simulations (described in more detail in the next
two Sections): a suite of runs employing a xed spatial/mass resolutio83 kpe cell comoving) to
simulate the cosmic web on a representative cosmic volume and for di erent scenarios of the origin of
magnetic elds, and single cluster re-simulations using nested initial conditions, which allow us to study
magnetic eld topology at high resolution (25 kpe cell comoving) for a speci ¢ scenario of cosmic
magnetism.

5.2.2 Static grid simulations

We simulated a volume of ¢ 85 Mp®2 (comoving) sampled with a static grid D24 cells: the
decision to neglect AMR allows us to maintain a resolved description of magnetic elds even in low-
density regions. These datasets are extracted from the Chronos++1,swhech includes a total of

24 simulations aimed at exploring di erent possible scenarios concerning the origin and evolution of
magnetic elds in the cosmic web environment [Vazza et al., 2017]. Here, we focus on four of the most
realistic models, characterized by relevant variations of the topology of magnetic elds, which is very
interesting for our study:

1. baseline : non-radiative run with a primordial uniform volume- lling comoving magnetic eld
o = 1 nGat the beginning of the simulation;

2. Z :non-radiative run with a primordial magnetic eld oriented perpendicularly to the velocity
vector, as in Vazza et al. [2017]; in order to ensure thaB 0 at the beginning, the starting
magnetic eld vectors were initialized perpendicularly to the three-dimensional gas velocity eld
computed with the Zel'dovich approximation [e.g. Dolag et al., 2008], so that a purely solenoidal
initial eld is produced and thus enforce the B 0 condition construction. The r.m.s. values of
each component generated with the Zel'dovich approximation are renormalized within the cosmic
vquFg’ne, in order to match the same level of seed magnetic eld as in the baseline primordial run,
ie. h?2i= g

3. DYN5 : non-radiative run with sub-grid dynamo magnetic eld ampli cation. The small-scale
dynamo ampli cation of a weak seed eld of primordial origin § = 10 ® nG comoving) is
computed at run-time. In this model, the dissipation of solenoidal turbulence into magnetic eld
ampli cation is estimated at run-time based on the measured gas velocity vorticity in the cells,
with a ow Mach number-dependent e ciency derived from Federrath et al. [2014]. This model
attempts to bracket the possible residual amount of dynamo ampli cation which can be achieved
in low density environments as suggested by other works [e.g. Ryu et al., 2008], but is lost due to
nite resolution e ects [see Vazza et al., 2017, for more details];

4. CSFBH2 : radiative run with an initial background magnetic eld, = 10 1° nG (comoving)
including gas cooling, chemistry, star formation, thermal/magnetic feedback from stellar activity
and active galactic nuclei (AGN). In this model, supermassive black hole (SMBH) particles are
initially added to the simulation dt= 4 at the center of massive halos as seeds, with an initial
mass of" gno = 10° M [Kim et al., 2011]. From that moment on, they accrete matter from

Thttp://cosmosimfrazza.myfreesites.net/the_magnetic_cosmic_web
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the gas distribution in the grid based on the spherical Bondi-Hoyle formula, assuming a xed
0«01 M eyr accretion rate and a boost factor to the mass growth rate of SMBdd{zi = 100Q

calibrated to balance the unresolvable gas clumping in the innermost accretion regions). Star

forming particles are also generated on the y based on the Kravtsov [2003] star formation recipe,

which also accounts for the thermal feedback of star formation winds onto the surrounding gas. In

this simulation we coupled tHenzo thermal feedback from SMBH and from star forming particles

to the injection of additional magnetic energy via bipolar jets, with e cienanggy = 10 % and

NeHb = 1 % for the star formation and SMBH respectively, referred to the correspori@rg

energy accreted in the two processes. While all above prescriptions obviously represent a gross

oversimpli cation of the very complex physics behind star formation and black hole evolution, such

ad-hoc models have been calibrated and chosen out of the larger sample of simulations tested in

Vazza et al. [2017] as they provide a good match to the observed cosmic average star formation rate

as well as to observed galaxy cluster scaling relations. Our main purpose in using this model is to

have a realistic representation of the impact of galaxy formation physics o 1 kpcscales

which are relevant for our study of cosmic magnetism and structure formation shocks.

The cosmological parameters were chosen accordingly @M cosmology: o = 67-8km s Mpc 1,
p = 000468 ., = 0308 = 0692 andf g = 0«815[Planck Collaboration et al., 2016]. In the fol-
lowing, we will refer to these simulations as to the Chronos runs.

5.2.3 Nested grid simulations

To study the evolution of obliquity and magnetic elds around galaxy clusters at a resolution more
comparable to the one of radio observations, we also examined six simulations from the San Pedro
suite2 [Wittor et al., 2020]. This set of simulations uses nested grids to assure a uniform resolution even
at the most re ned level. Each cluster was extracted from the box with a root-grid siZ08Mpe3
sampled wit256° cells. A region of 65 Mpc®® 948 Mpc®3 was further re ned using ve levels, i.e.

2° re nements, of nested grids. The procedure guarantees a uniform resolutio@®kpccomoving
around the clusters, from the beginning to the end of the run. The sizes of the nested regions ensure that
their volume is at lea5® times larger than the volume enclosed!g&)?; The initialization of the nested

grids was performed usingUSIC [Hahn and Abel, 2011]. In each simulation, the initial magnetic eld

is uniform and takes a value 6#1 nG (comoving) in each direction. The six clusters used in this work
are characterised by di erent evolutionary stages, ranging from pre-merger, over actively merging, to
post-merger.

We note that these simulations use slightly di erent cosmological parameters than the Chronos runs
(see Section 5.2.2). The parameters of these runs are based on the latest results from the Planck-
collaboration [i.e. Planck Collaboration et al., 2018]p = 6766 kms! Mpc %, = 004831914

m = 03111, = 06889andf g = 08102 Furthermore, for code stability issues at the xed
re nement regions in this case we used the somewhat more di use Local Lax-Friedrichs (LLF) Riemann
solver to compute the uxes in the PLM. In the following, we will refer to the set of nested simulations
as to the San Pedro runs.

ttps://dnswittr.github.io/proj_sanpedro.html
Moo is de ned as the radial distance from the cluster center inside which the mean de@8itirmes the critical density.

36



5.2.4 Shock nder

The shock nding method is applied in post-processing and it is based on Ryu et al. [2003], with the
changes explained in Vazza et al. [2009]. It allows to determine the Mach ndmbéa shock from the
velocity jump E 0 between pre-shock and post-shock cells:

3.1 "

E=2B——%— (5.1)

whereEs = "2 gand2gis the sound speed of the pre-shock cell. The procedure is the following:

1. candidate shocked cells are selected with the constraint on the three-dimensional velocity divergence
r vYO;

2. for each Cartesian direction, the pre-shock (post-shock) cell is identi ed as the one with the
minimum (maximum) temperature at a distanc& from the candidate cell. We investigated
di erent values for G= 1-2-3, which serves as a stencil for the computation of the Mach number
via jump conditions. This is motivated by the fact that numerical shocks (especially if they are
oblique with respect to the grid) are not an ideal discontinuity but are typically broadened across a
few cells: hence, the jJump conditions must be computed over a large enough distance. Our tests
have shown that the optimal choice here G= 1, since larger steps would include the contribution
of contaminating ows unrelated to the shock, consistently with previous work [Vazza et al., 2009];

3. the shock Mach number is given by Equation 5.1 for each of the three dimensions, preceded by a
sign indicating the orientation of the velocity jump: in case multiple contiguous cells are agged
as shocked along the same direction, those with the lowest absolute Mach number are discarded;

q

4. the nal Mach number is calculated &s= " &, " 4, " ? and it is assigned to the post-shock

cell;

5. only shocks above a certain threshold of Mach number (which we calibrated depending on the
resolution of the speci ¢ simulation, see Section 5.3.2) are considered in order to prevent spurious
identi cation in the complex gas ows of galaxy clusters [e.g. Vazza et al., 2009].

The three components of the Mach number give the direction along which the shock propagates, i.e.
the normal to the shock front.

5.2.5 Shock obliquity

The obliquity is computed as the angle between the propagation direction and the magnegim ¢k
pre-shock cell:

\ = arccos ——C . (5.2)

and it ranges fron® to 180 . In the following analysis we will mostly refer to the quantity de ned
as = 90 j90 \j, which ranges fron® to 90 : this way, for example, shocks with= 20 and
\ =160 are considered equivalent in terms of CR acceleration e ciency (see Figure 5.1).

During step (iii) of the shock nding procedure, for each shock we identify three pre-shock cells,
one for each direction, in order to compute the Mach number compohefts yand" | from jump
conditions. Knowing the up-stream magnetic eld orientation is necessary to measure the shock obliquity,
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Figure 5.2: Sketch of the adopted procedure to identify the pre-shock region (red) of a post-shock cell
(yellow) in our simulation, under the prior that the numerical shock structure is always spread over at
least three cells (here a simple two-dimensional case is given for simplicity).

so we need to identify a single cell as the pre-shock. Determining the proper pre-shock cell for each
identi ed shocked cell is not always a trivial operation, as in converging ows or shocks with complex
pre-shock conditions this operation is a ected by some level of uncertainty, and numerical shocks are
typically spread over (at least) three cells. Hence, to locate the pre-shock of a given shocked cell, we
have to move two cells away, along the direction suggested by the measured Mach number. Figure 5.2
gives the example of the reconstruction of post-shock and pre-shock cells for an oblique shock (limited to
the two-dimensional case for simplicity). In this analysis, we choose the pre-shock cell as the one that is
bound to be crossed by the shock at the following timestep in the simulation. In practice, a cell is tagged
as a pre-shock cell, if a) it is located in the up-stream of the shock, b) it lies along the shock normal and
c) itis located at a distance of two grid cells from the post-shock cell.

This approach has provided reasonable identi cation of pre-shock cells, which can be we visually
checked in the case of large-scale shocks, such as those surrounding cosmic laments or galaxy clusters.
Another way to determine the reliability of this method is to evaluate the conservation of the component
of the magnetic eld parallel to the putative shock normal, as required by idealized MHD: we discuss
this issue in more detail in Appendix 5.7.1.

Figure 5.3 gives an example of the distribution of shocks around a galaxy cluster (and around azoomed

lament) as well as of their obliquity, as measured by our method. Shocks are distributed around the
cluster and the laments with a large range of angles, yet with a clear predominance of quasi-perpendicular
geometries ( i 45). A higher resolution view of the distribution of shock obliquities around clusters
and during their formation will be given in more detail in Section 5.3.2.

5.3 Results

5.3.1 Analysis of full cosmic volumes

Thermal, magnetic and shock properties at =0

First, we analyze the nal properties of shocks and magnetic elds in our four di erent Chronos unigrid
runs, described in Section 5.2.2. In Figure 5.4, we show the projected maps of gas density, DM density,
gas temperature and magnetic eld strength integrated along the line of sight, for our baseline simulation
atl = 0. The maps show the usual clustering of cosmic matter into galaxy groups and galaxy clusters
( 10° K in the projected temperature map), cosmic lamentd(* 10° K) and voids. Following from

the density contrast formed within structures, as well as partially from the dynamo ampli cation within
the largest halos, the projected magnetic eld varies over two orders of magnitude from voids to halos. In
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Figure 5.3: Density slice of the baseline simulation at reddhift 0, with shocks color-coded by
obliquity: the highlighted square on the left is zoomed on the right, where the arrows represent the
projected magnetic eld and Mach number. The box length 1 Mpcon the left and 16 Mpc on

the right.

reality, the range of di erence in the three-dimensional grid is even higher, and the magnetic eld within
halos can reach 0<1 1 G (e.g. Figure 5.12 below). For other visualizations of the distribution of
magnetic elds in these runs we refer the reader to Vazza et al. [2017] and Gheller and Vazza [2019].
From the combination of the above trends we can expect that the thermal gas energy and the magnetic
energy (and possibly their ratio) can vary very signi cantly across the simulated volume.

In particular, the relative importance of the thermal component with respect to the magnetic component
in a magnetized plasma is parametrized by the qualtity=:g) ** 2¢8c®, de ned as the ratio of the
thermal pressure over the magnetic pressure. In Figure 5.5, we show the valtiesloé same slice of
volume for the four simulations. In all runs, there is a considerable di erence between the valies of
virialized structures and in voids, but the trends are opposite for the rst two and last two runs, and are
mostly driven by the di erent scenarios for magnetogenesis. The baseline and Z simulations are overall
characterized by low values & due to their stronger seed magnetic eld. In such cagéshighest in
clusters and laments, owing to the larger value of gas pressure there. On the other hand, in runs with
weak seed magnetic elds (DYN5 and CSFBH2) the thermal pressure in voids always dominates over
the very weak magnetic pressui (1), while dynamo and stellar evolution amplify magnetic elds
toV 1 10? only within dense structures. Therefore, in our scenarios there are several environments
in which the e ect of magnetic pressure is not negligible compared to the thermal pressure. However,
it shall also be noticed that even wheve 1, in the cosmic volume the kinetic ram pressure is always
dominant, due to the typically large 10 10° km s 1) infall motions induced by accretions: hence, in
most cases the magnetic elds are still being passively advected in the cosmic volume.

We analyzed shocked cells in the simulated volume and we selected only shocKsjwit®, since
weaker shocks are expected to be unable to accelerate CRs [Ha et al., 2018c]: identi ed shocks in all
runs correspond to 2 % of the total number of cells. In Figure 5.6, we show the distribution of shock
Mach numbers in the entire volume. The shape is consistent with previous results from the literature
[e.g. Ryu et al., 2003], i.e. cosmological shocks belong to two distinct populations, external and internal

39



Figure 5.4: Maps of average gas density, DM density, temperature and magnetic eld volume-weighted
along the line of sight for the baseline simulatiori & 0. The box length is 85 Mpc
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