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Abstract

Cosmic collisionless shocks are highly energetic phenomena in which different non-thermal processes
take place. Above all, particle acceleration is arguably the most important, and observations of its
signatures can be a powerful tool to constrain the local plasma and magnetic properties at the acceleration
site. Within large-scale structures, the presence of cosmic rays can be revealed by means of different
detection approaches, depending on the particle species: relativistic electrons can emit in radio via
synchrotron radiation (which can be observed in radio relics), while energetic protons can interact with
thermal protons of the intracluster medium and emit in the W-ray band. Both electrons and protons
in large-scale structures should in principle be accelerated by a kind of first order Fermi acceleration
mechanism, known as diffusive shock acceleration: however, only evidence of cosmic-ray electrons has
been detected so far in galaxy clusters, while no signatures of cosmic-ray proton acceleration have been
reported. Connecting these two observational facts with a realistic view of shock formation and magnetic
field evolution in cosmic structures is the main motivation of this Thesis’ work. With a comprehensive
analysis from ‘macroscopic’ to ‘microscopic’ scales, I address the missing W-ray issue by means of
advanced numerical simulations, in which extragalactic magnetic fields are evolved together with the
dynamics of large-scale structures. In particular, I attempt to link the cosmic-ray acceleration efficiency
of shocks in the cosmic web to the magnetic field topology, while also studying how different proposed
scenarios for magnetogenesis can affect these properties. The primary factor at play is the shock obliquity,
i.e. the angle between the shock propagation direction and the underlying magnetic field. In this work,
I first determine the distribution of obliquity in large cosmological simulations as a function of the
medium in which the shock takes place and identify two main categories of shocks, i.e. merger shocks
typical of galaxy clusters and accretion shocks occurring in filaments. In the course of this analysis, I
detect a pattern in the arrangement of the magnetic field around filaments and perform a quantitative
study of the topological properties of the behavior of the magnetic field surrounding the components
of the cosmic web. Finally, shocks in filaments are more closely investigated with new particle-in-cell
simulations tailored to tackle this issue on much smaller scales, where the evolution of electrons and
protons can be followed from first principles, and the actual acceleration efficiency by realistic shocks
can be measured. The new insights obtained from these numerical simulations provide a useful tool for
the correct interpretation of observations and to estimate the magnetic properties that can be inferred,
e.g. from Faraday rotation measurements.
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1. The cosmic web

1.1 Structure formation
According to the Λ cold dark matter model, the recent Universe’s evolution (for redshifts I & 0.6) is
dominated by dark energy (≈ 68 % of the total energy density), responsible for its accelerated expansion,
and dark matter (≈ 27 %), which drives the structure formation process; the remaining ≈ 5 % includes
all forms of ordinary matter. In the cold dark matter scenario, inhomogeneities of the primordial density
field were amplified by gravity in a ‘bottom-up’ scenario in which small-scale structures formed first
and subsequently clustered into larger ones. Hierarchical clustering has led to the assembly of different
structures, characterized by being either underdense or overdense to different extents, like voids, walls,
filaments and halos. All of these elements constitute the so called cosmic web, a network of dark and
baryonic matter, which links all kinds of structures in a distinctive, complex arrangement. The basics
of the current understanding of how the cosmic web formed have been proposed by Bond et al. [1996],
who combined the Zel’dovich approximation [Zel’dovich, 1970], according to which structures arise
from the compression of matter along a preferential axis (‘pancaking’), to the Press-Schechter formalism
[Press and Schechter, 1974], which assumes that each object is formed by gravitational collapse of a
density fluctuation in the primordial field: while the Zel’dovich pancaking successfully explains the
anisotropy in the distribution of matter on largest scales following a linear regime, the Press-Schechter
formalism is better suited for the non-linear phase of collapse, compatibly to a hierarchical clustering
scenario. Following Bond’s theory, matter distribution can be described by a global quadrupolar field
which determines the local tidal shear at the density peaks and leads to the formation of the typical
cluster-filament-cluster configuration at the base of the cosmic web’s structure [Bond et al., 1996]. The
formation of structure can be described by the set of equations including the continuity equation for mass
conservation:

mX

mC
+ 1
0
∇ · (1 + X)v = 0, (1.1)

Euler’s equation for gravitational and pressure forces:

mv
mC
+ ¤0
0

v + 1
0
(v · ∇) v = −1

0
∇Φ, (1.2)

and Poisson-Newton’s equation for the gravitational potential:

∇2Φ = 4c�d< (C)0(C)2X(r, C), (1.3)

where r is the comoving position, X(r, t) = d(r)/du − 1 is the density fluctuation field with respect
to the cosmic background total mass density du, 0(C) is the universe average expansion factor, v is the
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peculiar velocity and Φ(r, C) is the gravitational potential. At its early stages, time evolution of density
perturbations X(r, t) can be condensed in the following linearized equation:

m2X

mC2
+ 2
¤0
0

mX

mC
=

3
2
Ω<0�

2
0

1
03 X, (1.4)

where �0 is the Hubble constant and Ω<0 is the current (ordinary + dark) matter density parameter.
Later stages of the gravitational clustering process are instead characterized by a non-linear growth phase
where typical complex patters of the cosmic web begin to emerge [see Springel, 2005, and Figure 1.1].

1.2 Halos
When a positive density fluctuation becomes sufficiently overdense, it will accrete more and more matter
until fully collapsing in a gravitationally bound object. When an approximately spherically symmetric
density peak on ∼ Mpc scales enters the non-linear growth phase, it eventually reaches virial equilibrium,
in which kinetic and gravitational forces are balanced, and a halo is formed.

Shape Although a spherical collapse model is usually a reasonable approximation, halos are actually
triaxial structures [Jing and Suto, 2000], meaning that the overdensity started collapsing along each axis
at different times, namely the shortest axis collapses first, then the intermediate and eventually the longest
one [Shen et al., 2006].

Mass distribution By adopting the model of spherical collapse, we can approximately compute the
number density = of dark matter halos as a function of their mass " and redshift I (Press-Schechter
model, Press and Schechter 1974). According to this model, =(", I) is a decreasing function of mass,
with an exponential decrease for large ": in particular, halos with " & 1015 "� are very rare (with a
frequency of approximately one in a 107 Mpc3 volume, compatibly with the fact that the closest massive
cluster, Coma, is about 100 Mpc away from us). The distribution of halos also depends on redshift: the
minimum density contrast required for a collapse before a certain redshift increases with I proportionally
to a growth factor, which is in turn dependent on the assumed cosmological model (larger for smaller
Ωm). More sophisticated mass functions can be derived considering the triaxiality of halos [Sheth and
Tormen, 1999].

Density profile As pertains to the internal halo structure, the radial mass profile can be inferred from
numerical simulations. As a first approximation, we can describe a halo as the spherical region enclosed
within the virial radius A100, i.e. the distance from the halo center at which the average inner density is
∼ 100 times larger than the critical density

dcr =
3�2

8c�
≈ 8.5 × 10−30 g/cm3 (at I = 0); (1.5)

thus, we can also define the virial mass:

"100 =
100A3

100�
2

�
(1.6)

and the virial velocity, i.e. the circular velocity at the virial radius:

E100 =

√
�"

A100
. (1.7)
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Figure 1.1: Galaxy distribution from spectroscopic redshift surveys and frommock catalogues constructed
from cosmological simulations showing the typical filamentary structure of the cosmic web. Credits:
Springel et al. [2006]
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The typical dark matter density profile of halos averaged over spherical shells was proposed by Navarro
et al. [1997] (NFW-profile), which is described by:

dDM(A) = dDM,s

[(
A

AB

) (
1 + A

AB

)2
]−1

, (1.8)

where AB and dDM,s are the characteristic scaling radius and density. We can define the concentration
index of a halo as 2 = A100/AB.

Angular momentum Halos acquire angular momentum from environmental tidal torques during the
early stages of structure formation [Hoyle, 1949, Peebles, 1969], resulting in the misalignment of the
inertial and tidal shear tensor. This model, named tidal torque theory [Doroshkevich, 1970,White, 1984],
predicts an alignment between the angular momentum and the intermediate axis of the shear: in other
words, this should imply that halos spin around an axis which is preferentially aligned to the direction of
the wall and orthogonal to the filament. Numerical simulations [e.g. Porciani et al., 2002] have shown a
good agreement with such prediction for high-mass halos, but an opposite correlation for low-mass ones.
Codis et al. [2012] suggested a dynamical scenario that explains the opposed behavior of halo spins as
a function of mass by taking into account that two main different processes lie behind mass acquisition,
namely smooth accretion and mergers. During smooth accretion the halo mass grows in a steady process:
if the halo is found within a filament, its angular momentum is built up parallel to the neighboring
filament from vorticity transfer [Pichon et al., 2011]. Above a certain transition mass (∼ 5 × 1012 "�,
e.g. Aragón-Calvo et al. [2007]), mergers dominate the acquisition of spin: drifting halos generally flow
along the filament, leading to the spin orienting orthogonally to the filament. The spin acquired by halos
is parameterized through the dimensionless spin parameter

_ =
� |� |1/2

�"5/2 , (1.9)

where �, � and " are the total angular momentum, energy and mass of the halo. This parameter
corresponds to the ratio of the rotational and total energy of the system, i.e. indicates the importance of
angular momentum with respect to random motion.

1.2.1 Galaxy clusters
The baryons contained in dark matter halos eventually cool and condense, until galaxies are formed at
the bottom of potential wells [White and Rees, 1978]. Halos hosting ∼ 50 galaxies in a volume of a
few Mpc3 [Abell, 1958] are called a galaxy clusters (GCs), which are the largest gravitationally bound
systems in the Universe and make up ∼ 12− 16 % of the cosmic mass. An undisturbed GC is expected to
relax into hydrostatic equilibrium on timescales of the order of the sound crossing time [Sarazin, 2002]:

CB =
�

�B
≈ 6.6 × 108yr

(
)

108 K

)−1/2 (
�

1 Mpc

)
, (1.10)

where � is the diameter of the cluster and 2B in the sound speed. This time interval is much shorter than
the cluster’s age (of the order of the Hubble time), implying that the gas should be close to hydrostatic
equilibrium. Assuming that thermal conduction is efficient, we can consider the gas in a GC to be
isothermal: this, in addition to the assumption of an isotropic gaussian velocity distribution for galaxies,
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allows to apply the so called V-model to the gas density distribution [Cavaliere and Fusco-Femiano,
1976]:

dgas(A) = dgas,0

[
1 +

(
A

A2

)2
]−3V/2

, (1.11)

where d0 is the central gas density, A is the radial coordinate and A2 is the core radius. Knowing the
gas density distribution, the gas mass "gas can be inferred by integrating inside a certain radius. The
condition of hydrostatic equilibrium allows to estimate the total gravitational mass

" (A) = − A2

�d(A)
d%
dA
. (1.12)

The total mass of galaxies "gal can be obtained from optical observations, knowing a priori the mass-to-
light relation in GC [Proctor et al., 2015, Shan et al., 2015], such that also the dark matter mass can be
calculated:

"DM(A) = " (A) − "gas(A) − "gal(A). (1.13)

On average, the percentages of these components are ≈ 5 %, ≈ 15 % and ≈ 80 % for galaxies, gas and
dark matter, respectively.

Intracluster medium

The gas component of GCs is also called intracluster medium (ICM), which is hot () ∼ 107 − 108 K),
rarefied (= ∼ 10−4 − 10−3 cm−3) plasma composed of fully ionized hydrogen, with a small percentage
of helium and heavy elements [e.g. Sarazin and White, 1987, Ettori et al., 2009]. The ICM is typically
permeated by ∼ `G magnetic fields on kpc scales: the level of magnetization can be parametrized by the
plasma V-parameter VP = 8c=:B()i +)e)/�2, which is usually of the order of ∼ 100, where )i and )e are
respectively the ion and electron temperature. The ICM is mostly optically thin, i.e. the mean free path
of photons is large enough to allow them to escape once emitted. Numerical simulations [e.g. Ryu et al.,
2008, Vazza et al., 2011a, Vallés-Pérez et al., 2021] show that turbulence is widespread in the ICM: the
small-scale components of turbulence can generate dynamo action, which effectively amplify the weak
magnetic field by stretching the field lines [e.g. Cho, 2014].

Thermal processes in galaxy clusters

At temperatures higher than ∼ 107 K, optically thin thermal bremsstrahlung is the main process respon-
sible for ICM cooling [see Sarazin, 1986, Böhringer and Werner, 2010, for reviews], which can be
observed as X-ray radiation. The typical luminosity of a GC is !X ∼ 1043 − 1045 erg s−1. This process,
also known as free-free radiation, is produced by the de-acceleration of electrons in the ion’s Coulomb
field, so its emissivity depends on electron density =e and plasma electron temperature )e as

na ∝ =2
e)
−1/2
e exp(−ℎa/:B)e), (1.14)

where ℎ is the Planck constant, a is the radiation frequency and :B is the Boltzmann constant. From the
spectral analysis of X-ray emission, it is possible to estimate the gas temperature, density, and eventually
mass: by projecting the V-model profile on the sky plane, the X-ray surface brightness distribution is
found as:

(X(A) = (X0

[
1 + A

Ac

]−3V+0.5
, (1.15)
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Figure 1.2: Galaxy cluster Abell 2744. Left panel: X-ray emission from thermal ICM (Chandra
0.5 − 2.0 keV band). Central panel: 1 − 4 GHz VLA image tracing cosmic rays and magnetic fields.
Right panel: hot gas in the GC and the surrounding filaments (XMM-Newton/EPIC 0.5−1.2 keV band).
Credits: Pearce et al. [2017], van Weeren et al. [2019], Eckert et al. [2015].

with (X0 X-ray surface brightness at the center of the cluster. Based on the gas properties of GC, we
can distinguish between cool-core clusters and non cool-core clusters [Molendi and Pizzolato, 2001,
Sanderson et al., 2009]. In the first ones, strongly peaked X-ray emissitvity in relaxed systems can cause
efficient cooling in the densest regions and determine a drop in the temperature profile of the GC. If gas
cools due to X-ray emission, hydrostatic equilibrium cannot be maintained on timescales of

Ccool = 8.5 × 1010 yr
( =e

10−3 cm−3

)−1
(

)

108 K

)1/2
, (1.16)

which is typically longer than the Hubble time, but not in the densest regions undergoing rapid gas
cooling. In order to re-establish pressure equilibrium, gas needs to flow inwards: so called cooling
flows, however, have only been predicted theoretically, while no X-ray observation seems to validate this
phenomenon. As a consequence, there has to be some alternative heating source, like a central active
galactic nucleus (AGN) [Peterson and Fabian, 2006, McNamara and Nulsen, 2007]. On the other hand,
non cool-core clusters are typical of disturbed systems with shallower X-ray emissitivity [Leccardi et al.,
2010].

Non-thermal processes in galaxy clusters

The occurrence of non-thermal processes in GC, such as particle acceleration (see Section 2.3) or
turbulence, is inferred by radio observations of diffuse synchrotron emission [see Ferrari et al., 2008,
van Weeren et al., 2019, for reviews]. Based on the location and morphology of radio-emitting regions,
three different kinds of diffuse emissions can be identified: halos, mini-halos and relics [Feretti and
Giovannini, 1996]. Radio halos are circular regions of ∼ Mpc size found in the center of massive,
dynamically disturbed galaxy clusters with no optical counterpart; mini-halos are smaller and are located
in relaxed cool core clusters; radio relics are extended sources usually found in the cluster’s periphery
which show strong polarization. More detailed information about the observational signatures of these
processes will be provided in Section 2.4. Figure 1.2 shows an example of galaxy cluster detection,
including both thermal and non-thermal observables.
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1.3 Filaments, sheets and voids
Analogously to halos, whose shape is regulated by the subsequent collapse of matter along the three axes,
filaments and sheets are the outcome of an overdensity collapsing along two or one axis, respectively.
The low-density regions enclosed by filaments and sheets are known as cosmic voids. They have typical
diameters of 10− 100 Mpc and contain very few or no galaxies and up to ∼ 10− 15 % of the total cosmic
mass.

Filaments are elongated structures, up to ∼ 100 Mpc long, connecting halos which are otherwise
surrounded by voids. Simulations suggest that they are filled by the so called warm-hot intergalactic
medium, WHIM, characterized by ) ∼ 105 − 107 K temperatures and =e ∼ 10−6 − 10−4 cm−3 densities
[Cen and Ostriker, 1999, Davé et al., 2001]. They contain up to ∼ 50 % of the entire cosmic mass [Gheller
et al., 2015]. Filaments are likely to be permeated by magnetic fields and to host cosmological shock
waves as a consequence of the continuous accretion of cold gas (see Section 2.2). There has been only a
limited amount of direct observations of filaments in the soft X-ray band [e.g. Werner et al., 2008] and in
the radio band [e.g. Farnsworth et al., 2013], as well as by staking of images in the low-frequency radio
[Vernstrom et al., 2021] and in the X-ray [Tanimura et al., 2020] band. The Sunyaev-Zel’dovich effect,
caused by the inverse Compton scattering of cosmic microwave background (CMB) photons with free
electrons in the WHIM, has also been used to probe filaments connecting GCs [e.g. Planck Collaboration
et al., 2013, Tanimura et al., 2019a, de Graaff et al., 2019]. We expect these structures to be surrounded
by strong accretion shocks [e.g. Ryu et al., 2003], which makes them of great interest in view of their
possible detection by, for instance, the Square Kilometre Array, as will be further discussed in Section
2.4.
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2. Shocks and magnetic fields in the cosmic web

2.1 Collisionless plasmas
Particle motions in a collisionless plasma are regulated by long-range electromagnetic interactions. For
a typical ICM environment [Caprioli et al., 2019],

_C
_D
∼ 103, (2.1)

where _C is the particles’ mean free path against Coulomb collisions and _D is the Debye length, defined
as the scale over which electric fields are screened out by a redistribution of the electrons. In the absence
of external fields, the non-relativistic equation of motion of a particle of mass < and charge @ is subjected
to the electromagnetic fields produced by the other particles according to

<
du
dC
= @

(
E + u

2
× B

)
. (2.2)

If a particle has an initial velocity E⊥ perpendicular to a uniform magnetic field B, it will move in a circle
lying in the plane transverse to B with cyclotron frequency (or gyrofrequency)

lc =
|@ |�
<2

, (2.3)

whose corresponding radius is called Larmor radius or gyroradius:

A6 =
<2E⊥
|@ |� . (2.4)

As a consequence, for a hydrogen plasma, electron gyroradius is∼ 2000 times smaller than ion gyroradius
(and therefore electron gyrofrequency is ∼ 40 times larger than ion gyrofrequency). If the initial velocity
has also a component parallel to B, the particle will at the same time perform a translation unaffected by
the magnetic field: therefore, the overall orbit is given by the combination of the circular motion around
a guiding center and the translatory motion of the guiding center. In the case there is a uniform force F
acting on the particle perperdicularly to the uniform magnetic field, the trajectory will be modified by a
drift of the guiding center in a direction perpendicular to both B and F:

vdrift =
2

@

F × B
�2 . (2.5)

For example, the force F at issue can be generated by the presence of a magnetic field gradient. The
level of magnetization of a plasma can be parametrized by the plasma parameter VP, as defined in Section
1.2.1.
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2.1.1 Plasma waves and instabilities
Waves in plasmas can be classified as electromagnetic or electrostatic, depending on whether there is
an oscillating magnetic field. Waves can also be distinguished by the oscillating species, i.e. electrons
or ions. If a plasma is perturbed by the displacement of electrons from their equilibrium distribution,
electric fields build up in order to pull them back to their original position and restore neutrality: this
causes electrons to overshoot and oscillate around their equilibrium points (Langmuir waves). We define
the frequency of electron density oscillations as the electron plasma frequency:

lp,e =

√
4c=e42

<e
, (2.6)

where =e is the particle number density. Analogously, we can obtain the same quantity lp,i for ions
by substituting their mass and charge. We can now define the plasma skin depth as _s = 2/lp. In
a magnetized fluid, magnetohydrodynamics (MHD) ion waves can be generated: based on the relative
orientation of the wave vector and the magnetic field, they are called either Alfvén waves (transverse)
or magnetosonic waves (longitudinal). If perturbations in a plasma grow, instead of oscillating, then an
instability is generated. For the purpose of this thesis, I mention the ones that can form in the context of
cosmic shocks (see Section 2.2):

• Buneman instability [Buneman, 1958] is the result of the interaction between cold incoming
electrons and reflected ions and it generates electrostatic waves at the edge of the shock;

• Weibel instability [e.g. Matsumoto et al., 2015] is driven by the interaction of the incoming and
reflected ions: typical elongated structures are developed during this phenomenon, which allow
magnetic reconnection sites to form even in unmagnetized plasmas (see Section 2.3.2);

• electron firehose instability [e.g. Guo et al., 2014a] is driven by an anisotropy in the electron
velocity distribution and generates waves ahead of the shock.

These make up just a small fraction of the multitude of instabilities which can develop more generally in
a plasma.

2.2 Cosmological shocks
Shocks occurring on the large scales of the cosmic web are ubiquitous processes which manifest as
discontinuities in the gas’ thermodynamical variables and convert gravitational into (non-)thermal energy
thanks to the supersonic infall of gas on structures and hierarchical clustering [e.g. Quilis et al., 1998a]:
in particular, they contribute to the thermalization of gas, whose emission can potentially be observed
from Earth, the amplification of magnetic fields and the acceleration of cosmic rays (see Section 2.3).
Shocks are believed to first have arisen at the time of reionization (I ∼ 6− 14) [Bykov et al., 2008], when
strong density inhomogeneities initially formed. Shocks launched by cosmic matter accretion events are
very energetic, and their strength can be quantified with respect to the environment in which they take
place by their Mach numbers. The sonic Mach number1 is defined as the shock speed divided by the
sound speed on the unperturbed gas:

"s =
Esh
2s
, (2.7)

1Unless specified, in the reminder of this thesis I will refer to the sonic Mach number simply as the Mach number.
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Figure 2.1: Sketch of the shock’s density as a function of the G-coordinate, along which the shock
propagates. The dashed line indicates the approximate position of the shock front, separating the
upstream (pre-shock) from the downstream (post-shock) regions.

where

2s =

√
W:B)

<i
, (2.8)

with W adibatic index (generally assumed to be equal to 5/3), ) pre-shock gas temperature, :B Boltzmann
constant and <i ion mass. If a shock occurs in a magnetized medium, we can also define an Alfvénic
Mach number as the ratio of the upstream flow velocity to the upstream Alfvén velocity EA, where

EA =

√
�2

4c=<i
, (2.9)

� is the intensity of the upstream magnetic field, = is the upstream number density and <i and <e
are respectively the mass of ions and electrons. A schematic description of the shock structure is
shown in Figure 2.1. Based on hydrodynamical simulations, cosmological shocks can be divided into
two main populations [Quilis et al., 1998b, Ryu et al., 2003]: accretion (or ‘external’) shocks, formed
by cold gas accreting on gravitationally attracting structures and characterized by high Mach numbers
(10 . " . 103), and merger (or ‘internal’) shocks, events involving hotter merging substructures with
lower Mach numbers (2 . " . 10), though higher kinetic flux dissipation. Figure 2.2 shows the
appearance of a typical cosmic shock in a three-dimensional simulation. These shocks are expected
to occur in a rarefied, collisionless plasma, meaning that physical collisions between plasma particles
are negligible, so they are exclusively mediated by electromagnetic processes (see Section 2.1): as a
consequence, a small fraction of particles can gain a large amount of energy and strongly deviate from the
Maxwellian distribution without being quickly thermalized by collisions. More recently, high resolution
cosmological simulations identified other possible sub-categories of shocks, triggered during different
stages of the mass growth of self-gravitating halos (e.g. ‘wind shocks’, ‘equatorial shocks’, ‘infall shocks’
and ‘runaway shocks’, see Ha et al. 2018a,b, Zhang et al. 2020).

2.2.1 MHD approach
Within GCs - and likely also beyond them - structure formation shocks develop in a weakly magnetized
environment which is suitable for a simple MHD modeling, at least on large scales.

If we consider the frame moving with the shock front, the laws of conservation for a single-fluid
plasma are the following [De Hoffmann and Teller, 1950]:

9=

[
Bt
d

]
= �= [ut] , (2.10)
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Figure 2.2: Three-dimensional rendering of shock surfaces from a cosmological simulation. The color
bar shows the values of corresponding Mach numbers. Credits: Ryu et al. [2003].

9= [ut] =
�=

4c 9=
[Bt] , (2.11)[

92=
d
+ % +

�2
C

8c

]
= 0, (2.12)[

F +
92=

2d2 +
D2
C

2
+
�2
C

4cd
− �=

4c 9=
Btut

]
= 0, (2.13)

where D is the bulk velocity, 9 is the matter flux, F = n + %/d is the gas enthalpy, n , %, d are the
internal energy, pressure and density, the subscripts = and C indicate the normal and trasverse component
respectively. Here the square brackets notation stands for [�] = �downstream − �upstream. From these
equations we can obtain the variation of the hydrodynamical variables across the shock (generalized
Rankine-Hugoniot jump conditions):

ndown − nup +
1
2

(
1
?up
− 1
?up

) [ (
%down + %up

)
+ 1

8c
(
�C,down − �C,up

)2
]
. (2.14)

If Bt = 0:

A =
ddown
dup

=
(W + 1) "2

s

(W − 1) "2
s + 2

, (2.15)

)down
)up

=

[
2W"2

s − (W − 1)
] [
(W − 1) "2

s + 2
]

(W + 1)2 "2
s

, (2.16)

where W is the adiabatic index. The dissipative effects determine the thickness of the shock front,
regardless of the nature of the dissipation mechanism: in the weak shock limit ("s � 2) the transition
layer is thick enough to be described by hydrodynamical equations [Landau and Lifshitz, 1984].

Based on the orientation of the magnetic field we can define the shock obliquity \ as the angle between
the upstream magnetic field lines and the shock propagation direction. This is an important parameter
that will be often mentioned in the rest of this Thesis.
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2.3 Particle acceleration in shocks
Particle acceleration processes capable of generating cosmic rays (CRs) are ubiquitous in astrophysical
environments, as the outcome of the presence of both electric fields and magnetic confinement. We can
distinguish three kinds of particle acceleration processes: stochastic acceleration, magnetic reconnection
acceleration and acceleration at flow discontinuities, i.e. shocks. From now on, I will focus on particle
acceleration in shocks, which is the main topic of this work.

2.3.1 Diffusive shock acceleration
A fraction of the energy released in cosmic shock events contributes to the acceleration of charged
particles in plasmas up to very high, even relativistic, energies. The main mechanisms responsible for
this phenomenon is currently believed to be diffusive shock acceleration (DSA), which consists of the
multiple reflection of charged particles across the shock front by magnetic fluctuations [see Blandford
and Ostriker, 1978, for a review]. Fermi [1949] initially modelled a magnetized cloud moving with
velocity u in the Galactic frame, in which particles move with velocity v and exchange energy according
to Δ�/� = −2v · u/22, where Δ� corresponds to the work exerted by the Lorentz force. Since heads-on
(v · u > 0) collisions are more likely, this mechanism results into a net energy gain which scales as E2

(second-order Fermi acceleration). If a shock wave is included in this scenario, both the upstream and
the downstream medium see the opposite side arriving at the same speed ΔD = (A − 1) Esh/A (with A
compression ratio and Esh shock speed). Assuming that magnetic turbulence efficiently scatters off and
isotropizes the particles, their mean velocity follows the local flow velocity, so particles undergo a regular
Fermi acceleration, which averaged over all angles gives a mean energy gain

〈Δ�
�
〉 = 4

3
Esh
2
, (2.17)

which is instead a first-order increase (first-order Fermi acceleration). The fractional energy gain from
each shock crossing is a constant and it only depends on the shock strength: the resulting energy spectrum
is a power law d# (�) /d� ∝ �−? with spectral index ? & 2, solely dependent on the compression ratio
A = ddown/dup (≈ 4 for strong shocks).

Non-linear DSA

Extensions of DSA have been introduced in order to account for certain observational features, such as
the acceleration of galactic CRs by supernova remnants. In particular, the magnetic field in the vicinity
of supernova shocks appears to be amplified, to values much larger (∼ 102 or more) than the one of
the average interstellar medium. To account for this, non-linear DSA has been introduced [e.g. Caprioli
et al., 2010, Amato, 2014, Arbutina and Zeković, 2021]: in this theory, three sources of non-linearity
are included, i.e. 1) the dynamical effect of the CR pressure on the shock, 2) the waves generated by
accelerated particles in the shock’s upstream and 3) the dynamical reaction of the amplified magnetic
field on the system. The presence of particles much faster than the shock introduces a non negligible CR
pressure term, which is increasingly stronger in the proximity of the shock. As a consequence, the ideal
shock discontinuity smoothens even on large scales, and a so called ‘sub-shock’ region is formed: however,
the overall compression ratio can now exceed the typical factor of 4 for strong shocks (see Section 2.2).
Due to the sub-shock, particles with a different energy (hence with a different gyro-radius) can effectively
probe different compression factors across the shock transition, and the spectrum of accelerated particles
deviates from a power-law and can show much steeper (and harder) features. Another consequence of
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particles streaming ahead of the shock is the generation of unstable Alfvén waves, which in turn provide
amplification of the magnetic field. While such effects may in principle be relevant also in strong external
accretion shocks, in this Thesis they are neglected for simplicity.

2.3.2 The injection problem
Based on the DSA model, only the high energy end of the particle distribution crossing a shock wave
can undergo multiple scatter and become relativistic, since only particles with a larger enough gyration
radius can experience the steep velocity gradient at the two sides of the shock. For this, they need to
have a mean free path which is larger than the width of the shock front (usually ∼ a few thermal ion
Larmor radii). Especially for thermal electrons, some pre-acceleration is required, because if they are
in kinetic equilibrium with protons, their Larmor radius is

√
<p/<e times smaller than the proton gyro

radius, and hence than the shock thickness. The issue of identifying the mechanisms responsible for
the extraction of electrons from the thermal pool is known as the injection problem. Extensive studies
have been conducted on this matter [e.g. Guo et al., 2014b, Matsumoto et al., 2015, Park et al., 2015,
Matsumoto et al., 2017, Bohdan et al., 2017, 2019a, Arbutina and Zeković, 2020, Xu et al., 2020], but
there is no definite answer yet. Several pre-acceleration mechanisms have been proposed to justify the
injection of electrons into DSA, whose occurrence is strictly dependent on the shock’s characteristics,
which allow the manifestation of different kinds of plasma instabilities. Among these, I will elaborate on
shock drift acceleration (SDA), shock surfing acceleration (SSA) (both of which rely on the effect of the
convective electric field E = −u/2 × B induced by the magnetic field gradient at the shock discontinuity,
where u is the flow motion) and magnetic reconnection.

Shock drift acceleration

In SDA, electrons initially belonging to the upstream perform quasi-ordered Larmor gyration in the
proximity of the shock front: due to the magnetic field being amplified by shock compression in the
downstream, the particle alternately perceives a larger or smaller magnetic field, which respectively
reduces or increases its gyroradius (Equation 2.4). As a consequence, the orbit described by the electron
becomes a cycloid, whose drift velocity is obtained as

vdrift =
<e2E

2
⊥

24�3 B × ∇�, (2.18)

where E⊥ is the electron velocity component perpendicular to the magnetic field. While electrons drift
along the shock front, they are energized by the motional electric field and eventually reflected to the
upstream. In order for this process to be repeatedly fostered, electrons need to be maintained in the
proximity of the shock front: based on the properties of the shock, this can happen via different mech-
anisms. For instance, Guo et al. [2014b] found that for low-Mach number shocks, electron temperature
anisotropy self-consistently generates upstream waves that scatter the electrons back to the shock front in
a Fermi-like process. The final energy gain due to SDA is

ΔWSDA = −
4

<e22
E

2
� sin \/, (2.19)

where E is the electron speed and / is the travelled distance. The magnetic field topology is therefore
fundamental, as the efficiency of SDA is much larger for perpendicular shocks.
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Shock surfing acceleration

In SSA, electrons are accelerated by the convective electric field after being trapped in the electrostatic
field at the ramp of high-" shocks: a particle is accelerated along the shock front until its kinetic energy
along the shock normal exceeds the electrostatic potential. This potential can be generated by different
phenomena, including Buneman instability (see Section 2.1.1). As for SDA, SSA also is most effective
in quasi-perpendicular shocks, due to the fact that, in quasi-parallel shocks, gyration is partially inhibited
(or totally suppressed, in the limit of exactly parallel shocks), and particles tend to go straight through
the shock, therefore developing a low electrostatic barrier.

Magnetic reconnection

Magnetic reconnection is a process occurring in magnetized plasmas, in which the topological rearrange-
ment of magnetic-field lines determines the conversion of magnetic energy into other forms of energy,
including particle acceleration. This happens when the fluid has a finite resistivity (see Section 3.1), such
that in regions hosting large current densities (current sheets) field lines are not frozen in the plasma, but
can change their pattern of connectivity. The simplest model of magnetic reconnection [Sweet-Parker
reconnection, Sweet, 1958, Parker, 1957] involves oppositely directed magnetic fields and relies on
Ohmic diffusion over the contact region: the typical reconnection velocity is constrained by the mass
conservation condition to be much lower that the Alfvén speed, which is orders of magnitude too small
to explain the observed rates [e.g. Zhu et al., 2016]. In the presence of turbulence, however, a stochastic
component is introduced to the magnetic field, and reconnection rates are severely increased [Goldreich
and Sridhar, 1995]. Reconnection is by itself a viable mechanism for particle energization in different
contexts [e.g. Hoshino, 2012], but was also found to be an intrinsic aspect of high-Alfvénic Mach number
shocks [Matsumoto et al., 2015], where turbulence folds magnetic-field lines until magnetic islands are
formed along current sheets in the shock transition region. A mixed second order Fermi-like model
involving reconnection and turbulence has been recently proposed to explain the diffuse radio emission
in intracluster bridges [Brunetti and Vazza, 2020].

2.3.3 The role of obliquity
The role of obliquity \, i.e. the angle formed by the shock propagation direction and the upstream
magnetic field, can be summarized by stating that (quasi-)parallel shocks (\ < 45◦) are able to accelerate
ions via DSA, while electrons require pre-acceleration mechanisms (see Section 2.3.2), which usually
occur in (quasi-)perpendicular shocks (\ > 45◦). At quasi-parallel shocks, ions are able to propagate
back in the upstream plasma and interact with the incoming flow, hence exciting magnetic perturbations,
which favor the diffusion of ions back and forth across the shock (DSA) [Caprioli and Spitkovsky, 2014a].
On the other hand, at quasi-perpendicular shocks, DSA cannot operate spontaneously, since particles are
not able to seed the upstream plasma with self-generated waves beyond one ion gyroradius from the shock
front. Therefore, ion acceleration at quasi-perpendicular shocks can still take place, for example in the
presence of magnetic turbulence, but it may not self-sustain [Giacalone et al., 1994].

2.4 Observational evidence
From Section 2.3, we know that both electrons and ions can be accelerated by Fermi mechanisms
occurring in cosmological shocks where a magnetic field is present, but the observational counterpart
produced by these energetic particles is different depending on the particle’s species.
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Figure 2.3: Spectral index map of the Toothbrush relic between 150 and 650 MHz. Credits: Rajpurohit
et al. [2020].

Diffuse radio synchrotron emission CRelectronswithGeV energies (W > 103)moving in amagnetized
medium with � ∼ `G are able to radiate via synchrotron emission, which can be detected in the radio
domain by facilities such as JVLA, GMRT, LOFAR, MWA, ASKAP, MeerKAT, and in the future by
SKA. The typical sources that have been observed and associated to shocks are radio relics in merging
GCs (see Section 1.2.1). If we assume that the CR energy distribution in the ICM can be described by
a power law [Feretti et al., 2012], then the energy flux follows �a ∝ aU, where U = (1 − ?)/2 and ? is
defined in Section 2.3.1. Assuming DSA, the parameter U gives an estimate of the shock’s Mach number:

"s,DSA =

√
2U − 3
2U + 1

. (2.20)

Figure 2.3 shows an example of spectral number analysis on the radio relic known as Toothbrush.

W-ray hadronic emission CR protons are expected to collide with the thermal ICM and produce W rays
via hadronic interactions. The lack of detection of this kind of emission in GCs [Ackermann et al., 2014]
has set upper limits on the abundance of energetic protons that can be accelerated in shocks hosted by
these objects, which appear to be inconsistent with the expected W-ray emission for DSA in relics [Vazza
et al., 2016].

Several explanations to solve this tension were proposed.

• CR protons are assumed to have lifetimes of ∼ 1 − 10 Gyr once injected in GCs due to their
trapping into the tangled intraclsuter magnetic field [Berezinsky et al., 1997]: Enßlin et al. [2011]
first proposed to relax this assumption by introducing the possibility that CR protons stream out
of the innermost cluster regions faster than the medium’s Alfvén velocity, thereby lowering the
expected hadronic emission. The tangled topology of ICM magnetic fields which can be inferred
from rotation measure observations, however, disfavor this scenario.
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• If a shock has evidence of accelerated electrons, but not of accelerated protons (e.g. radio relics),
it has been proposed [e.g. Pinzke et al., 2013] that the radio emission is actually the outcome of
re-accelerated electrons, implying the presence of a pool of fossil electrons. This way, even weak
shocks (" ∼ 1.3 − 2.5) can produce detectable radio emission, while CR proton acceleration is
low enough not to violate Fermi’s limit.

• The tension could potentially be solved if the shocks’ microscopic properties allowed to preferen-
tially accelerate electrons instead of protons: this is expected to be true if the shock obliquity (see
Section 2.3.3) is quasi-perpendicular [Wittor et al., 2020]. This issue will be thoroughly addressed
in Chapter 5.

X-ray thermal bremsstrahlung emission The presence of shocks linked to radio relics can also
be inferred from discontinuities in the X-ray profile: by deprojecting the surface brightness and gas
temperature profiles, the shock’s Mach number can be estimated [Markevitch and Vikhlinin, 2007]
applying the Rankine-Hugoniot jump conditions (see Section 2.2). This method generally obtains lower
" values with respect to the radio estimates [e.g. Akamatsu and Kawahara, 2013, Mazzotta et al.,
2011, Stuardi et al., 2019], which in principle challenges the assumptions made on DSA. Wittor [2021]
investigated this discrepancy by means of mock observations and attributed this effect on the fluctuations
of the ICM [Dominguez-Fernandez et al., 2021] which cause a variation of " across the shock front:
while X-ray Mach numbers match the peak of the Mach number distribution, radio Mach numbers
preferentially probe higher-" regions of the shock front, which tend to be more radio luminous.

Faraday rotation The analysis of Faraday rotation of radio synchrotron emission allows one to estimate
the magnetic field strength in GCs. This effect occurs when a linearly polarized radiation crosses a mag-
netized plasma containing thermal electrons: the right and left-handed circularly polarized components
of the wave propagate at different phase velocities, causing a rotation of the polarization angle (rotation
measure '"):

'" [rad/m2] = 812
∫

�los
`G
· =e

cm3 ·
d;

kpc
. (2.21)

From '" measurements, the strength and structure of the magnetic field can be constrained by means of
semi-analytical approaches, numerical techniques or '" synthesis [e.g. Brentjens and de Bruyn, 2005,
Murgia et al., 2004, Bonafede et al., 2010, Guidetti et al., 2008].

Inverse-Compton X-ray emission CR electrons in the ICM must scatter photons from the CMB and
result in a power-law of X-ray emission, additionally to the thermal bremsstrahlung. The absence of
conclusive evidence indicating the presence of this emission allows to infer a lower limit on the ICM
magnetic field strength: the ratio of the monochromatic flux of intracluster X-ray and sychrotron radio
emission can be written as [Petrosian, 2001]

' =
5IC(:B))
5sync(a)

= 1.86×10−8
(

photons
cm2 s keV Jy

) (
:B)

20 keV

)−Γ ( a

GHz

)Γ−1
(
)CMB
2.8 K

)Γ+2 (
�

`G

)−Γ
2(?), (2.22)

where Γ = (? + 1)/2, ? is the power-law slope of the electron energy distribution, 5IC is the intracluster
flux density, 5sync is the synchrotron flux density, )CMB is the CMB temperature at the object’s redshift
and 2(?) is a normalization factor. Lower limits on the magnetic field intensity in clusters and estimates
based on RM are found to be consistent in most cases [e.g. Bonafede et al., 2010, Stuardi et al., 2020].
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2.5 Magnetic fields in the cosmic web
Large-scale magnetic fields are ubiquitous throughout the cosmic web: they are believed to be the result
of amplification of so-called seed fields, whose origin is still debated. The proposed scenarios for
magnetogenesis are essentially two.

1. The primordial scenario posits that seed fields were already present at the epoch of the CMB,
implying that they have been generated possibly during inflation but they are too weak to be
constrained by CMB measurements [e.g. Turner and Widrow, 1988, Grasso and Rubinstein, 2001,
Subramanian et al., 2006]. Different mechanisms for primordial magnetic field generation would
determine different coherence lengths which would be inherited by voids, possibly providing
insights on primordial helicity [e.g. Semikoz and Sokoloff, 2005, Campanelli, 2009, Kahniashvili
et al., 2016].

2. In the astrophysical scenario, the seed fields are generated at a later stage, during galaxy formation,
possibly powered by galactic winds or AGNs [e.g. Völk and Atoyan, 1999, Donnert et al., 2009,
Furlanetto and Loeb, 2001]. These processes could have left signatures on the transport of heat,
entropy, metal content and CR production in the forming structures [Planelles et al., 2016].

Figure 2.4 shows differences in themagnetic fieldmaps for different initial conditions of themagnetic field
in recent magnetohydrodynamics cosmological simulations similar to the ones analyzed in this thesis.
Additional processes like the Biermann battery [Kulsrud et al., 1997], aperiodic plasma fluctuations
[Schlickeiser et al., 2012], resistive mechanisms [Miniati and Bell, 2011] and ionization fronts around the
first stars [Langer et al., 2005] may have been able to further amplify these fields. Within the volume of
self-gravitating halos, where accretion motions are expected to stir mostly turbulence over the timescale
of several Gyr [e.g Miniati, 2014, Vazza et al., 2018a], weak fields can be amplified by the small-scale
dynamo mechanism [e.g. Schober et al., 2013, Vazza et al., 2018a, Domínguez-Fernández et al., 2019,
Quilis et al., 2020]. Given the plethora of mechanisms potentially contributing to magnetogenesis,
the strength of magnetic fields in the cosmic web could in principle span several orders of magnitude:
additionally, the efficiency of magnetic field amplification linked to astrophysical processes is strongly
affected by the degree of overdensity, making it especially difficult to probe magnetic fields in the most
rarefied environments. In the densest structures, like GCs, observational evidence of the presence of
∼ `G magnetic fields coherent on Mpc scales can be inferred from diffuse synchrotron emission, Faraday
rotation, ultra-high energy CRs and fast radio bursts (see Section 2.4).
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Figure 2.4: Simulated volume rendering of temperature (red) and magnetic field strength (green+blue)
for a primordial scenario (left panel) and an astrophysical scenario (right panel). Credits:Vazza et al.
[2017]
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3. Methods: MHD and PIC simulations

3.1 Magnetohydrodynamic simulations
Magnetohydrodynamics allows us to study electrically conducting fluids by means of a set of differential
equations including Navier-Stokes, fluid dynamics and Maxwell equations, which generally requires a
numerical approach. This model holds as long as the considered plasma motions are non-relativistic and
slowly varying (with respect to the plasma frequency). The equations required for the MHD description
of plasmas include the equation of continuity:

md

mC
+ ∇ · (dv) = 0, (3.1)

with d density and v velocity; the equation of motion:

mv
mC
+ (v · ∇)v = −1

d
∇? + 1

4cd
(∇ × B) × B, (3.2)

which takes into account the Lorentz force (∇ × B) × B, with ? gas pressure and B magnetic field; the
conservation of energy:
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4c
B × (v × B)

]
(3.3)

with n internal energy per unit mass. The conditions on the electromagnetic field also require

∇ · B = 0 (3.4)

and the induction equation
mB
mC

= ∇ × (v × B) + _∇2B, (3.5)

where _ = 22/(4cf) is the magnetic diffusivity and f is the electrical conductivity. In the hypothetical
limit of infinite conductivity, which is appropriate in most astrophysical systems, this becomes (ideal
MHD),

mB
mC

= ∇ × (v × B). (3.6)

By combining the equations of continuity and induction equation for ideal MHD, we get
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d
· ∇

)
v. (3.7)
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This formula describes how the magnetic field lines are ‘frozen’ in the fluid, i.e. the magnetic field can
be regarded as a plastic material which can be distorted by making the plasma move accordingly (also
known as Alfvén theorem).

In general, fluid dynamics equations can be solved using two main numerical approaches, namely
Lagrangian and Eulerian: the former consists of studying the fluid motions by following an individual
fluid parcel as it moves through space and time, while the latter employs a fixed mesh in which the fluid
flows as time evolves. The most popular Lagrangian scheme is smoothed particle hydrodynamics (SPH),
where the continuous fluid is composed by a discrete set of particles by using a kernel to interpolate the
various quantities over a certain smoothing length. The advantages of SPH lie in the very high resolution
provided in dense regions with relative low computational cost: however this also implies a worse
accuracy in more rarefied regions. Among the most popular SPH codes for cosmological MHD, there
is Gadget [Springel et al., 2001]. The main advantages of Eulerian grid-based simulations, in which
equations are solved in each grid cell, consist in the ability of capturing the formation of shocks and fluid
instabilities, also for very low densities, as the ones involving external shocks (see Section 2.2). Eulerian
codes also allow to locally refine the grid in order to increase the resolution of certain regions with the
lowest amount of computational cost. For these reasons, the simulations analyzed for this work were
performed with the Eulerian code Enzo (see Section 3.1.1). Recently, some codes have implemented a
hybrid approach, such as Gizmo [Hopkins, 2014] and Arepo [Springel, 2010]. Several work attempted to
compare between the different possible approaches to simulate gas dynamics in cosmological simulations
[e.g. Frenk et al., 1999, O’Shea et al., 2004, Tasker et al., 2008, Mitchell et al., 2009, Scannapieco et al.,
2012] while a detailed comparison between various codes on their ability to properly characterize shocks
in the large-scale structure is provided in Vazza et al. [2011b].

3.1.1 Enzo
Enzo [Bryan et al., 2014] is an open-source, Eulerian grid-based code which provides high spatial and
temporal resolution for modelling astrophysical fluid flow, which include an adaptive mesh refinement
module. It supports a wide range of physics including ideal and non-ideal MHD, N-body dynamics,
gas chemistry, radiation transport, cosmological expansion and models for star formation and feedback.
Furthermore, Enzo supports an accurate treatment of the dynamics of supersonic flows and shock waves,
which is especially important for this work’s purpose. In the cosmological simulations analysed in the
following chapters, the Eulerian equations of ideal MHD solved by Enzo must include the cosmological
expansion parameter 0. Therefore, for instance, Equation 3.1 becomes

md

mC
+ 1
0
∇ · (dv) = 0. (3.8)

The evolution of 0(C) is governed by the second Friedmann equation for the expansion of a spatially
homogeneous and isotropic universe

¥0
0
= −4c�

303

(
d0 +

3?0

22 + Λc
22

3

)
, (3.9)

where d0 is the mean comoving mass density, ?0 is the comoving background pressure and Λc is the
cosmological constant. Enzo combines an N-body particle-mesh solver for dark matter with different
MHD methods. The simulations involved in this work were performed adopting the piecewise linear
method, which uses linear functions to fit the solution in each grid cell [Colella and Woodward, 1984].
In order to maintain the magnetic field divergence free (Equation 3.4), different numerical schemes can
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be adopted: the divergence cleaningmethod implemented by Dedner et al. [2002] introduces an arbitrary
function to the magnetic induction equation (Equation 3.5), which allows to keep the divergence as low
as possible by means of ‘cleaning waves’. The Dedner cleaning method is adopted in the simulation used
for our works: in Banfi et al. [2020], we go into more detail and provide numerical tests concerning the
adoption of this method.

3.2 Particle-in-cell simulations
While on large astrophysical scales, where charge separation is negligible, the dynamics of plasma is
well described by MHD laws, on scales smaller than the Debye length one must consider the interaction
between the two particle species. Sincemost of the plasma in theUniverse is dilute and hot, particles can be
considered to only interact through collective electromagnetic fields. This implies that ions and electrons
can have different temperatures and anisotropic distributions, hence different kinds of plasma instabilities
can occur. Such a scenario is typical of collisionless shocks, implying a suitable numerical representation
that accounts for particle-electromagnetic field interaction is required: the proper instrument to simulate
these phenomena is fully kinetic particle-in-cell (PIC) simulations, where individual particles are tracked
in a Lagrangian frame, while fields are computed simultaneously on a Eulerian mesh (Figure 3.1).

This method relies on solving the Vlasov-Maxwell equations. A collisionless plasma can be described
by the distribution functions 5 (x, u, C) of each species, i.e. the number of particles per unit volume in the
phase space of velocities u and positions x at time C. For each kind of particle, i.e. ions and protons, the
Vlasov equation describes the evolution of 5 in time (in the non-relativistic case):

m 5

mC
+ u · m 5

mx
+ @
<

(
E + u

2
× B

)
· m 5
mu

= 0 (3.10)

where @ is the particle charge,< is the particle mass, E andB are the electric and magnetic field generated
by the plasma. The fields obey Maxwell’s equations:

∇ × B = `0J + `0n0
mE
mC

(3.11)

∇ × E = −1
2

m�

mC
(3.12)

∇ · E =
1
n0
dc (3.13)

∇ · B = 0 (3.14)
with `0 vacuum permeability, n0 vacuum permittivity, dc charge density and J current density.

3.2.1 Tristan-MP
The code used for PIC simulations in Chapter 6 is Tristan-MP [TRIdimensional STANford - Massively
Parallel, Spitkovsky, 2005], the parallel version of the code originally developed by Buneman [1993]. It
is written in a modular format in Fortran 95 which relies on MPI and HDF5 libraries for parallelization.
The code allows to initialize different problems, including shocks with arbitrary plasma parameters.
Quantities are scaled consistently with n0 = 1 and `0 = 1/22. By scaling the magnetic field by a factor 2,
the equations solved by Tristan-MP become

mB
mC

= −2∇ × E (3.15)
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Figure 3.1: Schematic representation of the Eulerian grid partitioning the computational domain of PIC
simulations, where particles are free to evolve in a Lagrangian frame.

mE
mC

= 2∇ × B − J (3.16)

for the evolution of the electromagnetic field, and

dp
dC
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(3.17)
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(3.18)

for the particle evolution under the Lorentz force, where p is the particle’s momentum and x is the
particle’s position. At the beginning of the simulation, electromagnetic fields are initialized with null
divergence by inserting electrons and ions in the same spatial positions. Particles’ momenta follow a
drifting Maxwell-Jüttner distribution, which takes into account relativistic effects and the plasma bulk
velocity 2V0. The particle energy distribution follows:

�MJ(W) =
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0V0 2( 1

\Γ0
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W sinh
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V0
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W2 − 1
\

)
, (3.19)

where W is the particle Lorentz factor, Γ0 = (1− V2
0)
−1/2,  2 is the modified Bessel function of the second

kind, \ = :B)/(<22), :B is the Boltzmann constant, ) is the plasma temperature and < is the particle
mass. Spatial and temporal derivatives are calculated using space- and time-centered finite difference
schemes. Electromagnetic fields are discretized and stored in a staggered grid (Yee lattice, Yee 1966) with
electric fields on cell edges and magnetic fields on cell faces, which ensures a divergence-free magnetic
field without explicitly solving Equation 3.14. The Lorentz force acting on the particles is obtained with
a tri-linear interpolation function on the electromagnetic fields. Particles’ momenta and positions are
evolved with a leap-frog method: this information is used to calculate the current, which is then used as
a the source term in Equation 3.16.
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4. Motivation and thesis outline

This work was developed within the aims of an ERC-founded research project called MAGCOW1

(MAGnetized COsmic Web), whose main goal is to investigate the origin of extragalactic magnetic fields
by combining numerical simulations and radio observations. My most important contribution to this
project is to address how CRs are accelerated by realistic shock waves in large-scale structures, as a
function of the topology and amplitude of cosmic magnetic fields. Differently from other astrophysical
environments, such as supernovae, the acceleration of CR protons by structure formation shocks has still
to be observed. As explained in Section 2.4, the main open question concerns the lack of evidence of
hadronic W-ray emission in GCs [Ackermann et al., 2010, Arlen et al., 2012, Ackermann et al., 2014],
which yields an upper limit on the CR pressure ratio and, as a consequence, on the ability of shocks to
accelerate protons. On the other hand, evidence for the acceleration of CR electrons is well established
by radio observations, hence many recent works have been dedicated to solve this apparent inconsistency.
Some tension has been lifted thanks to PIC simulations [e.g. Caprioli and Spitkovsky, 2014a, Guo et al.,
2014b,a], which showed that particle acceleration mechanisms differ for electrons and protons, and, in
particular, the relative orientation of the magnetic field with respect to the shock propagation direction
(obliquity) heavily affects the acceleration efficiency of either species. With this work, I have examined
the interplay between CR acceleration and extragalactic magnetic fields in three main steps, which also
correspond to either published or soon-to-be submitted articles:

1. In Chapter 5, I analyzed cosmological MHD simulations of the large-scale structure, with the aim
of identifying and characterizing shocks throughout the whole cosmic web. In particular, I studied
the typical shock obliquity and how this is modified by different assumptions on the origin and
evolution of extragalactic magnetic fields. Finally, I tackled the issue of the missing W-rays by
considering the role of obliquity in the acceleration of protons and electrons. This work has been
published in MNRAS [Banfi et al., 2020].

2. In Chapter 6, I performed PIC simulations of cosmic shocks, taking advantage of the information
gathered from the previous work. In particular, I simulated shocks with characteristics that are
expected to be found in filaments and analyzed the mechanisms that foster electron acceleration.
This work will soon be submitted for publication.

3. In Chapter 7, I focused on the study of the topology of magnetic fields and their evolution in
relation to the cosmic web components. This analysis is especially useful considering that the
orientation of the magnetic field plays a crucial role in most particle acceleration mechanisms, and
furthermore that the arrangement of magnetic fields around cosmic structures is found to strongly

1https://cosmosimfrazza.myfreesites.net/erc-magcow
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affect the magnetic field estimates obtained with rotation measure observations. This work has
been published in MNRAS [Banfi et al., 2021].

In the framework of this project, I also had the chance to contribute to works lead by other members of the
MAGCOW group. In particular, I employed some of the algorithms I developed for my analysis in these
published articles aimed at constraining magnetic fields in the cosmic web from both observations and
simulations: Vazza et al. [2021], Locatelli et al. [2021] and Vazza et al. [submitted]. These works will
be briefly discussed in Part IV. Finally, in Part V, I will summarize the results achieved in this Thesis.
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Part II

Particle acceleration in cosmic shocks
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5. Shock waves in the magnetized cosmic web:
the role of obliquity and cosmic-ray acceleration
(Banfi et al., 2020)

https://doi.org/10.1093/mnras/staa1810

Abstract Structure formation shocks are believed to be the largest accelerators of cosmic rays in the
Universe. However, little is still known about their efficiency in accelerating relativistic electrons and
protons as a function of their magnetization properties, i.e. of their magnetic field strength and topology.
In this work, we analyzed both uniform and adaptive mesh resolution simulations of large-scale structures
with the magnetohydrodynamical grid code Enzo, studying the dependence of shock obliquity with
different realistic scenarios of cosmic magnetism. We found that shock obliquities are more often
perpendicular than what would be expected from a random three-dimensional distribution of vectors,
and that this effect is particularly prominent in the proximity of filaments, due to the action of local
shear motions. By coupling these results to recent works from particle-in-cell simulations, we estimated
the flux of cosmic-ray protons in galaxy clusters, and showed that in principle the riddle of the missed
detection of hadronic W-ray emission by the Fermi-LAT can be explained if only quasi-parallel shocks
accelerate protons. On the other hand, for most of the cosmic web the acceleration of cosmic-ray electrons
is still allowed, due to the abundance of quasi-perpendicular shocks. We discuss quantitative differences
between the analyzed models of magnetization of cosmic structures, which become more significant at
low cosmic overdensities.

5.1 Introduction
Shocks in the large-scale structure of the universe are the natural outcome of the accretion of cold,
warm or hot gas onto galaxy clusters or of direct mergers between clusters [e.g. Ryu et al., 2003, Bykov
et al., 2008]. These processes convert a fraction of kinetic energy into thermal energy and into the
amplification of magnetic fields and acceleration of CR [e.g. Bykov et al., 2019, for a recent review].
Through cosmological numerical simulations, we can estimate the energetics of CR associated to shocks:
Miniati et al. [2000] provided the first attempt to simulate shock waves in the large-scale structure with
an Eulerian approach and to derive their Mach number from jump conditions. Following works [e.g.
Ryu et al., 2003, Pfrommer et al., 2006, Vazza et al., 2009, Planelles and Quilis, 2013] found that, for
the majority of shocks in the Universe, the kinetic energy is dissipated in internal shocks with low Mach
numbers (2 . " . 4), while shocks with Mach numbers up to ∼ 1000 are found in lower density
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environments (like the external accretion regions of structures) but they overall process little energy in the
cosmic volume. On the other hand, the acceleration of CRs by first order Fermi acceleration is expected
to be mainly driven by strong shocks (" & 5) [e.g. Ryu et al., 2003, Kang and Jones, 2007, Vazza et al.,
2011b].

Radio observations of Mpc-sized synchrotron emission in galaxy clusters confirm the presence of
diffuse magnetic fields and relativistic electrons associated with cluster merger shocks [e.g. “radio relics”,
see Ferrari et al., 2008, Feretti et al., 2012, van Weeren et al., 2019, for reviews], while at the same time
the lack of hadronic W-ray detection by the Large Area Telescope (LAT) on board of the Fermi satellite
[e.g. Ackermann et al., 2010, Arlen et al., 2012, Ackermann et al., 2014] has set stringent upper limits on
the content of CR protons in galaxy clusters (. 1 % of the thermal gas energy), which also can be used to
set very low upper limits on the allowed CR acceleration efficiency of structure formation shocks [Vazza
and Brüggen, 2014, Brunetti and Jones, 2014].

Several decades of theoretical works suggest that each kind of particles undergoes different levels
of acceleration as a function of plasma parameters and of the pre-existing magnetic field topology, but
the mechanism that drives this process is still under debate [e.g. Bykov et al., 2019, and references
therein]. CRs typically gain energy by crossing the shock front multiple times through a first order
Fermi mechanism called diffusive shock acceleration [DSA, Bell, 1978], which produces a power-law
distribution of energetic particles. However, unlike protons, electrons need to be pre-accelerated in order
for their small gyro-radius to become comparable to the width of the shock front and effectively enter
the DSA regime: particle-in-cell (PIC) simulations by [e.g. Caprioli and Spitkovsky, 2014b, Guo et al.,
2014b] suggest that shock drift acceleration [SDA, e.g. Matsukiyo et al., 2011, and references therein]
could be an efficient way for these particles to be pre-accelerated by drifting along magnetic field lines
down the shock front.

A usually underlooked aspect of particle acceleration from cosmic shocks is the role of shock obliquity
\, defined as the angle between the shock normal and the up-stream magnetic field vector (see Figure
5.1). PIC simulations have indeed established the dependence of the acceleration on the shock’s Mach
number and obliquity: as a consequence CR electrons have been shown to be more easily accelerated by
quasi-perpendicular (45◦ < \ < 135◦, Guo et al. 2014b) rather than quasi-parallel (\ < 45◦ or \ > 135◦)
shocks, while the opposite has been found for protons [Caprioli and Spitkovsky, 2014b]. However,
magnetohydrodynamical (MHD) simulations are necessary to study the conditions that lead to a certain
orientation of the magnetic field where shocks occur and to the possible prevalence of some obliquities
over others.

The link between obliquity and acceleration efficiency may also be a viable explanation for the
missing W-ray detection from galaxy clusters, considering that the distribution of random angles in a
three-dimensional space is ∝ sin \, which means that it is peaked at perpendicular shocks. Simulations by
Wittor et al. [2017] have shown that the obliquity distribution of shocks in galaxy clusters progressively
becomes even more concentrated towards 90◦ as a result of the passage of several merger shock waves in
the lifetime of clusters. They also estimated that, if the acceleration of CR protons is limited to shocks
with \ < 50◦, the hadronic W-ray emission produced by DSA gets much reduced and the tension with
Fermi limits is alleviated, even if not entirely solved. More recent work from Ha et al. [2019] has shown
that in simulated galaxy clusters the amount of kinetic energy flux dissipated by quasi-parallel shocks
and transferred to CR protons is ∼ 10−4, assuming a DSA model with more recent efficiencies derived
in Ryu et al. [2019]. In this case, the obtained W-ray emissions are in line with Fermi’s constraints. This
picture has been recently confirmed by cosmological MHD simulations by Wittor et al. [2020].

However, we notice that Ha et al. [2019] did not use MHD simulations of large-scale structures (but
rather a simpler approach involving the evolution of passive magnetic fields via the induction equation),
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Figure 5.1: The Figure shows the two-dimensional projection of the process of shock crossing on
magnetized plasma in the rest frame of the pre-shock. The left panel shows the pre-shock configuration;
the central panel represents the obliquity \, i.e. the angle formed by the shock propagation direction and
the pre-shock magnetic field, and Θ = 90◦ − |90◦ − \ | (for acute angles, \ ≡ Θ); the right panel shows the
magnetic field modification after shock crossing, i.e. the amplification of its perpendicular component.

while Wittor et al. [2017] did not focus on the properties of shock acceleration at the scale of filaments,
which are expected to be a major contributor to the total mass content of galaxy clusters. Moreover,
the above works were limited to explore the dependence of shock acceleration on the magnetic fields
generated by single possible scenarios for the origin of extragalactic magnetic fields, which is still debated
[e.g. Donnert et al., 2009, Vazza et al., 2017].

Our work expands on the above points, using new MHD simulations tailored to determine the typical
obliquity of cosmic shocks in the acceleration of relativistic particles across the cosmic environment,
its potential dependence on magnetogenesis and its effect on the acceleration efficiency of electrons and
protons.

The paper is structured as follows. In Section 5.2, we describe the computational setup for the
simulations and we outline the approach used to find and characterize shocks. In Section 7.3, we present
our results for obliquity and CR acceleration estimates. In Section 5.4, we describe the implications of
our results on observations. In Section 5.5, we discuss the validity and limitations of our analysis. Finally,
Section 5.6 contains a brief summary and conclusions. In the Appendix, we clarify some details about
the analysis.

5.2 Methods

5.2.1 Simulations
We simulated the formation of cosmic structures with the Eulerian cosmological magnetohydrodynamical
code Enzo [Bryan et al., 2014], which couples an N-body particle-mesh solver for dark matter (DM)
[Hockney and Eastwood, 1988] with an adaptive mesh refinement (AMR) method for the baryonic matter
[Berger and Colella, 1989]. We adopted a piecewise linear method (PLM) [Colella and Glaz, 1985], a
reconstruction technique inwhich fluxes are computed using theHarten-Lax-VanLeer (HLL) approximate
Riemann solver, and used time integration based on the total variation diminishing (TVD) second-order
Runge-Kutta (RK) scheme [Shu and Osher, 1988]. We used the Dedner cleaning MHD solver [Dedner
et al., 2002] to keep the divergence of the simulated magnetic field as small as possible. This method has
been tested multiple times in the literature, showing that despite the relatively large rate of dissipation
introduced by its “cleaning waves”, it always converges to the correct solution as resolution is increased,
at variance with other possible “divergence cleaning” methods [e.g. Stasyszyn et al., 2013, Hopkins and
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Raives, 2016, Tricco et al., 2016]. We refer the reader to more recent reviews for a broader discussion of
the resolution and accuracy of different MHD schemes in properly resolving the dynamo in cosmological
simulations [Donnert et al., 2018].

In this work, we present the analysis of two kinds of simulations (described in more detail in the next
two Sections): a suite of runs employing a fixed spatial/mass resolution (≈ 83 kpc/cell comoving) to
simulate the cosmic web on a representative cosmic volume and for different scenarios of the origin of
magnetic fields, and single cluster re-simulations using nested initial conditions, which allow us to study
magnetic field topology at high resolution (≈ 25 kpc/cell comoving) for a specific scenario of cosmic
magnetism.

5.2.2 Static grid simulations

We simulated a volume of ≈ (85 Mpc)3 (comoving) sampled with a static grid of 10243 cells: the
decision to neglect AMR allows us to maintain a resolved description of magnetic fields even in low-
density regions. These datasets are extracted from the “Chronos++” suite1, which includes a total of
24 simulations aimed at exploring different possible scenarios concerning the origin and evolution of
magnetic fields in the cosmic web environment [Vazza et al., 2017]. Here, we focus on four of the most
realistic models, characterized by relevant variations of the topology of magnetic fields, which is very
interesting for our study:

1. “baseline”: non-radiative run with a primordial uniform volume-filling comoving magnetic field
�0 = 1 nG at the beginning of the simulation;

2. “Z”: non-radiative run with a primordial magnetic field oriented perpendicularly to the velocity
vector, as in Vazza et al. [2017]; in order to ensure that ∇ · B ≡ 0 at the beginning, the starting
magnetic field vectors were initialized perpendicularly to the three-dimensional gas velocity field
computed with the Zel’dovich approximation [e.g. Dolag et al., 2008], so that a purely solenoidal
initial field is produced and thus enforce the ∇ ·B ≡ 0 condition construction. The r.m.s. values of
each component generated with the Zel’dovich approximation are renormalized within the cosmic
volume, in order to match the same level of seed magnetic field as in the baseline primordial run,
i.e.

√
〈�2〉 = �0;

3. “DYN5”: non-radiative run with sub-grid dynamo magnetic field amplification. The small-scale
dynamo amplification of a weak seed field of primordial origin (�0 = 10−9 nG comoving) is
computed at run-time. In this model, the dissipation of solenoidal turbulence into magnetic field
amplification is estimated at run-time based on the measured gas velocity vorticity in the cells,
with a flow Mach number-dependent efficiency derived from Federrath et al. [2014]. This model
attempts to bracket the possible residual amount of dynamo amplification which can be achieved
in low density environments as suggested by other works [e.g. Ryu et al., 2008], but is lost due to
finite resolution effects [see Vazza et al., 2017, for more details];

4. “CSFBH2”: radiative run with an initial background magnetic field �0 = 10−10 nG (comoving)
including gas cooling, chemistry, star formation, thermal/magnetic feedback from stellar activity
and active galactic nuclei (AGN). In this model, supermassive black hole (SMBH) particles are
initially added to the simulation at I = 4 at the center of massive halos as “seeds”, with an initial
mass of "BH,0 = 104 M� [Kim et al., 2011]. From that moment on, they accrete matter from

1http://cosmosimfrazza.myfreesites.net/the_magnetic_cosmic_web
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the gas distribution in the grid based on the spherical Bondi-Hoyle formula, assuming a fixed
∼ 0.01 M�/yr accretion rate and a “boost” factor to the mass growth rate of SMBH (UBondi = 1000,
calibrated to balance the unresolvable gas clumping in the innermost accretion regions). Star
forming particles are also generated on the fly based on the Kravtsov [2003] star formation recipe,
which also accounts for the thermal feedback of star formation winds onto the surrounding gas. In
this simulation we coupled the Enzo thermal feedback from SMBH and from star forming particles
to the injection of additional magnetic energy via bipolar jets, with efficiencies nSF,b = 10 % and
nBH,b = 1 % for the star formation and SMBH respectively, referred to the corresponding ¤"22

energy accreted in the two processes. While all above prescriptions obviously represent a gross
oversimplification of the very complex physics behind star formation and black hole evolution, such
ad-hoc models have been calibrated and chosen out of the larger sample of simulations tested in
Vazza et al. [2017] as they provide a good match to the observed cosmic average star formation rate
as well as to observed galaxy cluster scaling relations. Our main purpose in using this model is to
have a realistic representation of the impact of galaxy formation physics on the & 100 kpc scales
which are relevant for our study of cosmic magnetism and structure formation shocks.

The cosmological parameterswere chosen accordingly to aΛCDMcosmology: �0 = 67.8 km s−1 Mpc−1,
Ωb = 0.0468, Ωm = 0.308, ΩΛ = 0.692 and f8 = 0.815 [Planck Collaboration et al., 2016]. In the fol-
lowing, we will refer to these simulations as to the “Chronos” runs.

5.2.3 Nested grid simulations
To study the evolution of obliquity and magnetic fields around galaxy clusters at a resolution more
comparable to the one of radio observations, we also examined six simulations from the “San Pedro”
suite2 [Wittor et al., 2020]. This set of simulations uses nested grids to assure a uniform resolution even
at the most refined level. Each cluster was extracted from the box with a root-grid size of (207 Mpc)3
sampled with 2563 cells. A region of ≈ (6.5 Mpc)3− (9.8 Mpc)3 was further refined using five levels, i.e.
25 refinements, of nested grids. The procedure guarantees a uniform resolution of ≈ 25 kpc comoving
around the clusters, from the beginning to the end of the run. The sizes of the nested regions ensure that
their volume is at least 3.53 times larger than the volume enclosed in A3

2003. The initialization of the nested
grids was performed using MUSIC [Hahn and Abel, 2011]. In each simulation, the initial magnetic field
is uniform and takes a value of 0.1 nG (comoving) in each direction. The six clusters used in this work
are characterised by different evolutionary stages, ranging from pre-merger, over actively merging, to
post-merger.

We note that these simulations use slightly different cosmological parameters than the Chronos runs
(see Section 5.2.2). The parameters of these runs are based on the latest results from the Planck-
collaboration [i.e. Planck Collaboration et al., 2018]: �0 = 67.66 km s−1 Mpc−1, Ωb = 0.04831914,
Ωm = 0.3111, ΩΛ = 0.6889 and f8 = 0.8102. Furthermore, for code stability issues at the fixed
refinement regions in this case we used the somewhat more diffuse Local Lax-Friedrichs (LLF) Riemann
solver to compute the fluxes in the PLM. In the following, we will refer to the set of nested simulations
as to the “San Pedro” runs.

2https://dnswttr.github.io/proj_sanpedro.html
3A200 is defined as the radial distance from the cluster center inside which the mean density is 200 times the critical density.
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5.2.4 Shock finder
The shock finding method is applied in post-processing and it is based on Ryu et al. [2003], with the
changes explained in Vazza et al. [2009]. It allows to determine the Mach number " of a shock from the
velocity jump ΔE ≤ 0 between pre-shock and post-shock cells:

ΔE =
3
4
EB

1 − "2

"2 , (5.1)

where EB = "2B and 2B is the sound speed of the pre-shock cell. The procedure is the following:

1. candidate shocked cells are selectedwith the constraint on the three-dimensional velocity divergence
∇ · v < 0;

2. for each Cartesian direction, the pre-shock (post-shock) cell is identified as the one with the
minimum (maximum) temperature at a distance ΔG from the candidate cell. We investigated
different values for ΔG = 1, 2, 3, which serves as a stencil for the computation of the Mach number
via jump conditions. This is motivated by the fact that numerical shocks (especially if they are
oblique with respect to the grid) are not an ideal discontinuity but are typically broadened across a
few cells: hence, the jump conditions must be computed over a large enough distance. Our tests
have shown that the optimal choice here is ΔG = 1, since larger steps would include the contribution
of contaminating flows unrelated to the shock, consistently with previous work [Vazza et al., 2009];

3. the shock Mach number is given by Equation 5.1 for each of the three dimensions, preceded by a
sign indicating the orientation of the velocity jump: in case multiple contiguous cells are flagged
as shocked along the same direction, those with the lowest absolute Mach number are discarded;

4. the final Mach number is calculated as " =

√
"2
G + "2

H + "2
I and it is assigned to the post-shock

cell;

5. only shocks above a certain threshold of Mach number (which we calibrated depending on the
resolution of the specific simulation, see Section 5.3.2) are considered in order to prevent spurious
identification in the complex gas flows of galaxy clusters [e.g. Vazza et al., 2009].

The three components of the Mach number give the direction along which the shock propagates, i.e.
the normal to the shock front.

5.2.5 Shock obliquity
The obliquity is computed as the angle between the propagation direction and the magnetic field B in the
pre-shock cell:

\ = arccos
(
"G · �G + "H · �H + "I · �I

" �

)
. (5.2)

and it ranges from 0◦ to 180◦. In the following analysis we will mostly refer to the quantity defined
as Θ = 90◦ − |90◦ − \ |, which ranges from 0◦ to 90◦: this way, for example, shocks with \ = 20◦ and
\ = 160◦ are considered equivalent in terms of CR acceleration efficiency (see Figure 5.1).

During step (iii) of the shock finding procedure, for each shock we identify three pre-shock cells,
one for each direction, in order to compute the Mach number components "G , "H and "I from jump
conditions. Knowing the up-streammagnetic field orientation is necessary tomeasure the shock obliquity,
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Figure 5.2: Sketch of the adopted procedure to identify the pre-shock region (red) of a post-shock cell
(yellow) in our simulation, under the prior that the numerical shock structure is always spread over at
least three cells (here a simple two-dimensional case is given for simplicity).

so we need to identify a single cell as the pre-shock. Determining the proper pre-shock cell for each
identified shocked cell is not always a trivial operation, as in converging flows or shocks with complex
pre-shock conditions this operation is affected by some level of uncertainty, and numerical shocks are
typically spread over (at least) three cells. Hence, to locate the pre-shock of a given shocked cell, we
have to move two cells away, along the direction suggested by the measured Mach number. Figure 5.2
gives the example of the reconstruction of post-shock and pre-shock cells for an oblique shock (limited to
the two-dimensional case for simplicity). In this analysis, we choose the pre-shock cell as the one that is
bound to be crossed by the shock at the following timestep in the simulation. In practice, a cell is tagged
as a pre-shock cell, if a) it is located in the up-stream of the shock, b) it lies along the shock normal and
c) it is located at a distance of two grid cells from the post-shock cell.

This approach has provided reasonable identification of pre-shock cells, which can be we visually
checked in the case of large-scale shocks, such as those surrounding cosmic filaments or galaxy clusters.
Another way to determine the reliability of this method is to evaluate the conservation of the component
of the magnetic field parallel to the putative shock normal, as required by idealized MHD: we discuss
this issue in more detail in Appendix 5.7.1.

Figure 5.3 gives an example of the distribution of shocks around a galaxy cluster (and around a zoomed
filament) as well as of their obliquity, as measured by our method. Shocks are distributed around the
cluster and the filaments with a large range of angles, yet with a clear predominance of quasi-perpendicular
geometries (Θ > 45◦). A higher resolution view of the distribution of shock obliquities around clusters
and during their formation will be given in more detail in Section 5.3.2.

5.3 Results

5.3.1 Analysis of full cosmic volumes

Thermal, magnetic and shock properties at I = 0

First, we analyze the final properties of shocks and magnetic fields in our four different Chronos unigrid
runs, described in Section 5.2.2. In Figure 5.4, we show the projected maps of gas density, DM density,
gas temperature and magnetic field strength integrated along the line of sight, for our baseline simulation
at I = 0. The maps show the usual clustering of cosmic matter into galaxy groups and galaxy clusters
(∼ 106 K in the projected temperature map), cosmic filaments (∼ 104−105 K) and voids. Following from
the density contrast formed within structures, as well as partially from the dynamo amplification within
the largest halos, the projected magnetic field varies over two orders of magnitude from voids to halos. In
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Figure 5.3: Density slice of the baseline simulation at redshift I = 0, with shocks color-coded by
obliquity: the highlighted square on the left is zoomed on the right, where the arrows represent the
projected magnetic field and Mach number. The box length is ≈ 41 Mpc on the left and ≈ 1.6 Mpc on
the right.

reality, the range of difference in the three-dimensional grid is even higher, and the magnetic field within
halos can reach ∼ 0.1 − 1 `G (e.g. Figure 5.12 below). For other visualizations of the distribution of
magnetic fields in these runs we refer the reader to Vazza et al. [2017] and Gheller and Vazza [2019].
From the combination of the above trends we can expect that the thermal gas energy and the magnetic
energy (and possibly their ratio) can vary very significantly across the simulated volume.

In particular, the relative importance of the thermal componentwith respect to themagnetic component
in a magnetized plasma is parametrized by the quantity V = =:B)/(�2/8c), defined as the ratio of the
thermal pressure over the magnetic pressure. In Figure 5.5, we show the values of V in the same slice of
volume for the four simulations. In all runs, there is a considerable difference between the values of V in
virialized structures and in voids, but the trends are opposite for the first two and last two runs, and are
mostly driven by the different scenarios for magnetogenesis. The baseline and Z simulations are overall
characterized by low values of V, due to their stronger seed magnetic field. In such cases, V is highest in
clusters and filaments, owing to the larger value of gas pressure there. On the other hand, in runs with
weak seed magnetic fields (DYN5 and CSFBH2) the thermal pressure in voids always dominates over
the very weak magnetic pressure (V � 1), while dynamo and stellar evolution amplify magnetic fields
to V ∼ 1 − 102, only within dense structures. Therefore, in our scenarios there are several environments
in which the effect of magnetic pressure is not negligible compared to the thermal pressure. However,
it shall also be noticed that even where V ∼ 1, in the cosmic volume the kinetic ram pressure is always
dominant, due to the typically large (∼ 102 − 103 km s−1) infall motions induced by accretions: hence, in
most cases the magnetic fields are still being passively advected in the cosmic volume.

We analyzed shocked cells in the simulated volume and we selected only shocks with " > 2, since
weaker shocks are expected to be unable to accelerate CRs [Ha et al., 2018c]: identified shocks in all
runs correspond to ≈ 2 % of the total number of cells. In Figure 5.6, we show the distribution of shock
Mach numbers in the entire volume. The shape is consistent with previous results from the literature
[e.g. Ryu et al., 2003], i.e. cosmological shocks belong to two distinct populations, external and internal
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Figure 5.4: Maps of average gas density, DM density, temperature and magnetic field volume-weighted
along the line of sight for the baseline simulation at I = 0. The box length is ≈ 85 Mpc.

40



baseline

10 5 10 1 103

Z

10 5 10 1 103

DYN5

10 2 107 1016

CSFBH2

100 1011 1022

Figure 5.5: Plasma V of a slice of volume with thickness of 83 kpc for the four Chronos simulations at
I = 0. The box length is ≈ 85 Mpc.
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Figure 5.6: Number of occurring shocks per intervals of Mach number for the four Chronos simulations
at I = 0.

shocks, identifying shocks affecting gas with pre-shock temperature . 104 K or & 104 K respectively, the
latter meaning that the material had already been previously shocked. This division can be observed in
Figure 5.6, where the bump at" ≈ 20marks the separation between weaker internal shocks, associated to
mergers, from stronger external shocks surrounding filaments. The distribution of CSFBH2 deviates from
the others: at low " , a significantly larger number of shocks is generated in high-temperature regions
due to AGN feedback, consistently to previous works [e.g. Kang et al., 2007, Vazza et al., 2013]. On the
other hand at high " , due to heating effect of reionization modelled in CSFBH2, the gas temperature is
increased to ∼ 104 K, preventing the sound speed to be as low as in the other runs.

We computed the obliquity for each shock (as in Section 5.2.5): Figure 5.7, analogously to Figure
5.3, shows the distribution of shocks and the corresponding obliquity for a slice of the simulated volume
for the remaining three runs. The density slice remains mostly unvaried from one run to another, as
well as the location of the zoomed filament: however, the magnetic field topology differs, thus affecting
the obliquity. We then investigated the deviation of obliquity from the distribution of angles expected
from random vectors in space, which is ∝ sin \. Figure 5.8 shows the number of identified shocks
per intervals of \. The curves have a higher peak at perpendicular shocks with respect to the random
distribution: previously-shocked gas hosts shocks that are on average more perpendicular than in the
random distribution, likely due to the compression of the perpendicular component of the magnetic field
after shock crossing, consistently to what Wittor et al. [2017] found. The CSFBH2 run shows a skewed
distribution that may be attributed to the few bursts of star and/or AGN feedback which still occur at low
redshift, and that can thus vary from snapshot to snapshot.

Figure 5.9 shows the excess of quasi-perpendicular shocks (Θ > 45◦, capable of accelerating electrons)
with respect to quasi-parallel shocks (Θ < 45◦, capable of accelerating protons) as a function of Mach
number. As it can be seen in Figure 5.8, for vectors randomly distributed in space a perpendicular
configuration is more probable than a parallel one. In particular, a random configuration would return a
value of #⊥/#‖ ≈ 2.3 integrated over the entire distribution of angles. Therefore, for weak shocks, quasi-
perpendicular geometries are way more frequent than by chance, and thus the (magneto)hydrodynamics
of gas is playing a role in aligning magnetic field vectors with the shock surface. We will discuss on
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Figure 5.7: Same as Figure 5.3 for the remaining Chronos simulations.
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Figure 5.8: Number distribution of shocks per intervals of obliquity for the four Chronos simulations at
I = 0, normalized to the random distribution.
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Figure 5.9: Ratio of number of quasi-perpendicular shocks and number of quasi-parallel shocks per Mach
number intervals for the four Chronos simulations at I = 0, compared to the ratio expected for randomly
distributed obliquities.

the physical interpretation of this phenomenon in more detail in Section 5.3.2 (see also Appendix 5.7.4).
The opposite trend is found for " & 50 shocks: at least in part, this can be ascribed to numerical
problems. Shocks in this regime are not energetically relevant and are typically confined in very low
density environment; the numerical uncertainties related to the modelling of shock obliquity in this
regime are discussed in detail in Appendix 5.7.3.

The highest overabundance of perpendicular shocks is found at " ≈ 10, with the exact location of the
peak changing from one run to another. By computing the same ratio as a function of pre-shock density,
we constrain the peak to be located at d ≈ 10−30 g cm−3, independently of the specific re-simulation
(Figure 5.10). This means that these shocks, which are more perpendicular than average, are likely to be
generated in the same cosmic environment, regardless of the specific model for magnetism. Based on the
density range, we can constrain these shocks to be associated with filaments of the cosmic web, which is
also supported by visual inspection. However, the same density interval does not correspond to the same
Mach number interval in the four runs: in CSFBH2 this is explained by the rise in temperature due to
reionization, which limits the strength of shocks. Also in DYN5 we measure a larger temperature than
in the other non-radiative runs, leading to slightly weaker shocks [Gheller and Vazza, 2019]. Filaments
of the cosmic web are thus an environment where the acceleration of CRs mostly happens via quasi-
perpendicular shocks, with implications on the injection and evolution of relativistic energy inside cosmic
structures.

Energy dissipation

We define the incident kinetic energy flux as in Ryu et al. [2003]:

�kin =
1
2
dpreE

3
sh. (5.3)

The total incident kinetic energy flux is represented in Figure 5.11: the trend, already expected from
Figure 5.6, reflects the dual distribution of shocks, i.e. internal (low "), with a monotonic decreasing
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Figure 5.10: Top panel: ratio of number of quasi-perpendicular shocks and number of quasi-parallel
shocks per density intervals for the four Chronos simulations at I = 0, compared to the ratio expected for
randomly distributed obliquities. Bottom panel: mean Mach number per density intervals for the four
Chronos simulations. In both panels the range in which the overabundance of perpendicular shocks is
largest is highlighted in grey: this corresponds roughly to the regions hosting filaments.
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Figure 5.11: Total kinetic flux per intervals of Mach number for the four Chronos simulations. The most
energetic shocks (" < 2) have been excluded, as explained in 5.3.1.

flux, and external (high "), with a bump at " ≈ 100. The behavior of CSFBH2 slightly deviates for
" . 5 and " & 100, for the same effects discussed in the previous Section. The dissipated incident
kinetic energy flux which is converted into thermal energy flux �th, or into a CR energy flux �CR, can
be parametrized as X(") = �th/�kin and [(") = �CR/�kin, i.e. with the thermalization efficiency and
with the assumed CR acceleration efficiency respectively. Although more recent works provided updated
guesses for the acceleration efficiency by shocks, for the sake of comparison with previous works we
based our prescriptions for X and [ on Kang and Ryu [2013], which assumed DSA as the accelerating
mechanisms and included the effect of magnetic field amplification by CR streaming instabilities and
Alfvénic drift.

The (d, )) phase diagrams of the shocked cells indicating the values of pre-shock magnetic field and
dissipated flux are given in Figure 5.12. In all the four runs, high-" accretion shocks in low-density
and low-temperature areas (see Figure 5.10) are less energetic (as in Figure 5.11) and occur in higher-V
plasma. Instead, the most energetically relevant events occur in denser and hotter environments, through
low-" internal shocks: ∼ 85 % of the total energy flux in the volume is enclosed in the area having
approximately pre-shock values of d & 10−30 g cm−3 and ) & 105 K in all runs. Therefore, without
taking into account the effect of shock obliquity on the acceleration of CR, we can expect the bulk
of CR acceleration to happen in the same environment in all models, i.e. within and around galaxy
clusters/groups of galaxies. On the other hand, the four simulations are characterized by very different
pre-shock magnetic field strengths: as a consequence of DYN5 and CSFBH2 having very weak seed
fields, shocks in rarefied regions run over magnetic field strengths which are several orders of magnitude
below the ones in the baseline and Z run. We remark that the shape of the phase diagram in CSFBH2
differs from the others due to the inclusion of reionization, which increases the temperature of pre-shock
regions at low cosmic densities: this delimits a region at the bottom of the diagram (below the sharp
discontinuity marked by contours of magnetic field and energy flux) whose combinations of temperature
and density are forbidden for the intracluster medium (ICM). Shocks below this line are likely to be
related to outflows originated in dense regions, whose temperature has cooled down, while its associated
magnetization has only be affected by adiabatic expanse [e.g Vazza et al., 2017]. However, these cells
only process a negligible fraction of the total flux. In summary, despite the very dissimilar magnetic
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properties of the simulations, we found a consistent trend as regards the thermal characterization of
shocks and the energy dissipation.

Figure 5.13 shows the ratio of the total CR energy flux in quasi-perpendicular shocks over the total CR
energy flux in quasi-parallel shocks within gas density bins. While in the main paper we adopt the simple
approach of setting the flux dissipated by quasi-perpendicular shocks to 0 if Θ < 45◦, or vice versa for
quasi-parallel shocks, in Appendix 5.7.2 we present tests using smoother transition of efficiencies, which
suggest similar outcomes. While the global trends are in line with Figure 5.9, relating the �⊥/�‖ to the
random distribution is here made difficult by the weighting for the energy flux, which can span across
∼ 10 orders of magnitude in most environment, as shown above (Figure 5.12). As a consequence of this,
a few energetic events can introduce large spikes in Figure 5.13, which makes it harder to compare this to
the expectation from random models. In general, the predominance of quasi-perpendicular shocks across
environment and the relative differences between models are the same already discussed in the previous
Section.

Galaxy cluster properties

We identified galaxy clusters in the Chronos simulations using a standard algorithm, which delimits
the virial volume of simulated halos based on the total matter overdensity, averaged assuming spherical
symmetry with respect to the cluster center of mass [e.g. Gheller et al., 1998]. We performed the following
analysis on the ten most massive clusters, which are in the mass range 5 ·1013 M� . "100 . 3 ·1014 M�4.

We extracted the radial profile of shocked cells inside these clusters for each of the four runs at redshift
I = 0. In Figure 5.14, we give the median value of shock Mach number as a function of the distance from
the cluster, which shows an overall monotonic trend for all runs, in which the median Mach number of
shocks increases as the local sound speed decreases following the radial decrease of gas temperature. The
combination of the shallower radial trend of gas temperature due to reionization, as well as the integrated
effect of shocks previously launched by the past activity of AGN explains the flatter radial behaviour of
the Mach number profiles of clusters in the CSFBH2 model. Figure 5.15 shows the flux dissipated by
shocks for each radial bin: shocks in CSFBH2 are globally more energetic in the proximity of clusters
due to the additional driving of powerful but low-" shocks promoted by AGNs. Even higher fluxes are
expected for shocks more internal than 1 Avirial, but the averaging procedure blurs them in the simulated
dataset, due to limited resolution and to the " = 2 lower threshold (see Section 5.3.2 for a more resolved
view using nested grids). Finally, in Figure 5.16 we measure the ratio between the CR energy flux in
quasi-perpendicular shocks over the CR energy flux in quasi-parallel shocks, as a function of radius from
the cluster centers for the four runs. The trend of this ratio as a function of radius is similar to the one
obtained as a function of gas density in Figure 5.13, and further confirms the general trend that models
with a large primordial seed field have a significantly larger dissipation of shock energy flux through
quasi-perpendicular shocks, even at distances of ∼ 3 − 4 Avirial from the center of clusters.

We can recap the main results achieved by the analysis of the low-resolution cosmic volumes by saying
that an excess of quasi-perpendicular shocks is widespread in all magnetization scenarios and in most
cosmic environments. The extent of this tendency to produce perpendicular shocks has proven to be a
function of magnetic properties, gas density, shock strength and distance from the clusters. In particular,
we consistently report that in shocks surrounding filaments the excess of quasi-perpendicular shocks is
extreme, rather independently on the assumed magnetization scenario.

In order to better assess the significance of such results at higher resolution, as well as to resolve in
time the process which brings simulated fields to align with filaments, in the next Section we apply the

4"100 is defined as the total mass enclosed in a spherical volume of radius Avirial, i.e. the distance from the cluster center
where the average inner matter density is 100 times the cosmological critical density.
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Figure 5.12: Phase diagrams of shocked cells showing the pre-shock magnetic field in grey scale per
intervals of pre-shock gas density and temperature for the four Chronos simulations at I = 0. The colored
contour lines show the sum of the dissipated flux in each bin, while the percentages indicate the fraction
of the total flux which is dissipated for values of the flux higher than the corresponding one.
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Figure 5.13: Ratio of CR flux in quasi-perpendicular shocks and CR flux in quasi-parallel shocks as a
function of gas density for the four Chronos simulations at I = 0.
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Figure 5.14: Median Mach number as a function of radial distance from the cluster cores in units of virial
radius in the range 1 < A/Avirial < 5. Values of " span from ≈ 2 to ≈ 10: the CSFBH2 run hosts weaker
shocks due to the higher temperatures.
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Figure 5.15: Total dissipated kinetic flux as a function of the distance from the centers of the clusters,
rescaled to the virial radius of each cluster, for the four Chronos simulations. The most energetic shocks
(" < 2) have been excluded.
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Figure 5.16: Ratio of CR flux in quasi-perpendicular shocks and CR flux in quasi-parallel shocks as a
function of the distance from the center of the clusters, rescaled to the virial radius of each cluster, for the
four Chronos simulations.
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Figure 5.17: Median obliquity as a function of the distance from the centers of the clusters, rescaled to
the virial radius of the six San Pedro clusters, compared to the ten clusters extracted from the baseline
Chronos run.

same methods to study higher resolution simulations of galaxy clusters.

5.3.2 Temporal and spatially resolved analysis of galaxy clusters: the origin of
the excess of quasi-perpendicular shocks

Shocks in the volume of clusters from the San Pedro runs were identified using the same procedure as for
Chronos, except for the Mach number threshold: there, we neglected shocks below " = 2 for the larger
simulations, since they are not expected to be able to accelerate particles [Ha et al., 2018c]. On the other
hand, with San Pedro simulations we aim at studying the formation of perpendicular and parallel shocks,
regardless of their strength and possibly even in the innermost hot regions of galaxy clusters, so in this
case we set the threshold at " = 1.3, which gives us a slightly higher statistics of shocks. Probing weaker
Mach numbers gets also more accurate at high resolution, while on coarser grids spurious classification
can occur.

First, we assess whether there is a regularity between the two sets of simulations, in particular between
the San Pedro clusters and the baseline simulation from Chronos, whose initial conditions are similar,
and we investigate the reason behind the quasi-perpendicular excess found in Chronos. Figure 5.17 shows
the median obliquity of shocks for each bin of radial distance from the cluster centers: we find there is an
agreement above 1 Avirial, while there are too few identified shocks closer to the cluster cores in Chronos,
due both to the lower resolution and to the higher Mach number threshold. The distribution of shocks in
the central slice of the high-resolution clusters can be seen in Figure 5.18, along with their color-coded
obliquity.

The high-resolution clusters show an excess of quasi-perpendicular shocks, which is visually rendered
by the predominance of blue cells in Figure 5.18. Figure 5.19 shows the excess of quasi-perpendicular
to quasi-parallel shocks as a function of Mach number for the six clusters, which is mostly prominent in
the 5 . " . 20 range, similar to the previous statistics derived for the Chronos suite. The shift in the
peak from Chronos to San Pedro simulations is due to the ∼ 3 times better resolution of San Pedro runs,
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Figure 5.18: Central slice of the San Pedro galaxy clusters. The grey scale measures the gas density,
shocked cells are identified in blue (quasi-perpendicular) and red (quasi-parallel). The box length varies
from ≈ 6.5 Mpc to ≈ 9.8 Mpc.
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Figure 5.19: Ratio of quasi-perpendicular to quasi-parallel shocks per Mach number intervals for the six
San Pedro clusters (both individually and collectively), compared to the baseline Chronos run.
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which affects the Mach number estimation (see Section 5.2.4).
Shocks propagating from the clusters outwards are mostly parallel, while quasi-perpendicular shocks

are often associated to filaments (Figure 5.18): thanks to the higher resolution we now have a clearer
view of what happens in the pre-shock region outside filaments. Due to the shear of the velocity field
where filaments form starting from the cosmological initial conditions, derived from the Zel’dovich
approximation [Bond et al., 1996], the magnetic field lines are dragged by the gas and tend to align with
the leading axis of filaments.

Such large-scale motions, described by the shear velocity tensor, are primordial, in the sense that
they are already contained in the initial conditions of cosmological simulations [e.g. Libeskind et al.,
2014, Zhu and Feng, 2017]. This leads to the presence of significant alignment of the velocity field
and of filaments already very early (I & 20) as well as to a persistence of the leading orientation of the
shear tensor for large, & 10 Mpc scales. These scales are manifestly larger than the ones involved in the
formation of accretion shocks, as well as in the injection of vorticity within filaments [e.g. Ryu et al.,
2008]. Simulations have also shown that on such linear scales the dynamics of gas fully follows the
one of DM [e.g. Zhu and Feng, 2017]. As a consequence, both pre-shock and post-shock velocity fields
are affected by this phenomenon, as well as magnetic field lines, which mostly passively follow the gas
velocity due to the large kinematic plasma V in this environment (see Section 5.3.1).

The effect of shear motions which develop in the formation region of filaments can be seen in Figure
5.20, where the streamlines of both velocity5 and magnetic field tend to self-align with the leading axis
of filaments. As this large-scale velocity shear emerges from the cosmological initial conditions and is
structured on scales larger than the filament width, the local alignment affects both the pre-shock and
the post-shock regions across the filament’s edge. This can be observed in Figure 5.21, where the time
evolution of the arrangement of the magnetic field around a filament is shown. Therefore, when shocks
are formed at the interface between the infalling smooth gas accreted from voids and the filament’s
region, they often propagate over a magnetic field which was previously aligned with the filament axis
by the large-scale shear. This leads to the tendency of forming mostly quasi-perpendicular shocks in the
simulated cosmic web. The framework recently developed by Soler and Hennebelle [2017] (and applied
to study the effects of MHD turbulence on the distribution of angles formed by density gradients, ∇d, and
magnetic fields in simulations of the interstellar medium) provides a quantitative explanations for this
effect. They found that the alignment of the magnetic field along the direction of low-density structures
(e.g. filaments) is spontaneously produced in regions where shear motions dominate over compression.
In particular, they demonstrated that the configuration where ∇d and B are mostly parallel or mostly
perpendicular are equilibrium points to which the fluid tends to evolve on hydrodynamical timescales,
depending on the local flow conditions. Supported by direct numerical simulations, they reported that
for low density, high V and large (negative) velocity divergence the relative orientation of magnetic
fields and ∇d becomes preferentially quasi-perpendicular, and this well explains what we also observe
in our simulations (see also Appendix 5.7.4). Considering that ∇d is in general a trustworthy tracer of
the shock direction, this explains why shocks in our simulated filaments have the tendency of showing
quasi-perpendicular geometries.

As a consequence, the excess of perpendicular shocks over parallel shocks (Figure 5.19) varies from
cluster to cluster due to their different evolutionary stages, as well as depending on the number of filaments
connected to them.

Finally, Figure 5.22 shows the evolution from I = 10 to I = 0.1 of one of the clusters with streamlines

5The considered quantity is actually v − 〈v〉, where 〈v〉 is the velocity field averaged inside the whole slice. Without
this adjustment, the flow motions would be dominated by a bulk displacement towards more massive centers of gravity lying
outside the box and the smaller-scale flow around filaments would not be visible.
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Figure 5.20: Left panel: slice of one of the San Pedro galaxy clusters (number 1). The grey scale
measures the gas density, the black arrows trace the projected magnetic field, the orange arrows trace
the velocity field. Blue and red cells indicate shocks (respectively quasi-perpendicular and quasi-parallel
shocks), the yellow arrows indicate the projected direction of propagation and intensity of the shocks.
The box size is ≈ (9.6 × 8.0) Mpc2. Right panel: zoom on a filaments from the left panel (box length
of ≈ 1 Mpc), where the bending of the magnetic field (top) and velocity field (bottom) lines along the
filament in the pre-shock region can be seen.

z=2.6 z=1.0 z=0.88 z=0.58

Figure 5.21: Time evolution of a filament near San Pedro cluster number 1, where the represented
quantities are the same as Figure 5.20: magnetic field lines start to bend outside the filament before
shocks are even generated, thus favoring perpendicular obliquities. The box size is ≈ (1.5 × 1.8) Mpc2.
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Figure 5.22: Central slice of one of the San Pedro galaxy clusters (number 8) at different redshifts I. The
grey scale measures the gas density, the black arrows trace the projected magnetic field and the orange
arrows trace the projected velocity field (box length of ≈ 9.6 Mpc).

of magnetic field and velocity: at the beginning the orientation is set by the initial conditions, but later
on the dynamics begin to dominate and the fields self-arrange in a pattern that favors perpendicular
shocks near filaments. The evolution of the quantity #⊥/#‖ is shown in Figure 5.23: higher values of
this volume-weighted statistics are typically reached at high redshifts, given that the box includes more
filaments before the cluster has grown to its final volume. As I decreases, the excess of perpendicular
shocks decreases because the same volume gets increasingly more swept by internal merger shocks
running over a typically tangled magnetic field.

In summary, our analysis supports that the circulation of gas falling into filaments, coupled via MHD
equations to the evolution of magnetic fields [Soler and Hennebelle, 2017], is responsible for the observed
tendency of shocks in filaments to be preferentially perpendicular to the local orientation of the magnetic
fields. In retrospective, this model can also explain why the same tendency is somewhat less prominent
in the CSFBH2 and in the DYN5 models, as previously outlined in Section 5.3.1. In the latter models, the
magnetic field is subject to a more significant build-up over time, due to either the effect of the injection
of new magnetic fields via feedback events, or due to the implemented sub-grid dynamo amplification.
As a result of this, in these models shocks are typically running over dynamically “young” magnetic
structures, in the sense that the alignment mechanisms described by Soler and Hennebelle [2017] is less
effective there, because the equilibrium point in the local topology of magnetic fields and density gradient
can only be reached after a fraction of the system crossing time. Moreover, the impulsive activity by AGN
feedback continuously stirs fluctuations in the surroundings, making it difficult for the fluid to equilibrate.
For the above reasons, we can thus conclude that the excess of quasi-perpendicular shock geometries is
a tendency found regardless of the model of magnetogenesis, and that the amplitude of this excess is
increased in primordial models, or in general in scenarios where magnetic fields have co-evolved with
gas matters for longer timescales.
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Figure 5.23: Time evolution of the ratio of quasi-perpendicular to quasi-parallel shocks per Mach number
intervals for San Pedro cluster number 8 from redshift I = 10 to I = 0.1.

5.4 Implications for observations
The distribution of shock obliquities in the cosmic environment and in galaxy clusters may have a
significant impact on the observed CR signatures, i.e. synchrontron radio emission produced by CR
electrons and hadronic W rays from CR proton interactions. We briefly discuss that the estimates of
obliquities found in our work suggest that W-ray emission may be lower than expected and thus explain
the Fermi-LAT non-detections.

In Figure 5.24, we compute the differential and cumulative fraction of CR flux dissipated by parallel or
perpendicular shocks with respect to the total �CR, as a function of distance from the San Pedro clusters’
cores. For the sake of simplicity, we consider here that the impact of obliquity on the acceleration of
radio-emitting electrons can be studied with respect to the instantaneous energy dissipation at shocks,
while the impact on CR protons is more related to the total energy flux processed by shocks within the
cluster volume. Indeed, the characteristic lifetime of the synchrotron emitting electrons (∼ GeV energies)
due to energy losses is . 108 yr in clusters [van Weeren et al., 2019], which corresponds to a diffusion
length-scale in the ICM of 10 kpc [Bagchi et al., 2002]. This implies that �CR⊥(A), i.e. the sum of
the CR energy dissipated by quasi-perpendicular shocks within each radial shell, directly relates to the
energy dissipation involved in the powering of observable radio relics. On the other hand, CR protons
are long-lived (i.e. typically longer than the age of the cluster for energies . 2 · 107 GeV, Berezinsky
et al. 1997), and thus at a given epoch a better proxy for their level of hadronic W-ray emission is given by
the total integrated amount of CRs within the cluster radius. Figure 5.24 shows the average behavior of
all shocks in the San Pedro sample, in which we binned the contribution from all clusters as a function of
radius, normalized to the virial radius of each system. The plots show that �CR‖/�CR lies mostly below
�CR⊥/�CR, with a maximum difference at large radii from the cluster center, which based on Section
5.3.2 is largely related to filaments. The total dissipation via quasi-parallel shocks is ∼ 40 % of the
total CR flux within the virial radius, and only ∼ 20 % within the clusters core (dashed line, left panel).
The fraction of CR flux linked to perpendicular shocks is, on the other hand, larger than the random
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distribution at distances larger than the virial radius (solid line, right panel), and is ∼ 80 % of the total
CR flux in most of the large volume surrounding the clusters virial radius.

Figure 5.25 shows the phase diagrams of the CR flux for quasi-parallel and quasi-perpendicular shocks
in all San Pedro clusters. Similar to what found for the Chronos phase diagrams, themost energetic merger
shocks are located in the temperature and density range typical of the innermost ICM, i.e. ) & 107 K
and d & 10−29 g cm−3. Such shocks dissipate & 10−4 erg s−1 cm−2 and should be responsible for most
of the injection of CRs in the ICM, and are also likely connected with the powering of radio relics, [e.g.
van Weeren et al., 2019]. From the phase diagrams, it can clearly be seen that most of their CR flux gets
dissipated into quasi-perpendicular shocks, up to ∼ 70 − 80 %. On the other hand, quasi parallel shocks
are found to dominate the dissipation of CRs only for low density regions, which are however associated
with negligible CR flux levels (. 10−8 erg s−1 cm−2).

Fermi observations [Ackermann et al., 2014] constrained the CR proton pressure ratio -CR, i.e. the
ratio between the total CR proton pressure and the total gas pressure within A200 for the observed cluster
population at the level of -CR . 1.3 %. Under the assumption of a quasi-stationary population of shocks,
and considering that the bulk of gas pressure and CR pressure is produced by shock dissipation, here
for simplicity we can relate -CR to the ratio of the instantaneous flux of CRs and thermal energy flux at
shocks, i.e. -CR ≈ �CR/�th, similar to other works [e.g. Vazza et al., 2009, Ha et al., 2019]. We thus
computed this ratio assuming that all shocks are able to accelerate protons, and compared this to the same
quantity restricted to < 45◦. The two panels in Figure 5.26 compare the CR pressure ratio before and
after the obliquity cut: if no distinctions were made in terms of obliquity, at least two of the simulated
clusters in our sample would be detected by Fermi, while all the curves of -CR are shifted below the Fermi
detection threshold if only quasi-parallel shocks are considered. This suggests that our assumptions on
obliquity could in principle be able to explain the missing detection of hadronic W rays, even with the CR
acceleration efficiency by Kang and Ryu [2013] assumed here.

In Figure 5.27 we show how the CR pressure ratio of the six clusters combined changes for differ-
ent obliquity distributions. Although globally we obtained more perpendicular shocks than randomly
expected, this is mostly relevant around filaments, while near cluster cores the trend is more similar to
the random distribution of obliquities: as can be seen in Figure 5.24 as well, shocks occurring inside
the cluster virial radius can even have more parallel obliquities than random. As a consequence, the
CR pressure ratio which would be obtained from a purely random distribution of shock obliquities (in
which ≈ 30 % of shocks would have Θ . 45◦) lies below the one found in the simulation (see dotted line
in Figure 5.27). We also estimated the upper limit of the fraction of shocks able to accelerate protons
(≈ 72 %), such that a higher value would generate a marginally detectable W-ray emission from our
clusters within A200 (dash-dotted line).

As a caveat, here we did not apply any temporal integration of the CR energy flux which might vary
with time [e.g. see Figure 7 in Wittor et al., 2017]. Furthermore, Ha et al. [2018c] found that in a
high-V plasma the Mach number has to be larger than 2.25 for efficient CR proton acceleration. However,
although we do not consider a Mach number cut at 2.25 that would further reduce the CR energy flux
[Ha et al., 2019], we adopted the values of [ from Kang and Ryu [2013], which strongly decrease the
contribution of low-" shocks. As a consequence, the estimates of the CR pressure ratio would barely be
affected by introducing this cut. Additionally, our findings are in agreement with a more sophisticated
modelling of the W-ray emission in the San Pedro simulations using Lagrangian tracer particles, recently
discussed by Wittor et al. [2020].

57



10 1 100 101

r/rvirial

0.0

0.2

0.4

0.6

0.8

1.0
FCR /FCR

F(r/rvirial)
F( < r/rvirial)
random

10 1 100 101

r/rvirial

 

FCR /FCR

F(r/rvirial)
F( < r/rvirial)
random

Figure 5.24: Fraction of CR flux dissipated by quasi-parallel (left) and quasi-perpendicular (right) shocks
as a function of distance from the San Pedro clusters cores. The solid line represents the total flux
dissipated by shocks at a certain A/Avirial, while the dashed line represents the integral of the same
quantity enclosed inside a certain radius. The dotted line is the trend we would expect if obliquities were
randomly distributed.

5.5 Numerical limitations and approximations
We shortly address here (and more in detail in the Appendix) the unavoidable numerical limitations
involved in our analysis. First, the adopted spatial resolution somewhat affects the shock finding process,
since pre-shock and post-shock conditions are often contaminated by additional flows which blend with
the shock. However, although there is a slight discrepancy between theChronos and San Pedro simulations
in the estimate of Mach numbers (e.g. Figure 5.19), we found an agreement for the trends of obliquity
between the two sets of simulations (see Figure 5.17). The computation of obliquity itself is still a
first attempt: the identification of the pre-shock cell and thus the reliability of the up-stream magnetic
field orientation are highly affected by the resolution of the simulation (see Appendix 5.7.1). A close
examination of the Chronos simulations exposed an additional issue, most likely of numerical origin,
i.e. sequences of wave-like features in the magnetic field orientation in the most rarefied regions of the
simulated volume. Low densities are usually critical to handle in simulations, as they are subject to
hypersonic flows, for which a “dual energy formalism” is necessary [e.g. Bryan et al., 2014], as well as
to the introduction of numerical floor levels of gas temperature. The fact that such patterns change their
orientation when a different solver is used, unlike the rest of the simulation (see Appendix 5.7.3), leads
us to suspect that these features are driven by numerics and shall not be trusted. However, the impact of
such biased obliquities is small in our statistics, as they are limited to very underdense regions and are
associated to less than 2 % of the total energy dissipated by shocks in the volume.

There are also physical processes that were not included in these simulations, which give this work
room for improvement. In particular, no microphysical processes are implemented: according to DSA,
strong shocks may undergo modifications by CRs, as well as magnetic field amplification promoted by
CR-driven instabilities, turbulence generation and plasma heating [for a review see Brüggen et al., 2011].
Moreover, in this work (and similarly to previous others in the literature, e.g. Ha et al. 2019) we relied
on estimates of the instantaneous energy dissipation into CRs to derive comparisons with the integrated
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Figure 5.25: Phase diagrams for the San Pedro clusters showing the CR flux dissipated by quasi-parallel
and quasi-perpendicular shocks and their fraction with respect to the total as a function of pre-shock
density and temperature.
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Figure 5.27: CR pressure ratio of the totality of the San Pedro clusters for different obliquity distributions
compared to the upper limit imposed by Fermi (red line). The grey lines represent the CR pressure ratio
for no obliquity cut (solid line), for the simulated obliquity (dashed line), if obliquity were randomly
distributed (dotted line) and for the limit obliquity distribution above which W rays would be detected by
Fermi (dash-dotted line).
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energy budget constrained by Fermi-LAT. More sophisticated approaches involving the deployment of
“two-fluid models” [e.g. Pfrommer et al., 2007, Vazza et al., 2016] or of passive tracer particles storing
the evolution of CRs in time [e.g. Wittor et al., 2017] were beyond the goal of this work, which is just the
first step towards future ad-hoc PIC simulations.

5.6 Summary and conclusions
In this work we have considered two sets of grid simulations performed with Enzo: Chronos, which
simulates an ≈ (85 Mpc)3 volume, and San Pedro, which zoomes in on six galaxy clusters, ∼ 3 times
more resolved than Chronos. We evaluated the typical obliquity of cosmic shocks as a function of
environment, magnetic field topologies and magnetogenesis scenarios. We then used these results to
estimate the observable CR flux for both proton and electron signatures and try to address the issue of
the missing W-ray detection by Fermi-LAT. The main conclusions we reached are the following:

1. in the simulated cosmological volume, there is always an excess of quasi-perpendicular shocks
over quasi-parallel shocks (up to ∼ 5 times) for each of the Chronos runs. This excess is even
more significant than the excess expected from a purely random distribution of angles in a three-
dimensional space (Section 5.3.1, Figure 5.9);

2. this excess characterizes shocks generated in pre-shock regionswith gas density of d ≈ 10−30 g cm−3.
The interval of Mach numbers with the highest percentage of perpendicular shocks is generally in
the range 5 . " . 20, but it depends on the typical pre-shock temperatures, e.g. the runs with
dynamo and reionization have higher ) and thus lower " (Section 5.3.1, Figure 5.10);

3. this effect is maximized around filaments, where the shocks propagate perpendicularly to the
filament length and the magnetic field aligns with the filament (Figure 5.18);

4. the physical effect at play here likely is the progressive alignment of the magnetic field with respect
to the velocity vector, through the equilibration process described by Soler and Hennebelle [2017],
which often arranges the local magnetic field to be quasi-perpendicular to the local direction of the
density gradient;

5. the alignment of the magnetic field depends on the plasma V and the magnetic field’s origin, as
well as its initial topology (Section 5.3.1, Figure 5.9). A recent origin of magnetic field lines is
found to slightly reduce the excess of quasi-perpendicular shock geometries;

6. the decreased fraction of proton-accelerating shocks potentially has an effect in reducing the W
emission linked to proton interactions, thus possibly explaining the lack of detection by Fermi-
LAT, while leaving the acceleration of CR electrons almost unchanged (Section 5.4, Figure 5.26).

To conclude, we have found preliminary results suggesting that the role of obliquity is far fromnegligible in
the process of particle acceleration and signature emission of CRs, and that different cosmic environments
may be characterized by systematically different regimes of shock obliquity and local plasma parameters,
confirming earlier findings by Wittor et al. [2017].

Our modelling of CR acceleration across cosmic environments has implicitly assumed that the
topological properties of magnetic fields resolved by our simulations (∼ 1021 cm) remain unvaried down
to the scales where DSA and SDA take place (∼ 1016 cm). This is certainly a gross oversimplification,
which we consider only as first step towards a gradual multi-scale approach for future PIC simulations,
which will allow us to bridge the tremendous gap in spatial scales that separate the “micro” scales at
which acceleration takes place, to the “macro” scales that radio telescopes can observe.
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Figure 5.28: The Figure shows the distribution of Δ�‖ , i.e. howmuch the parallel component of magnetic
fields is measured to change from pre-shock to post-shock cell for each shock in the Chronos baseline
run and in the San Pedro clusters.

5.7 Appendix

5.7.1 On the conservation of B-parallel in MHD shocks
According to the standard shock jump conditions in ideal MHD [see Fitzpatrick, 2014] the regions
crossed by shocks experience a modification in the strength of the magnetic field perpendicular to the
shock normal (�⊥) due to compression, while the parallel component (�‖) is conserved. Therefore, in
principle the conservation of �‖ going from the up-stream to the down-stream region can be considered
as a way to constrain the identification of the propagation direction of numerical shocks. However, we
tested that in practice this operation is prone to typically large numerical errors, due to the fact that
multiple flows can affect the evolution of cell values over one timesteps, and that in the most general
case the change in �‖ and �⊥ is not uniquely due to shocks. We estimated the variation in the parallel
component of the magnetic field as

ΔB‖ =
�����‖post − �‖pre

�‖pre

���� . (5.4)

In Figure 5.28, we show the distribution ofΔ�‖ for the two sets of simulations. The lack of conservation in
�‖ is linked to the resolution of the simulation, since the smaller the cell size the smaller the time interval
that separates the pre-shock and post-shock cells. Assuming a typical velocity of ∼ 102 − 103 km s−1 for
accreting matter, for the Chronos simulations (resolution of ≈ 83 kpc) the timescale is of the order of
108 − 109 yr; for the higher-resolution simulations (≈ 25 kpc) the timescale is ∼ 5 · 107 − 5 · 108 yr. As
a consequence, the higher accuracy of the pre-shock cell identification in San Pedro clusters leads to a
better conservation of �‖ , while the values of obliquity obtained with Chronos may not be fully reliable.
Nonetheless, we already established that the two sets of simulations are mostly in agreement in terms of
obliquity (e.g. Figure 5.19), so we consider our estimates for Chronos to be valid to a first approximation.
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Figure 5.29: Plots of the functions 51, 52 and 53 determining the fraction of electrons (solid lines) and
protons (dashed lines) of the total amount of CR that a shock with a certain obliquity can accelerate. The
lower-right panel shows the effect of the different functions 5 on the ratio #⊥/#‖ for shocks in the San
Pedro clusters.

5.7.2 On the distinction between perpendicular and parallel shocks
In this analysis we identified as quasi-perpendicular shocks the ones havingΘ > 45◦, while quasi-parallel
shocks are the ones with Θ < 45◦. PIC simulations [Guo et al., 2014b, Caprioli and Spitkovsky, 2014b]
showed that this transition should be a smoother function of Θ. We show how the ratio of number of
perpendicular over parallel shocks in the San Pedro runs varies for three different functions 5 ranging
from 0 to 1 that parametrize the ability of a shock to accelerate electrons and protons. 51 is the step
function adopted for the analysis; 52 assumes a linear transition from 0 to 1 in the interval 35◦ < Θ < 55◦;
53 assumes a linear transition from 0 to 1 in the interval 0◦ < Θ < 90◦. Figure 5.29 shows that there is
no significant discrepancy in the trend of the ratio as a function of Mach number from 51 to 52, while
53 would introduce a non-negligible change. However, according to PIC simulations, the most accurate
function should be similar to 52, whose effect on #⊥/#‖ is approximately the same as 51’s.

5.7.3 Spurious small-scale waves
We investigated a quantity which is strictly related to obliquity, but can be defined for each cell, not
only for shocked ones: this “pseudo-obliquity” \′ is the angle between the gas velocity and the magnetic
field. We found that this quantity behaves peculiarly, i.e. “stripes” of null and straight angles are formed
in rarefied regions of the four Chronos runs, similar to waves crossing the ICM. When \′ ≈ 0◦ or
\′ ≈ 180◦, v and B are aligned and they assume alternately either concordant or inverted direction: by
analysing the orientation of velocity and magnetic field vectors we have determined that this phenomenon
is associated to the inversion of the magnetic field. We suspected that these features could be linked to the
divergence cleaning method [Dedner et al., 2002], so we analyzed two smaller simulations (4003 cells,
with a 147 kpc resolution and initial conditions similar to the baseline from Chronos), run respectively
with Dedner cleaning and constrained transport6 (CT) [Collins et al., 2010] and otherwise identical. In

6We remark that in the CT run we encountered some numerical issues of unclear origin in the magnetic field computation
by Enzo in high-density regions, which discouraged us from using this solver for the Chronos runs: however, here we want

63



Dedner CT

0

45

90

135

180

′

32

31

30

29

28

lo
g

[g
cm

3 ]

Figure 5.30: Angle formed by velocity and magnetic field (“pseudo-obliquity”) in a slice of volume
for simulations run with Dedner cleaning and CT in the top panels. Density slice of the corresponding
simulations in the bottom panels.

Figure 5.30, we show the values of \′ in a slice of the volume for the two simulations, along with the
corresponding density: analogous features are present in both cases, but the morphology of the stripes
is quite different. In order to ascertain that the solver does not drastically affect the obliquity estimation,
we computed \ for shocks in both cases and verified that the relative abundance of perpendicular and
parallel shocks is overall compatible in most environments, as can be seen in Figure 5.31, where the
trend of #⊥/#‖ is shown as function of density. Although we do not have a physical or numerical
explanation for this phenomenon, this may have repercussion only on low-density regions, which host
a very small fraction of the totality of shocks. Given these considerations, the previous analysis should
only marginally be affected by this issue: precisely, the obliquity of shocks in rarefied regions (with very
high Mach numbers) is not completely reliable.

5.7.4 Comparison with interstellar medium shocks
In this Section, we illustrate the work on simulations of the ISM performed by Soler and Hennebelle
[2017] and show how some of the considerations they made applied on our work as well. As anticipated
in Section 5.3.2, we found that the magnetic field tends to arrange around low-density structures in a
direction which is parallel to the structure itself, due to the action of shear motions. Soler and Hennebelle
[2017] encountered this phenomenon while simulating turbulent molecular clouds: they considered the
angle q formed by the density gradient ∇d and the magnetic field B and defined the quantity b (relative
orientation parameter) as the difference between the number of cells where |cos \ | < 0.125 and the
number of cells where |cos \ | > 0.875: thus b > 0 where ∇d is quasi-perpendicular to B and b < 0 where
they are quasi-parallel7. In Figure 5.32, we replicate the plots from Figure 1 and 2 in Soler and Hennebelle
[2017] of the relative orientation parameter as a function of the gas density, which identifies the different
structures, and as a function of the velocity divergence, which is strictly related to the shock strength. The

to compare the behavior of the magnetic field in rarefied environments, which appears to be reliable.
7We point out that while for random vectors in space the probability distribution of 0 ≤ q ≤ c is ∝ sin q, all values

assumed by −1 ≤ cos q ≤ 1 are equiprobable, so a random distribution returns b = 0.
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behavior of b is evaluated at varying values of the plasma V. Even though they considered a very different
range of densities and velocities, we found similar results in the Chronos baseline simulation. Except for
very rarefied regions, possibly affected by numerics, we note the same behavior for b, which is positive
in most of the volume, i.e. there are more perpendicular configurations with respect to parallel ones,
with a decreasing trend towards higher densities, towards more negative values of velocity divergence
and towards lower V (i.e. more magnetized plasmas).

66



6. Electron acceleration efficiency in cosmic col-
lisionless shocks

The material of this chapter is subject of an article in preparation (Banfi et al.), and soon to be submitted.

Abstract Collisionless shocks in the intraclustermedium can be responsible for acceleration of electrons
and protons to non-thermal energies. Such energetic particles, known as cosmic rays, are responsible for
the onset of phenomena that can in principle be observed from Earth, such as synchrotron radiation and
hadronic W-ray emission. Diffusive shock acceleration (or first-order Fermi acceleration) is recognized
as the mechanism behind particle acceleration, although other processes need to be invoked to explain
how electrons can be pre-accelerated to the supra-thermal energies needed for them to participate in the
Fermi process. These mechanisms can be strongly affected by the magnetic properties of the shocked
medium: in particular, the angle formed by the shock propagation direction and the magnetic field,
known as obliquity \, determines how efficiently each particle species is accelerated. In this work, we
perform particle-in-cell simulations of shocks with typical conditions found in cosmic filaments, which
we inferred from previous works: these shocks are characterized by high Mach numbers ("s ∼ 15)
and a quasi-perpendicular configuration of the magnetic field. We consider different obliquities and
evaluate the acceleration efficiency of electrons in each setup. We conclude that for this choice of
parameters electrons are pre-accelerated by the motional electric field by drifting along the shock front
(shock drift acceleration). This mechanism is especially efficient for less oblique quasi-perpendicular
shocks (\ = 60◦), which allow more electrons to stream back upstream. We find that a fraction of these
electrons eventually takes part to diffusive shock acceleration and becomes strongly relativistic (up to
Lorentz factor W ∼ 10). Finally, we measure the injection efficiency of electrons into diffusive shock
acceleration in cosmic environments as a function of obliquity and verify the compatibility of our results
to the estimates from previous works: we conclude that, according to our findings, the overall injection
of relativistic electrons is a factor ∼ 5 − 10 higher than previously assumed.

6.1 Introduction
The acceleration of particles up to relativistic energies is believed to be a common process in collisionless
shocks, which frequently form in many different astrophysical environment. Among these, cosmic shocks
in the large-scale structure of the Universe are predicted to be generated by the accretion of cold gas or
merger of subhalos, leading to the production of both cosmic-ray (CR) protons and electrons [e.g. Ryu
et al., 2003, Bykov et al., 2019]. Evidence of the presence of electrons with ∼ GeV energies is provided
by radio observations of the Mpc-size synchrotron emission in clusters of galaxies [e.g. Carilli and Taylor,
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2002a, Ferrari et al., 2008, Brunetti and Jones, 2014], while no evidence has been so far reported for
diffuse W-ray hadronic emission from the intracluster medium, which limits the energy of CR protons to
be less than a percent of the gas energy in galaxy clusters [e.g. Ackermann et al., 2014].

In principle, particle acceleration by non-relativistic collisionless shocks is well explained by first
order Fermimechanism known as diffusive shock acceleration (DSA) [Bell, 1978, Blandford andOstriker,
1978, Drury, 1983], in which particles gain energy in the repetitive interaction with the shock front, as
they are scattered off plasma magnetohydrodynamic (MHD) waves. While this mechanism is found to be
efficient in energizing CR protons [Caprioli and Spitkovsky, 2014a], electrons need to be pre-accelerated
before they can be injected into the DSA cycle, due to their gyration radius being much smaller than the
shock front: this issue, which has been addressed extensively in literature, is still partially unresolved,
and it is known as the ‘injection problem’. Different scenarios for electron pre-acceleration have been
proposed, depending on the shock strength and plasma characteristics, including the pre-existingmagnetic
field topology: the relative orientation between the magnetic field and the shock propagation direction
(i.e. obliquity) allows to classify shocks as either quasi-parallel or quasi-perpendicular.

Thanks to recent works, we could use state-of-the-art cosmological MHD simulations to study the
distribution of shocks across cosmic environment, and quantify the distribution of shock obliquity, for
different possible models of cosmic magnetism [Banfi et al., 2020, 2021]. In particular, we looked for
common properties in the set of shocks taking place in filaments, elongated structures connecting galaxy
clusters in the cosmic web, which are expected to be surrounded by strong (high-Mach number"s) shocks
deriving from the accretion of cold gas [Ryu et al., 2003]: these objects have only been detected a handful
of times [e.g. Werner et al., 2008, Farnsworth et al., 2013], hence their features are poorly constrained.
In Banfi et al. [2020], we established that quasi-perpendicular configurations make up a significant part
of the entire population of high-"s accretion shocks around filaments, as later explained in Banfi et al.
[2021]. Assuming prescriptions for acceleration efficiency fromKang and Ryu [2013], we concluded that
proton acceleration should be strongly inhibited by the obliquity distribution, and therefore the constrain
imposed by the non-detection of W emission would be consistent to our inference. These works represent
a preliminary and macroscopic inspection of the typical plasma conditions that should be met in cosmic
shocks, but in order to reliably predict their CR acceleration efficiency, a different kind of simulations is
necessary.

Recent fully-kinetic particle-in-cell (PIC) simulations [e.g. Bohdan et al., 2017] have shown that
the physics of strong perpendicular shocks is mostly governed by the instabilities generated by the
encounter of incoming plasma and the reflected ion stream. In particular, Buneman instability [Buneman,
1958], resulting from the interaction of cold incoming electrons and reflected ions, allows shock surfing
acceleration (SSA) to take place [Shimada and Hoshino, 2000, Hoshino and Shimada, 2002]: in this
process, electrons are trapped in potential wells by electrostatic waves and are eventually accelerated by
the convective electric field. SSA is found to be less important as ion-to-electron mass ratio is pushed
towards larger, more realistic values. On the other hand, the interaction of incoming and reflected ions
generates Weibel instability [Kato and Takabe, 2010, Niemiec et al., 2012, Wieland et al., 2016], which
causes magnetic fields to acquire a filamentary shape: this configuration is often unstable, thus inducing
turbulentmagnetic reconnection, which can be responsible for electron pre-acceleration [Matsumoto et al.,
2015]. Additionally, the Weibel instability can facilitate electron injection into DSA via stochastic Fermi
acceleration [Bohdan et al., 2017] and shock drift acceleration (SDA) [Matsumoto et al., 2017]. SDA
consists of electrons gaining energy in the shock transition region due to the electric field generated by the
magnetic field gradient across the shock front. While in three-dimensional simulations [e.g. Matsumoto
et al., 2017] Buneman waves and Weibel magnetic turbulence co-exist, lower-dimension setups limit the
kinds ofwavesmodes that can be included: in two-dimensional simulations the orientation of themagnetic
field with respect to the simulation plane plays a fundamental role [e.g. Bohdan et al., 2017]. Xu et al.
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[2020], however, have shown that a typical DSA power-law is eventually formed in the electron spectra
of strong quasi-perpendicular shocks, even for one-dimensional simulations, thanks to the combination
of SSA, SDA and upstream wave scattering.

The aim of this work is to perform a set of PIC simulations of shocks with the typical characteristics
of a filament accretion shock and study the dependence of electron (pre-)acceleration mechanisms and
efficiency on the variation of both physical (obliquity) and simulation (number of dimensions, ion-to-
electron mass ratio, particles per cell) parameters.

6.2 Methods
This work starts by considering the final results of our previous analysis of structure formation shocks,
produced by cosmological simulations, which coupled a simple ideal MHD prescription to different
models for the origin of magnetic fields in large-scale structures, as presented in Banfi et al. [2020]1.
In this new work, we perform dedicated numerical simulations of cosmological collisionless shocks
with the massively parallel electromagnetic PIC code Tristan-MP [Spitkovsky, 2005]. We used both
1D and 2D configurations: regardless of the number of dimensions of the computational domain, all
three components of particle momenta and electromagnetic field are followed. A shock is generated by
reflecting a non-relativistic, super-sonic, super-Alfvénic, electron-ion plasma onto a wall at the edge of
the computational box (see Figure 6.1). The domain and the particle injector are set to expand along the
shock propagation direction as the shock front approaches. The plasma moves along the G-axis with bulk
velocity D0, which is related to the simulation-frame Mach number as

" =
D0
2s
=

D0√
2Γ:B)i/<i

(6.1)

where 2s is the upstream sound speed, :B is the Boltzmann constant, Γ = 5/3 is the adiabatic index, )i
is the ion temperature (which is set equal to the electron temperature )e) and <i is the ion mass. This
parameter is related to the sonic Mach number:
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D
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D0
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(
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)
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where Dup
sh is the shock velocity in the upstream rest frame and A is the compression ratio, which approaches

≈ 4 for strong shocks, like the ones considered. The plasma initial magnetization is given either by

f =
�2

0/4c
(W0 − 1)=<i22 , (6.3)

or equivalently by

VP =
=:B()i + )e)
�2

0/8c
=

4
fΓ"2 , (6.4)

where �0 is the (uniform) magnetic field, W0 = (1 − V2
0)
−1/2 = (1 − D2

0/2
2)−1/2 and = = =i = =e is the

plasma number density. The shock Alfvénic Mach number is obtained as "A = D0/EA =
√

2/f. The
angle formed by the magnetic field and the shock propagation direction is called obliquity. While in 1D
obliquity \ is the only necessary parameter to identify the magnetic field topology at the beginning of the

1In the following, we only consider the run referred to as “baseline”.
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Figure 6.1: 2D shock simulation setup in Tristan-MP.

\ mass ratio particles per cell VP V0 electron acceleration
1a 78◦ 300 32 8 0.1 no
1b 78◦ 100 500 8 0.1 no
1c 60◦ 300 500 8 0.1 yes
1d 78◦ 300 500 8 0.1 yes
1e 78◦ 1000 500 8 0.1 yes

Table 6.1: Simulation initial conditions for the one-dimensional runs. The last column indicates whether
or not we observed hints of electron acceleration towards the end of each run.

simulation, for 2D setups another angle, q, needs to be specified: in previous works [e.g. Bohdan et al.,
2017], it was shown that the ability of capturing plasma effects by two-dimensional simulations is strictly
dependent on the magnetic field orientation with respect to the simulation plane. In our convention,
\ is the angle formed by the B0 vector and the G−axis, while q is the angle formed by the projection
of B0 on the H − I plane and the I−axis, which corresponds to q = 0 for out-of-plane configurations
(�y = 0) and q = 90◦ for in-plane configurations (�z = 0). In this work, both cases are considered. We
simulated quasi-perpendicular (\ = 60◦ and \ = 78◦), super-Alfvénic shocks with "s = 15, "A = 39,
V0 = 0.1, :B)i/(<i2

2) = 2.392 × 10−5, f = 0.002392 (VP = 8): the choice of these parameters is
explained in Section 6.3.1. We explored different ion-to-electron mass ratios <i/<e = 50, 100, 300 and
1000 and initial number of particles per cell ??20 = 16, 32, 64 and 500 (half electrons and half ions).
The grid cell size is chosen to be ΔG = ΔH = 0.1 _e, where _e = 2/lpe is the electron skin depth and
lp,e =

√
4c=e42/<e is the electron plasma frequency (the same quantities can be defined for ions by

changing the subscript). The timestep is ΔC = 0.045lpe, so that 2 = 0.45ΔG/ΔC. The characteristics of
each run are summarized in Table 6.1 and Table 6.2 for 1D and 2D runs respectively. We point out that,
although not all 2D simulations have the same transverse size (i.e. the number of cells which sample the
H-direction), we verified that, provided the proper normalization in the number of particles, the particle
energy spectra are usually only marginally affected by this parameter.

6.3 Results

6.3.1 Shock initial conditions
In Banfi et al. [2020], we identified shocks throughout the cosmic web and inferred the following main
properties: sonic Mach number "s, magnetization parameter VP, obliquity \ and dissipated flux �.
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\ q transverse size mass ratio particles per cell VP V0 electron acceleration
2a 78◦ 0◦ (out-of-plane) 100 _e 50 16 8 0.1 yes
2b 78◦ 90◦ (in-plane) 100 _e 50 16 8 0.1 no
2c 60◦ 0◦ (out-of-plane) 5 _e 50 16 8 0.1 yes
2d 60◦ 90◦ (in-plane) 5 _e 50 16 8 0.1 yes
2e 78◦ 0◦ (out-of-plane) 5 _e 50 64 8 0.1 yes
2f 78◦ 90◦ (in-plane) 5 _e 50 64 8 0.1 no

Table 6.2: Simulation initial conditions for the two-dimensional runs. The last column indicates whether
or not we observed hints of electron acceleration towards the end of each run.

Figure 6.2: Density map of a slice of the cosmological volume simulated. The shocks are marked with
either a red dot (if they belong to filaments, i.e. if they fulfil the temperature requirement 5 × 103 K ≤
) ≤ 105 K) or a yellow dot (if they belong to clusters, i.e. if ) > 105 K).

Being especially interested in quantifying the acceleration efficiency of electrons in accretion shocks,
we selected the shocks having upstream temperatures typical of filaments, i.e. 5 × 103 K ≤ ) ≤ 105 K
(see Figure 6.2). Then, in order to start with the shocks which are most likely to be observable in real
radio surveys, we selected the ones which dissipate the largest amount of kinetic energy. To this end, we
computed the fraction of kinetic energy flux across shocks, which gets dissipated into the acceleration
of CR electrons, based on the expectations from DSA (�CRe, see Banfi et al. 2020 for details). By
considering different bins of "s, VP and \ we could select the combination of parameters which is found
to maximize �CRe. Figure 6.3 shows the overall fraction of �CRe dissipated by all shocks having a certain
"s, VP or \. While for "s and VP there is a clear peak in the distribution, the values of \ are less strongly
constrained (although a modest peak can be identified). Therefore, we decided to maintain fixed "s = 15
and VP = 8, while considering two different obliquity values (\ = 78◦ and \ = 60◦).
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Figure 6.3: Fraction of kinetic energy flux dissipated by shocks into CR electron acceleration as a function
of "s, VP and \.

6.3.2 Simulation parameter evaluation
The first part of this work consisted in testing the reliability of the simulation parameters: as for
all numerical methods, some compromise between computational resources and physical accuracy is
required. For PIC simulations, this mostly translates into 1) choosing the suitable number of particles
per cell at the beginning of the simulation (??20, from now on) and 2) adopting a large enough (albeit
lower than the real value) mass ratio, i.e. <i/<e. As both parameters can directly impact the memory
and computing time requirement of the simulation (linearly with ??20 and <i/<e for 1D simulations),
convergence studies are needed in order to determine the minimum suitable numerical configuration to
get to a physical solution.

Particles per cell convergence

The parameter ??20 indicates the total number of particles per cell when the simulation is initialized (i.e.
in the upstream plasma): in our case, half of the particles are ions and the other half electrons. If ??20 is
too low, the code will develop some effective collisionality (and resulting collisional/numerical heating)
due to the noise-level fluctuations arising from coarse graining of the distribution function, which should
be avoided in a collisionless code. For 1D simulations, we show the comparison between runs 1a and
1d, respectively with ??20 = 32 and ??20 = 500 (given a fixed mass ratio of 300). Figure 6.4 shows that
pre-acceleration is found in the upstream for ??20 = 500, while no sign of deviation from theMaxwellian
can be identified for low ??20.

For 2D simulations, we show the comparison between runs 2a and 2e, respectively with ??20 = 16
and ??20 = 64 (given a fixed mass ratio of 50). In both these runs, which have an out-of-plane magnetic
field configuration, there is evidence of pre-acceleration in the upstream with no particular differences
introduced by the ??20 increase. Therefore, we can conclude that, for 2D setups, a value of ??20 = 16
is enough to prevent numerical effects and accurately describe particle evolution. Since the degree of
collisionality is controlled by the number of computational particles in a sphere with radius of one skin
depth (which is actually a line in 1D and a circle in 2D), it must be noticed that ??20 = 64 in 2D is
roughly equivalent to ??20 = 500 in 1D.
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Figure 6.4: Comparison of runs 1a and 1d at Cl28 = 19, which differ in the choice of the parameter
??20. Left and central panel: spectra of electrons upstream and downstream, rescaled to the number of
particles. Right panels: density profile normalized to the initial density; the highlighted areas indicate
the regions from which electrons are extracted in the upstream ([Gshock + 10_i, Gshock + 50_i]) and in the
downstream (two different downstream areas are compared: [Gshock − 120_i, Gshock − 80_i], dotted line,
and [Gshock − 50_i, Gshock − 10_i], solid line).

Figure 6.5: Comparison of runs 2a and 2e at Cl28 = 11, which differ in the choice of the parameter
??20. Left and central panel: spectra of electrons upstream and downstream, rescaled to the number
of particles. Right panels: density map normalized to the initial density; the highlighted areas indicate
the regions from which electrons are extracted in the upstream ([Gshock + 10_i, Gshock + 50_i]) and in the
downstream (two different downstream areas are compared: [Gshock − 120_i, Gshock − 80_i], dotted line,
and [Gshock − 50_i, Gshock − 10_i], solid line).
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Figure 6.6: Comparison of runs 1b, 1d and 1e at Cl28 = 21, which differ in the choice of the parameter
<i/<e. Left and central panel: spectra of electrons upstream and downstream. Right panels: density
profile normalized to the initial density; the highlighted areas indicate the regions fromwhich electrons are
extracted in the upstream ([Gshock +10_i, Gshock +50_i]) and in the downstream (two different downstream
areas are compared: [Gshock − 120_i, Gshock − 80_i], dotted line, and [Gshock − 50_i, Gshock − 10_i], solid
line).

Mass ratio convergence

The parameter <i/<e indicates the ratio between the ion and electron mass. The advantage of a non-
realistic mass ratio (<i/<e < 1836) is that, if we fix electron scales, ion scales become smaller, so it is
cheaper to run the code for a given number of ion times. However, an arbitrarily small mass ratio is bound
to inhibit the interaction of particles with the shock, and therefore particle acceleration is prevented.
Following Sironi and Spitkovsky [2009], the minimum velocity required by the particle to escape ahead
of the shock and not be advected in the downstream is

DC = D
up
sh sec \ =

√
2Γ:B)e
<e

√
<e
<i
"s sec \, (6.5)

which implies that DC will approach the speed of light as the mass ratio <i/<e decreases and the obliquity
\ → 90◦. Therefore, depending on the choice of obliquity (as will be discussed later in this Section),
lower mass ratios can be adopted without compromising the evolution of particles. By comparing runs 1b,
1d and 1e, respectively with <i/<e = 100, 300 and 1000, we can observe how the mass ratio affects the
electron pre-acceleration in the upstream, at fixed value of ??20 = 500. We observe a gradual increase in
the fraction of particles deviating from the Maxwellian in the upstream as the mass ratio becomes larger:
specifically, we identify a transition between the complete lack of pre-acceleration for <i/<e = 100 and
a visible bump at large Lorentz factors in the upstream for <i/<e = 300. This behavior is expected from
Equation 6.5, since more particles are able to interact with the shock if the mass ratio is larger. However,
we must also take into account another effect: as a consequence of the increased mass ratio, the energy
distribution of electrons gets shifted towards higher temperatures, at fixed values of V0 and :B)i/(<i2

2).
Therefore, differences in the electron spectra could also be due to the fact that the mass ratio is increased
to an extent which allows thermal electrons to be already relativistic, which would be highly unrealistic
in the scenario of shocks occurring in filaments. In order to assess whether this effect is relevant, we
performed some tests, which we show in Appendix 6.5.1.
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Figure 6.7: Evolution of electron spectra of run 1d for 5 < Cl28 < 40. Left and central panel:
spectra of electrons upstream and downstream compared to the thermal Maxwellian (dashed line). Right
panel: density profile normalized to the initial density; the highlighted areas indicate the regions from
which electrons are extracted in the upstream ([Gshock + 10_i, Gshock + 50_i]) and in the downstream
([Gshock − 50_i, Gshock − 10_i]).

Time convergence

Based on the previous discussion on the simulation parameters in 1D, we assume that the parameter
combination ??20 = 500 and <i/<e = 300 describes the shock’s physical setup in a sufficiently accurate
manner. Therefore, we advance run 1d as long as possible and study the evolution of the spectral
properties of electrons. We find that the upstream curve settles at Cl28 = 20, after which an approximately
stable fraction of electron gets pre-accelerated and eventually reaches relativistic energies W ∼ 10 in the
downstream, which are suitable for further DSA acceleration. Therefore, we conclude that Cl28 ≈ 20 is
the required suitable time to observe the features that we identify as pre-acceleration in the upstream:
however, we evolved a few significant runs for longer times, in order to also witness the early stages of
acceleration in the downstream and to reliably determine the properties of the power law tail.

Dimensionality

In this Section we discuss to which extent the limitation of the computational domain to a single
dimension impacts on particle acceleration. In particular, differences are expected to arise due to the
ability of higher-dimensional simulations to capture certain kinds of plasma waves and/or instabilities.
Furthermore, when moving up from 1D to 2D, the orientation of the magnetic field is not only identified
by \, but also by q (defined in Section 6.2). This choice affects the evolution of the shock under many
aspects: Figure 6.8, for instance, shows how both the speed of the shock propagation and the shock
front morphology differ. As previously found by Bohdan et al. [2017], in-plane configurations allow
the formation of Weibel-like filaments, while an out-of-plane magnetic field generates strong Buneman
waves instead, which inevitably affects particle (pre-)acceleration mechanisms. In principle, there is no
reason to choose one configuration over the other, since these phenomena actually occur in a 3D space:
more time-consuming 3D simulations would be required to asses which scenario is in better agreement
to the real one. In Figure 6.9, we show the comparison between electron energy spectra for the 1D run 1d
and the 2D runs 2a and 2b, having respectively out-of-plane and in-plane configurations. We observe that
while the 2D in-plane configuration does not show signs of electron pre-acceleration, the 2D out-of-plane
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Figure 6.8: Comparison of density and magnetic field maps for runs 2a and 2b, having same obliquity
\ = 78◦ but different initial magnetic field orientation with respect to the simulation plane at Cl28 = 28 .

and the 1D run have similar features in the upstream. We must take into account the fact that the 1D run
requires a higher mass ratio in order to develop a comparable amount of pre-acceleration, so the curve is
peaked at higher energies, as explained above.

We conclude that, in 1D simulations, most physical processes present in 2D (out-of-plane) runs are
observed as well, so we can consider them accurate enough to study particle acceleration. In these
setups, we find that the following parameter combination is the best compromise between reliability and
computational cost: ??20 = 500 and <i/<e = 300.

The role of obliquity

As discussed in Section 6.3.1, we chose \ = 78◦ as the reference obliquity for cosmic shocks in filaments.
However, we pointed out that, although corresponding to the peak of the distribution in Figure 6.3, this
obliquity does not represent the absolute majority of shocks. In order to provide a broader analysis, we
also considered the case of a less oblique shock (albeit still quasi-perpendicular) with an initial obliquity
of \ = 60◦. We covered both the 1D (run 1c) and 2D cases (run 2c, out-of-plane, and run 2d, in-plane).
In Figure 6.10 and Figure 6.11, we compare these runs with their corresponding run having \ = 78◦. We
notice that some degree of acceleration is present in all runs (except for run 2b, as previously observed),
with a systematic increase at lower obliquities.

It is known that for quasi-perpendicular shocks, electron (pre)-acceleration is more prominent for
smaller angles, as a consequence of the presence of a critical angle \crit [Sironi et al., 2015]. This effect is
ascribable to the fact that fewer and fewer electrons can outrun the shock if the obliquity exceeds \ > \crit,
and particles would need to move along the field faster than the speed of light in order to move back
upstream. The value of \crit is a function of flow velocity, magnetization and mass ratio (see Equation
6.5).

Therefore, as expected, the energy spectra for the two tested obliquities differ due to twomain features:
1) more particles deviate from the Maxwellian for \ = 60◦ (as will be quantified later), because they are
facilitated in outrunning the shock; 2) the Maxwellian peak is shifted towards higher temperatures for
\ = 60◦: this is ascribable to the higher number of particles that are scattered back and forth upstream
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Figure 6.9: Comparison of runs 1d, 2a and 2b at Cl28 = 28, which differ in the number of dimension of
the domain and (in the 2D cases) in the angle q. Left and central panel: spectra of electrons upstream
and downstream. Right panels: density profile normalized to the initial density; the highlighted areas
indicate the regions from which electrons are extracted in the upstream ([Gshock + 10_i, Gshock + 50_i]) and
in the downstream (two different downstream areas are compared: [Gshock − 120_i, Gshock − 80_i], dotted
line, and [Gshock − 50_i, Gshock − 10_i], solid line).

and downstream after interacting with the shock, which causes heating and therefore a hotter distribution.
This is especially evident in the 1D comparison in Figure 6.10.

We point out that even for \ = 60◦ there is consistency with our findings about the dependence on
dimensionality and q, shown in Section 6.3.2, namely the similarity between the 1D and 2D out-of-plane
configurations with respect to the 2D in-plane one, which totally (\ = 78◦) or partially (\ = 60◦) opposes
to particle acceleration (Figure 6.11).

6.3.3 The electron acceleration efficiency
In order to assess the mechanisms behind electron acceleration and its efficiency, we analyse the trajec-
tories of the most energetic electrons found in the downstream for the two values of obliquity in runs 1c
and 1d. We opt to address this matter for 1D simulations, because we managed to push the mass ratio to
more realistic values, which we identified as the most critical parameter determining whether particles
are able to outrun the shock or not. Furthermore, an extensive analysis of 2D simulations for both in-
plane and out-of-plane configurations was already performed in the work by Bohdan et al. [2019b] (and
following papers). In Figure 6.12 we provide an example, taken from run 1d, of an electron progressively
gaining energy through the interaction of the shock front. From this preliminary qualitative analysis, we
immediately observe that, every time the particle encounters a density gradient, it gains energy. Although
a more rigorous study of the underlying processes is necessary to doubtlessly identify the acceleration
mechanism, this kind of behavior strongly points to SDA being the main process involved.

An important outcome of this work is to refine the existing estimates on the (pre-)acceleration
efficiency of relativistic electrons by cosmic shocks, especially for the typical accretion shocks surrounding
filaments, which have never been subject of PIC simulations. Even if our PIC simulations cannot be
run long enough to measure the proper onset of the DSA stage, the measured fraction of pre-accelerated
electrons towards the end of our runs can be extrapolated to provide the best estimate ever so far for
the acceleration efficiency of shocks in filaments. To a first approximation, we can thus assume that all
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Figure 6.10: Comparison of runs 1c and 1d at Cl28 = 40, which differ in the magnetic field obliquity
\. Left and central panel: spectra of electrons upstream and downstream. Right panels: density profile
normalized to the initial density; the highlighted areas indicate the regions from which electrons are
extracted in the upstream ([Gshock +10_i, Gshock +50_i]) and in the downstream (two different downstream
areas are compared: [Gshock − 120_i, Gshock − 80_i], dotted line, and [Gshock − 50_i, Gshock − 10_i], solid
line).

Figure 6.11: Spectra of electrons upstream and downstream for runs 2a, 2b, 2c and 2d at Cl28 = 26.
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Figure 6.12: Energy evolution of an electron being pre-accelerated by the interaction with density
gradients (at four significant points in time).
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electrons accelerated above a critical energy will, sooner or later, undergo first-order Fermi acceleration,
and eventually develop the classic power-law distribution of momenta produced by DSA. Even if this
can be directly tested only with longer and more computationally demanding simulations (owing to the
much larger domain we should simulate), our results can be already used for a first order estimate of the
injection fraction into DSA.

To this end we computed, both in the upstream (i.e. the area delimited by [Gshock+10_i, Gshock+50_i])
and in the downstream (i.e. the area delimited by [Gshock − 50_i, Gshock − 10_i]) the fraction of electrons
with energies above a critical energy threshold, marking the injection region into the DSA regime. The
energy spectra of non-accelerated electrons can be approximated by a Maxwellian: in the upstream,
since the fluid is moving with respect to the reference frame, the spectra need to be fitted with a moving
Maxwell-Jüttner distribution with temperature ) = 2.392 × 10−5 <i2

2/:B and velocity V0 = 0.1. In the
downstream, the plasma is at rest with respect to the reference frame and the Maxwellian is shifted due
to heating. We choose a fiducial margin of 3 times the value of the Maxwellian (computed as a function
of W − 1), and tag all particles in the range above this threshold as pre-accelerated (see Figure 6.13). This
way we can paramterize the acceleration efficiency, binj, as the percentage of electrons exceeding the
Maxwellian, with respect to all of the electrons in the selected (upstream or downstream) subvolume.

In the example given in Figure 6.13, we find that, at Clci = 40, binj ≈ 0.017% of electrons in the
downstream are pre-accelerated significantly beyond the Maxwellian in run 1d, and binj ≈ 0.007% in
run 1c (the above estimates are ≈ 0.002% and ≈ 0.15% if measured in the upstream, respectively.). In
the following, we will restrict our analysis to the downstream region, where the acceleration of electrons
dominating the radio signal is supposed to take place. We shall notice that an intrinsic limitation of this
approach is that a precise measure of binj is prevented by the time variability of our spectra, which causes
the fraction to fluctuate from snapshot to snapshot, both in the upstream and in the downstream, as shown
in Figure 6.14. If we take the time average and the variance of the recorded injection fraction in the two
cases, we get binj,60 = 0.01 ± 0.004% and binj,78 = 0.007 ± 0.004% (1f deviates), respectively.

We can now compare this estimate with previous predictions from fluid simulations of DSA, applied
to the intergalactic or intracluster medium, in order to assess to which extent the previous guesses for
the radio emission from shocked electrons in the cosmic web are reliable. Here we compare with the
results of 1D convection-diffusion simulations by Kang and Ryu [2013], who evolved quasi-parallel
shocks with Bohm diffusion coefficient, a self-consistent treatments of thermal leakage injection, the
Alfvén wave propagation and the back reaction from the magnetic field amplification by CR instabilities
at the shock front. In order to translate the predicted trend for binj("s) from these simulations into an
electron injection fraction, an additional factor is required to convert from CR protons to electrons. This
parameter is usually taken to be  ep ≈ 10−2, based on the observed ratio between relativistic electrons
and protons in the Milky Way. This is also in line with the injection spectral index of local Galactic
supernova remnants [e.g. Uchiyama et al., 2007], even though this value is pretty much unconstrained
both from theory and observations in the case of the intergalactic medium, and for the regime of shocks
we are concerned with here.

Figure 6.15 shows the comparison of our results for the "s = 15 shock with \ = 60◦ and \ = 78◦ and
the trend of binj(M) simulated by Kang and Ryu [2013]. Clearly, the DSA prediction for  ep = 10−2 (solid
line) underestimates the injection fraction we measure in both runs, and the values of binj measured in the
two obliquities are better matched if we rescale the DSA prediction by  ep ≈ 5 · 10−2 (dashed, \ = 78◦)
or  ep ≈ 10−1 (dotted, \ = 60◦).

This finding is very important, as it implies already that the efficiency typically used to predict
the emission from the shocked cosmic web in the radio band may be significantly underestimated.
Determining the exact amplitude of this underestimate requires more extended calculations, in order
to take into account the full distribution of temperatures, shock strengths and obliquities for the whole
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Figure 6.13: Electron energy spectra showing the criterion to estimate (pre-)acceleration efficiency
upstream (left) and downstream (right) for runs 1d (top) and 1c (bottom). The red dashed lines represent
the fittedMaxwellian, the light-blue dashed lines are obtainedmultiplying theMaxwellian times 3 (chosen
as the threshold) and the yellow area highlights the particles exceeding this threshold.
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Figure 6.14: Time sequence for the fraction of electrons pre-accelerated in the downstream region of runs
1c and 1d, for the last 50 timesteps of each simulation.

Figure 6.15: Injection fraction of relativistic electrons as measured in our PIC simulation, compared to
DSA estimates from Kang and Ryu [2013]. The colors give the values measured for our "s = 15 shock
and for the two obliquities of runs 1c and 1d. For each run we show the ±f values around the mean of
the acceleration efficiency, measured in the downstream region in the last recorded 50 snapshots of the
simulation. For the DSA, we consider two different values of the electron to proton ratio,  ep = 10−2,
5 · 10−2 and 10−1, as a function of the shock Mach number.
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simulated population of filaments, and even for different realistic scenarios of magnetogenesis. Moreover,
the acceleration efficiency (defined as the ratio between the incoming kinetic energy flux across shocks
and the energy flux of accelerated CR electrons) is the fundamental parameter used to link themacroscopic
scales of cosmological MHD simulations to the exact prediction on the radio emission [e.g. Hoeft and
Brüggen, 2007, Vazza et al., 2015, 2021]. However, this comparison stresses already the relevance of our
new campaign of PIC simulations, and it suggests a viable (albeit computing demanding) future approach
to improve the existing predictions on the injection efficiency of relativistic electrons, in a regime of
cosmic shocks never explored so far.

6.4 Discussion and conclusions
In this work we lay the foundation for a comprehensive study of particle acceleration in shocks typical
of cosmic filaments by means of new PIC simulations. We devote a significant part of the analysis to
the relevance of the parameter choice for the code Tristan-MP and we find that identifying the right
combination of mass ratio and number of particles per cell is crucial for an accurate reproduction of the
non-thermal processes involved. We also find that, if the minimum requirements for <i/<e and ??20 are
fulfilled, then a 1D setup is enough to provide the same particle energy spectra as 2D simulations, while
being much less computationally expensive.

Once established the right parameter combination, we then investigated the role of obliquity (i.e. the
angle formed by themagnetic field in the upstream and the shock propagation direction) in the acceleration
of electrons. We consider two obliquity options, both in the regime of quasi-perpendicular shocks, which
previous works [e.g. Kang and Ryu, 2013] showed to be the most suitable for electron acceleration, and
which are also widespread in filaments [Banfi et al., 2020, 2021]: \ = 78◦ and \ = 60◦. We indeed
observe electrons being (pre-)accelerated for both obliquities: by comparing the obtained spectra with
previous works and by studying the particles’ trajectories at the moment of their maximum energy gain,
we ascribe the pre-acceleration (visible as a ‘bump’ in the upstream) to SDA. SDA allows electrons
to gain energy by drifting on the shock front along the motional electric field, up to Lorentz factors
W ∼ 3. We also observe the first stages of the actual acceleration process, i.e. DSA, as a deviation of the
spectrum from the Maxwellian in the downstream, which provides electrons with energies of W ∼ 10 (at
the time reached by our simulations, Cl28 = 40). Although a similar trend is found for both magnetic field
orientations, the run with the less oblique configuration (\ = 60◦) shows a systematic higher degree of
electron acceleration, which was also confirmed by a quantitative estimate of the acceleration efficiency.
We considered the percentage of (pre-)accelerated particles in the proximity of the shock and concluded
that, for 1D simulations, an obliquity of \ = 60◦ provides an injection fraction ∼ 5 times higher than a
configuration with \ = 78◦. These new simulations allow us a more precise and physically motivated
calibration of the previous acceleration efficiency of electrons in shocks which are and will be targeted
by deep radio observations [Locatelli et al., 2021, Vernstrom et al., 2021], with the ambitious goal of
detecting the radio cosmic web. Compared to existing predictions on the acceleration of relativistic
electrons from shocks surrounding filaments, based on simpler 1D models of DSA usually assumed in
cosmological simulations, our new PIC runs suggest an overall injection of relativistic electrons a factor
∼ 5−10 higher (depending on the exact shock obliquity) than what has been usually assumed so far, with
important consequences on the future modelling of shocks in this regime.

83



Figure 6.16: Spectra of electrons upstream and downstream for runs 1b, 1d, and the test run at Cl28 = 15.

6.5 Appendix

6.5.1 Caveats on mass ratio variation
Since the temperature of ions (which is set equal to the ones of electrons) is regulated by the input
parameter :B)i/(<i2

2), which we kept unchanged in all runs, if the mass ratio varies, then the spectrum
of electrons will be peaked at different values, as already shown in Figure 6.6. In this Figure, we also
notice how an increased mass ratio makes a difference on whether the shock provides acceleration to
electrons or not. However, since the spectra of simulations with different <i/<e are inevitably shifted
with respect to each other, the physics of electrons might introduce some contribution to the occurrence
of acceleration by itself. In order to test this, we tried to reproduce a scenario in which we increased the
mass ratio by a factor 3 (<i/<e = 300) , but at the same time we kept the electron’s physics similar to
the low-mass ratio (<i/<e = 100) case. To do so, we decreased both the shock velocity and the plasma
temperature (by respectively a factor

√
3 and 3), obtaining V0 = 0.05774 and :B)i/(<i2

2) = 7.972×10−6.
In Figure 6.16, we show the spectra of this test simulation compared to the ones of runs 1b and 1d: clearly,
the electron thermal properties of run 1b and the test run are similar. However, while no acceleration is
provided for the lower mass ratio, the typical pre-acceleration bump can be observed in the upstream for
the test run, similarly to what happens in run 1d, despite the shift of the Maxwellian. This confirms that
the pre-acceleration is made easier by the increased mass ratio, regardless of the temperatures reached by
the electrons (at least for the values considered here, which are still sufficiently non-relativistic).
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Part III

Tracing the magnetized cosmic web
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7.On the alignment of halos, filaments andmag-
netic fields in the simulated cosmic web (Banfi
et al., 2021)

https://doi.org/10.1093/mnras/stab655

Abstract The continuous flow of gas and darkmatter (DM) across scales in the cosmic web can generate
correlated dynamical properties of halos and filaments (and the magnetic fields they contain). With this
work, we study the halo spin properties and orientation with respect to filaments, and the morphology
of the magnetic field around these objects, for halos with masses in the range ∼ 108 − 1014 M� and
filaments up to ∼ 8 Mpc long. Furthermore, we study how these properties vary in presence, or lack
thereof, of different (astro)physical processes and with different magnetic initial conditions. We perform
cosmological magnetohydrodynamical simulations with the Eulerian code Enzo and we develop a simple
and robust algorithm to study the filamentary connectivity of halos in three dimensions. We investigate
the morphological and magnetic properties and focus on the alignment of the magnetic field along
filaments: our analysis suggests that the degree of this alignment is partially dependent on the physical
processes involved, as well as on magnetic initial conditions. We discuss the contribution of this effect
on a potential attempt to detect the magnetic field surrounding these objects: we find that it introduces a
bias in the estimation of the magnetic field from Faraday rotation measure techniques. Specifically, given
the strong tendency we find for extragalactic magnetic fields to align with the filaments axis, the value of
the magnetic field can be underestimated by a factor ∼ 3, because this effect contributes to making the
line-of-sight magnetic field (for filaments in the plane of the sky) much smaller than the total one.

7.1 Introduction
The evolution of the Universe by hierarchical clustering has led to the assembly of different structures,
characterised by being either underdense or overdense to different extents, like voids, walls, filaments
and halos. Connected together, all of these elements constitute the so called cosmic web, a network
of dark and baryonic matter, which links all kinds of structures in a distinctive, intricate arrangement
[Bond et al., 1996]. The pattern of the cosmic web is the manifestation of the tidal field arisen from
the inhomogeneous distribution of matter as a result of anisotropic gravitational collapse [Zel’dovich,
1970], leading to the contraction of matter into walls, filaments and fully collapsed entities. The
connectivity of these components can be explained by Bond’s theory [Bond et al., 1996] as an effect of
the tidal shear, which generates the quadrupolar mass distribution leading to a typical cluster-filament-
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cluster configuration. Hence, filamentary structures are formed in environments where shear stresses are
effective between the overdense matter and voids, thus dragging the gas along the spine of the filament.

The tidal field is also believed to be responsible for the acquisition of angular momentum by these
structures, following the Tidal Torque Theory (TTT) [Hoyle, 1949, Peebles, 1969, Doroshkevich, 1970,
White, 1984], thus linking the rotation properties of halos to their surroundings’ density distribution.
According to TTT, the halo spin should initially be correlated with the principal axes of the local tidal
tensor, and in particular be perpendicular to the hosting filament orientation. However, many studies
showed that there actually is a transition mass below which spins are mostly parallel to the filament, and
above which the preferential arrangement is perpendicular: the value of the so called spin flip mass is
reported to span from ∼ 0.5 to ∼ 5×1012 ℎ−1 M� in different works [e.g. Aragón-Calvo et al., 2007, Hahn
et al., 2007, 2010, Codis et al., 2012, Libeskind et al., 2013, Trowland et al., 2013, Dubois et al., 2014,
Forero-Romero et al., 2014, Wang and Kang, 2017, Ganeshaiah Veena et al., 2018, 2019, 2021]. This
effect is believed to be due to a non-linear phase of TTT, involving mergers or accretion of substructures
[Welker et al., 2014, Bett and Frenk, 2012, 2016].

This trend is supported by galaxy observations: spin properties of galaxies can be obtained from
their rotation curves, with some assumptions on galaxy morphological properties [e.g. Hernandez and
Cervantes-Sodi, 2006]. Observational studies vastly confirm that spins of spiral galaxies (associated
to less massive halos) are mostly parallel to the host filament, while elliptical galaxies (associated to
more massive halos) tend to spin along the direction normal to the filament [e.g. Tempel et al., 2013,
Cervantes-Sodi et al., 2010, Tempel and Libeskind, 2013, Zhang et al., 2013, Pahwa et al., 2016, Hirv
et al., 2017].

Among the various large-scale fields that can develop a relevant correlation across scales, are also
extragalactic magnetic fields [e.g. Ryu et al., 2008], as we preliminary explored in Banfi et al. [2020].
The formation dynamics of the cosmic web is indeed also found to affect the large-scale topology of
magnetic fields, for a variety of possible seeding scenarios. In particular, in Banfi et al. [2020] we studied
the angle formed by the propagation direction of cosmic shocks and the up-stream magnetic field (i.e.
obliquity), which is believed to be a crucial parameter for cosmic-ray acceleration by shocks [e.g. Bykov
et al., 2019, and references therein]: with cosmological simulations we measured that magnetic field
lines tend to align to filaments both inside and outside the filament, following the flow direction on the
gas, as a consequence of the velocity shear. This effect, which was found to apply to several variations
of primordial scenarios of magnetic fields [Vazza et al., 2021] as well as to variations of astrophysical
seeding scenarios, albeit in a less prominent way [Banfi et al., 2020], impacts on obliquity and therefore
on cosmic-ray acceleration.

The trend outlined above, on one hand being extremely relevant for the study of cosmic-ray acceleration
and cosmic magnetism, is also very challenging to detect in observations. In this newwork, we seek a way
to assess the likely topology of magnetic fields around large-scale structures, based on the local properties
of filaments and of the halos they contain. In practice, we want to determine whether morphological and
dynamical properties of the cosmic web components are sufficient to adequately predict the characteristics
of the magnetic field: in particular, in this work we shall look for a correlation between halos’ angular
momenta, filament orientation and magnetic field topology. Since in principle such properties may
vary for different magnetic models, we also investigate different scenarios for the origin of extragalactic
magnetic fields, which is believed to be either primordial or astrophysical: this introduces some degree of
uncertainty on its topology, especially around structures like galaxy clusters and filaments [Subramanian,
2016].

This paper is structured as follows. In Section 7.2, we describe the computational setup for the
simulations and we outline the network reconstruction method. In Section 5.3, we present our results for
spin-filament and filament-magnetic field alignment. In Section 5.5, we describe the possible implications
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of our results on observations, as well as the numerical limitations encountered in our analysis. Finally,
Section 7.5 contains a brief summary and conclusions.

7.2 Methods

7.2.1 Simulations
The simulations of this work are performed with the Eulerian cosmological magnetohydrodynamical
code Enzo [Bryan et al., 2014], which couples an N-body particle-mesh solver for DM [Hockney and
Eastwood, 1988] with an adaptive mesh refinement method for the baryonic matter [Berger and Colella,
1989]. We used a piecewise linear method [Colella and Glaz, 1985] with Dedner cleaning MHD solver
[Dedner et al., 2002] and time integration based on the total variation diminishing second-order Runge-
Kutta scheme [Shu and Osher, 1988]. In this work, we present the analysis of simulations of different
volumes, resolutions and scenarios of the origin of magnetic fields. In particular, we analyze two sets
of simulations, which will be referred to as “Roger” and “Chronos” (see Table 7.1). While the first is
intended to test the resolution-dependent trends in the properties of the components cosmic web (for a
relatively small cosmic volume), the second is designed to allow us to monitor how the properties of
large-scale magnetic fields are related to the orientation of cosmic filaments, for a few relevant variations
of the assumed origin scenario of cosmic magnetism. For both sets, the cosmological parameters were
chosen accordingly to a ΛCDM cosmology: �0 = 67.8 km s−1 Mpc−1, Ωb = 0.0468, Ωm = 0.308,
ΩΛ = 0.692 and f8 = 0.815 [Planck Collaboration et al., 2016].

Roger

We first simulated a small volume of ≈ (19 Mpc)3 (comoving) sampled with a static grid of 5123 cells,
with the following characteristics:

1. “NR”: non-radiative run with a primordial uniform volume-filling comoving magnetic field �0 =
0.1 nG at the beginning of the simulation;

2. “cool”: radiative run including cooling, with a primordial uniform volume-filling comoving
magnetic field �0 = 0.1 nG at the beginning of the simulation.

Two additional simulations were run, similar to NR, in which the same volume is sampled by 2563

and 1283 cells, as a resolution test (see Section 7.3.2). The mass resolution for DM in the three Roger
simulations is 6.3 · 108 M�, 7.9 · 107 M� and 9.9 · 106 M� for the 1283, 2563 and 5123 runs respectively.

Chronos

We simulated a volume of≈ (84 Mpc)3 (comoving) sampled with a static grid of 10243 cells. We selected
four runs taken from a larger dataset1 provided by Vazza et al. [2017], which covers different possible
scenarios for the origin and evolution of cosmic magnetic fields. The models chosen for this analysis are
characterised by the following magnetic properties:

1. “baseline”: non-radiative run with a primordial uniform volume-filling comoving magnetic field
�0 = 1 nG at the beginning of the simulation;

1“Chronos++” suite: http://cosmosimfrazza.myfreesites.net/the_magnetic_cosmic_web
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Name Set Details B0 Comoving volume Cells Spatial resolution DM resolution
[nG] [Mpc3] [kpc/cell] [M�]

NR Roger non-radiative 0.1 193 5123 37 9.9 · 106

NR256 Roger non-radiative 0.1 193 2563 74 7.9 · 107

NR128 Roger non-radiative 0.1 193 1283 148 6.3 · 108

cool Roger cooling 0.1 193 5123 37 9.9 · 106

baseline Chronos non-radiative 1 843 10243 82 8.1 · 107

Z Chronos tangled magnetic field 1 843 10243 82 8.1 · 107

DYN5 Chronos subgrid dynamo 10−9 843 10243 82 8.1 · 107

CSFBH2 Chronos cooling + chemistry +
star formation + AGNs 10−10 843 10243 82 8.1 · 107

Table 7.1: Main parameters of the simulations analyzed in this work.

2. “Z”: non-radiative run with a primordial magnetic field oriented perpendicularly to the velocity
vector, as in Vazza et al. [2017], accordingly to the Zel’dovich approximation [e.g. Dolag et al.,
2008], in such a way to prevent ∇ · B from deviating from ≈ 0;

3. “DYN5”: non-radiative run with an initial seed magnetic field of �0 = 10−9 nG (comoving) and
sub-grid dynamo magnetic field amplification computed at run-time, which allows to estimate the
hypothetical maximum contribution of dynamo in low density environments [see Ryu et al., 2008],
where it would be lost due to finite resolution effects [see Vazza et al., 2017, for more details];

4. “CSFBH2”: radiative run with an initial seed magnetic field �0 = 10−10 nG (comoving) including
gas cooling, chemistry, star formation, thermal/magnetic feedback from stellar activity and active
galactic nuclei (AGN). Supermassive black hole (SMBH) particles with a mass of "BH,0 = 104 M�
are inserted at I = 4 at the centre of massive halos [Kim et al., 2011] and start accreting matter
according to the Bondi-Hoyle formula (with an accretion rate of ∼ 0.01 M�/yr and a “boost” factor
of UBondi = 1000, to compensate for gas clumping unresolved by the simulation). Star forming
particles are generated according to Kravtsov [2003], which includes the contribution of stellar
winds to the thermal feedback. Magnetic feedback from bipolar jets is introduced into the system,
with efficiencies nSF,b = 10 % and nBH,b = 1 % for star formation and SMBH respectively [see
Vazza et al., 2017, for more details].

The mass resolution for DM in all Chronos runs is 8.1 · 107 M�.

7.2.2 Network reconstruction
The network reconstruction process begins with the identification of halos and it connects them to trace
filaments. This simple approach has already been successfully applied to the reconstruction of the network
of galaxies in real observations [e.g. de Regt et al., 2018] and also has the potential to allow comparisons
with the structural properties of other natural networks [e.g. Vazza and Feletti, 2020]. halos are foundwith
either a halo finding friends-of-friends (FOF) algorithm included in Enzo [Bryan et al., 2014] or using
a halo finder developed by our group, which is more suitable to analyse large cosmological simulations
[e.g. Gheller and Vazza, 2020, and references therein]. halos in the mass range ∼ 108 − 1014 M� were
identified by these methods (see Table in Appendix 7.6.1 for details). Filaments are tentatively found as
the line connecting two sufficiently close halos (less than a certain distance ;c apart): if the gas density of
each cell encountered by the line is above a certain threshold dt, then the filament is confirmed, meaning
that there actually is a significant overdensity even between the two nodes. The values of ;c and dt
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Figure 7.1: Projected density of a slice of 1 Mpc thickness and 19 Mpc side, with halos and filaments
obtained by our algorithm inside the selected volume.

used for our network were respectively ∼ 4 Mpc and 10−30 g cm−3 for volumes of the Roger sample
and ∼ 8 Mpc and 10−30 g cm−3 for the Chronos suite. Figure 7.1 shows the projection of a portion of
the network traced by our algorithm: halos (yellow stars) are connected by filaments (blue lines) if the
density requirement is met. The value of the density threshold was chosen by visually inspecting the
selected areas for a certain range of values, as in Figure 7.2. Although even longer filaments are expected
to be found in the simulated volume, we decided to narrow the sample down to filaments shorter than
4 Mpc or 8 Mpc, since this criterion would allow to obtain a big enough sample, but at the same time
limit the computational time required. We comment this choice in Section 7.4.2.

7.2.3 Halo-filament pairing
Determining a correspondence between a halo and a filament is useful to find a relation between their
properties, e.g. the alignment of halo spin axis and filament orientation. To assess which filament a
certain halo belongs to, we looked for filaments that connect to the halo region2: thus, a halo may be
associated to multiple filaments, e.g. when it belongs to a cluster which connects two or more filaments.
We call this property multiplicity ℳ, i.e. the number of filaments corresponding to a halo (see Figure
7.3).

2We chose a volume of ≈ 4003 kpc3 centred in the halo
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(a) (b)

(c)
(a) t = 10 29 g cm 3

(b) t = 10 30 g cm 3

(c) t = 10 31 g cm 3

Figure 7.2: Gas density of a slice of 40 kpc thickness and 19 Mpc side, in greyscale (below dt) and in
colourscale (above dt), for three different values of density threshold dt = 10−29 g cm−3, 10−30 g cm−3

and 10−31 g cm−3. This shows that the best criterion for selecting filaments is requiring d > 10−30 g cm−3.

= 1 = 3 = 10

Figure 7.3: Examples of halo-filament(s) pairing for different multiplicitiesℳ = 1, 3, 10.
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7.3 Results

7.3.1 The alignment of halo spin, filaments and magnetic fields

Network properties

Our network reconstruction algorithm (Section 7.2.2) allows to retrieve each selected filament’s endpoints’
coordinates inside the grid:

P1 =


G1
H1
I1

 P2 =


G2
H2
I2

 , (7.1)

such that the filament orientation follows the vector L = P1 − P2 and the filament length is equal to
! = |L|. The first panel of Figure 7.4 shows the histograms of filament lengths: the peak is found at
∼ 1.5 Mpc and the distribution is mostly unaffected by cooling.

The FOF method that we used allowed to identify halos with a total (gas and DM) mass larger than
∼ 108 M�. The trend of the virial mass3 as a function of the virial radius is shown in the second panel of
Figure 7.4: both mass and radius have similar ranges for the two runs, but the run including cooling has
a higher mass-to-radius ratio, implying a more concentrated distribution of DM due to baryonic infall
[Blumenthal et al., 1986].

The spin parameter _ is a measure of the rotation of a halo with respect to its potential energy [Peebles,
1969]. This quantity is automatically computed by Enzo’s halo finder according to this formula

_ =
� |� |1/2

�"5/2 , (7.2)

where �, � and " are the halo angular momentum, energy and mass, and � is the gravitational constant.
The third panel in Figure 7.4 gives the trend of the spin parameter as a function of halo virial mass: the
evident scatter of _ at low masses is likely an effect of the poor accuracy in the determination of the
angular momentum of small halos. Thus, in the following, we shall disregard the spin properties of halos
with "200 . 109 M�. At larger masses, the curve is mostly flat, meaning that similar values of spin
parameters are found in a wide range of masses. This trend in consistent with what Bett et al. [2007]
found for the Millennium simulation. We did not find significant changes in spin properties if cooling is
turned on: this is in agreement with previous literature [e.g. Bryan et al., 2013]. Finally, in the bottom
panel of Figure 7.4 we show that there is a slight correlation between the halo spin parameter (considering
only halos with "200 & 109 M�) and the magnetic field strength at the corresponding location: faster
rotating halos tend to be surrounded by stronger magnetic fields, regardless of the presence of cooling
mechanisms.

Figure 7.5 illustrates the properties linked to halo multiplicity: the top panel shows that most halos
are associated to a limited amount of filaments, but some of them belong to clusters, which are connected
to the network through tens of filaments. Overall, cooling is not found to significantly impact on the
multiplicity distribution, meaning that the number of halos per filament (at least on the spatial scales
probed by this set of simulations) is not affected by the enhanced collapse of gas structures under the
effect of radiative gas cooling. In both scenarios, multiplicity correlates with halo mass (bottom panel),
i.e. more massive halos are connected to a larger number of filaments. This is consistent to what Colberg
et al. [2005] found; also, the very highℳ values obtained for some halos could be biased by the fact that
spurious filaments are identified in very dense volumes.

3"200 is defined as the total mass enclosed in a spherical volume of radius A200, i.e. the distance from the halo centre
where the average inner matter density is 200 times the cosmological critical density.
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Figure 7.4: Comparison of halo and filament population for theNR and cool runs. First panel: distribution
of filament lengths. Second panel: median virial halo mass per virial radius bin with relative error bars
corresponding to the standard deviation. Third panel: scatter and median of halo spin parameter as a
function of virial mass. Fourth panel: scatter and median of the magnetic field (averaged inside a A3

200
volume around the halo) as a function of halo spin parameter.
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Figure 7.5: Distribution of multiplicity (top) and median multiplicity as a function of virial mass, with
relative error bars corresponding to the standard deviation (bottom), for the NR and cool runs.
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Spin - filament alignment

The spin axis orientation can be obtained from the angular momentum vector J of each halo, i.e. the
vector sum of the angular momentum of each DM particle belonging to the halo. Thus, the angle formed
by the halo spin axis and the hosting filament is:

\spin−filament = arccos
(
J · L
� !

)
. (7.3)

This alignment is best described by the absolute value of the cosine of the angle formed by the two
vectors:

kspin =
��cos \spin−filament

�� , (7.4)

since random vectors in space form angles whose kspin distribution is flat and averages to 0.5. If a
halo corresponds to multiple filaments, a value of kspin is computed for each filament, i.e. ℳ times.
The top panel of Figure 7.6 shows the distribution of kspin, which is only marginally affected by the
contribution of gas cooling. We can notice an excess of quasi-perpendicular configurations in the NR
run, which disappears if cooling in included: a possible reason for this is that cooling enhances the
accretion of denser material from filaments along more directions, which in turns tends to randomise the
spin distribution. The central panel represents the median of kspin for bins of increasing multiplicity: the
two curves are quite similar and there is no striking trend. In the last panel we restrict the same analysis
to halos with ℳ = 1, in order to study the typical behavior of halo spin in the presence of a single
filament, as was done in previous works [e.g. the aforementioned Aragón-Calvo et al., 2007]. However,
the scarcity of halos with ℳ = 1 makes the distribution too scattered to allow us to constrain any trend,
so we were not able to confirm the spin flip found in literature.

Magnetic field - filament alignment

In a scenario in which cosmic magnetism is the product of primordial seed fields, cosmic structures and
filaments form in a volume which is already filled by large-scale magnetic field lines. At some degree,
this is also true if magnetic fields were seeded early enough for the local dynamics to rearrange the field
topology. In Banfi et al. [2020], we studied the tendency of magnetic field lines to arrange parallel to
filaments’ external surface during filament formation, as a consequence of shear stresses. However, while
in this first work we only gave a qualitative insight of this process, here we can perform a quantitative
analysis, thanks to the additional information provided by our filament reconstruction algorithm. In order
to better analyze the alignment of a filament to the surrounding magnetic field, we first need to establish a
way to trace the filaments which is more accurate than a simple straight line between two halos: in many
cases, the filament may be curved due to the presence of small halos. Thus, the procedure to trace the
actual shape of the filament is the following:

1. the filament is divided into #A = 10 regions, whose centres are equally spaced along the filament
line and whose thickness is ∼ 700 kpc;

2. for each of these regions, we compute the centres of mass for the gas and use them to mark the
endpoints of the #A − 1 = 9 segments that trace each filament;

3. the magnetic field vectors in the #A − 1 cells corresponding to the segments’ midpoints are then
compared to the orientation of the #A − 1 segments.
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Figure 7.6: Comparison of halo spin behavior for the NR and cool runs. Top panel: histogram of the
absolute value of the cosine of the angle between the spin direction and the host filament (ifℳ > 1 each
of the angles is included in the statistic). Central panel: median and standard deviation of the cosine
of the angle between the spin direction and the host filament for multiplicity bins (if ℳ > 1 each of
the angles is included in the statistic), with relative error bars corresponding to the standard deviation.
Bottom panel: scatter and median of the cosine of the angle between the spin direction and the host
filament for halo mass bins ifℳ = 1.
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Figure 7.7: Projected density of a filament with local centres of mass, segments and corresponding
magnetic field orientation.

Figure 7.7 shows a filament as an example of how the initial straight line differs from the final
polygonal chain.

The alignment of the magnetic field and the filament is parametrised by the absolute value of the
cosine of the angle formed by each segment and the corresponding B orientation at its midpoint4:

bseg =
��cos \B,midpoint−segment

�� . (7.5)

The top panel of Figure 7.8 shows that the distribution is largely peaked at high values of bseg, quite
distinct from the flat distribution expected for random vectors. No relevant changes are introduced by
the presence of cooling mechanisms, confirming once again that the density distribution is only slightly
affected.

Although the procedure involving segments is a more meticulous way to study the B-filament align-
ment, we found that the initial approximation of the filament (i.e. the line connecting two halos) is not that
far from the more accurate tracing of the filament: the bottom panel of Figure 7.8 shows the distribution
of the cosine of the angle formed by the initial straight line and each one of the segments composing the
polygonal chain. Based on this, we can reasonably consider that the global filament orientation (at least
for straight enough filaments) is sufficiently well described by the line traced by connected halos.

Next, we want to determine the characteristic spatial scales at which the alignment develops, i.e. how
far from the filament the B-filament alignment is still more significant than by random chance. To do so,
we consider ellipsoidal shells of gas at increasing distance from the spine of filaments, as in Figure 7.9,
and for each region we compute the angle formed by the magnetic field of every cell and the filament
orientation. In detail, the procedure is the following:

1. for each filament, we consider a box-shaped subvolume containing it5;

2. we identify filament cells as the ones that are intersected by the line connecting the pair of halos
(i.e. filament endpoints);

4Although the value of the magnetic field at the midpoint may be subject to random fluctuations, the structures that we
deal with are regular enough to ensure that no significant error is introduced, e.g. Figures 7.7, 7.9,7.12.

5For a filament delimited by two halos having coordinates (G1, H1, I1) and (G2, H2, I2), the box contains all the cells that
satisfy min(G1, G2) − 500 kpc < G < max(G1, G2) + 500 kpc, min(H1, H2) − 500 kpc < H < max(H1, H2) + 500 kpc and
min(I1, I2) − 500 kpc < I < max(I1, I2) + 500 kpc.
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Figure 7.8: Top panel: histogram of the cosine of the angles formed by the magnetic field and the
filaments’ segments, compared to the random distribution. Bottom panel: histogram of the cosine of the
angles formed by the line connecting the halos and the segments identified by the local centres of mass.

3. for every cell in the subvolume (field cell), the distance from each of the filament cells 3fil is
computed;

4. for each field cell, we consider the smallest distance 3min among the ones just found;

5. we then bin the values of 3min for all the field cells, in such a way to define 5 ellipsoidal shells and
the corresponding shell cells;

6. for each shell cell, the angle formed by the magnetic field and the filament line is parametrised by

bfil =
��cos \B,cell−filament

�� ; (7.6)

7. the average of bfil is computed for each shell: higher values imply a better alignment.

Figure 7.10 shows the median value of bfil in each of the five ellipsoidal shells considered, averaged
over all filaments: the magnetic field starts to align to the leading direction of filaments already at a
distance of ∼ 800 kpc away, and it becomes increasingly more aligned approaching the filament spine.
The presence of radiative gas cooling only moderately reduces the values of bfil as a function of distance
but otherwise preserves exactly the same trend: this can be ascribed to the effect of gas cooling, which
tends to compress filaments towards their main axis [Gheller et al., 2015], hence a ∼ 10 % shift of the
curve towards smaller distances.

We also noticed that filaments with poorB-filament alignment typically have more halos around them.
We quantify this property by considering the amount of halos identified by the halo finder in the volume
surrounding the filament, defined as above, weighted by their mass. In fact, a relation is found between
the total mass of all nearby halos "nh and B-filament alignment (Figure 7.11): the degree of alignment
is significantly increased when the filament is surrounded by fewer halos.

Incidentally, this also implies that themass resolution of our simulations (whichmay affect the number
of small mass halos that can be formed in the volume) can slightly impact on the exact values of bfil, since
more halos are formed for increasing resolution and thus can “perturb” the shape of filaments and their
local alignment with magnetic fields (see Section 7.3.2).

In summary, our preliminary analysis with a small cosmological volume, with and without the
inclusion of radiative cooling, has shown that most filaments below a certain length can be described
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Figure 7.9: Projected density of a filament with contours indicating the distance from the filament with
streamlines of integrated magnetic field.
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Figure 7.10: Median of the cosine of the angle formed by the magnetic field and the filament as a function
of distance from the filament, with relative error bars corresponding to the standard deviation, for the NR
and cool runs.
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Figure 7.11: Median of the cosine of the angle formed by the magnetic field and the filament as a function
of distance from the filament for different nearby halo masses in the NR run, with relative error bars
corresponding to the standard deviation.

by straight lines connecting massive matter halos, and that their shape well correlates with the topology
of magnetic fields around them. In particular, we found that the magnetic field lines are well aligned
to the filament both inside and outside of the overdensity, meaning that shear forces effectively drag the
magnetic field, even several hundreds of kpc away from the accretion shocks that surrounds filaments.
This means that (as extensively discussed in Banfi et al. 2020) the alignment is not due the passage
of shocks, bur rather to the global structure of the (shear) velocity field in the regions where filaments
form in the hierarchical scenario. This effect is only marginally affected by non-gravitational effects,
like gas cooling. On the other hand, the analysis of halo spin does not suggest any strong relation
with the magnetic properties of the cosmic web, except for a slight tendency of magnetic fields to be
stronger around halos with higher spin parameters. Furthermore, no significant correlation between spin
orientation and filamentary structures is found, unlike what previous literature suggests: this is possibly
to ascribe to the limited simulated volume and resolution, and thus the small amount of halos with reliable
measures of angular momentum in our sample.

7.3.2 Resolution tests
In this Section, we show the results of a resolution test on the Roger run concerning the B-filament
alignment. We ran simulations identical to NR, except for the number of cells (2563 and 1283, instead
of the original 5123), so that we could compare the same simulated volume (193 Mpc3 comoving) at
different resolutions: 37 kpc/cell, 74 kpc/cell and 148 kpc/cell. The three simulated volumes are fairly
similar, so we can use the same network that we computed in the 5123 run: this way, filaments can be
found approximately at the same location, so we can estimate the B-filament alignment with the new
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simulated magnetic field orientation and compare it to the 5123 run. In particular, if we replicate Figure
7.10 for this set of simulations, we find higher values of bfil for decreasing number of cells, i.e. better
resolutions imply a slightly smaller B-filament alignment (see top left panel of Figure 7.12). We notice
that the difference is mainly relevant in the proximity of the filament, so we now focus only on the area
which is less than ∼ 150 kpc away from the filament.

By visually inspecting some of the filaments, we observe that the variation of bfil from the higher to
lower-resolution runs is more significant if halos are found along the filament: the presence of massive
structures curve the path of the magnetic field lines, lowering the bfil value. This effect, however,
becomes less important as the resolution worsens, since halos are less easily formed and are blurred into
the filament, thus allowing the magnetic field to proceed straight undisturbed, as in Figure 7.12 (bottom
right panel).

To further confirm this trend, we compute, for each filament of the original 5123 run, the total mass
of the identified halos which can be found in the filament’s surroundings, thus potentially interfering
with bfil. We then consider the average B-filament alignment inside the ∼ 150 kpc shell and plot it as a
function of the nearby halos’ total mass "nh in the upper-right panel of Figure 7.12: as expected, a better
B-filament alignment is found where fewer halos surround the filament. Moreover, the lower-left panel
of Figure 7.12 shows that, if many halos are found in the proximity of a filament in the more resolved
simulation, then the difference of bfil between the 5123 and 1283 run for the corresponding filament is
considerable.

Nonetheless, the impact of resolution on bfil is not dramatic, so we can conclude that our previous
analysis is only marginally biased by our simulation’s resolution. More importantly, although mass and
spatial resolution may affect the absolute amplitude of the alignment in some cases, our analysis shows
that the trend of bfil with distance from the filament and mass of halos are fairly robust against changes in
the resolution of the simulation.

7.3.3 The alignment between filaments andmagnetic fields for different scenarios
of magnetogenesis

With a second set of runs probing a much larger cosmic volume, Chronos, we tested to which extent
the findings above apply to different realistic models for the origin of extragalactic magnetic fields. Due
to the significantly larger volume and number of cells of these simulations, we perform in this case a
slightly simplified analysis with respect to the one described in Section 7.3.1, i.e. we select only the
most massive halos to build the network (see the Table in Appendix 7.6.1 in the for details) as they are
the ones connected to the most prominent filaments in the simulated volume, for which we wish also to
derive observational implications (Section 5.5). In any case, we present tests for the statistical consistency
between Roger and Chronos sets, when analyzed in a similar way, in Appendix 7.6.2. In this Section, we
focus in particular on the alignment of the magnetic field up to larger distances from filaments (Figure
7.13). We remind the reader that we are now considering volumes ∼ 100 times larger than we did in
the previous Section: thus, working on Chronos runs, we manage to perform the analysis concerning
magnetic field and filament alignment on a wider range of filament lengths (up to ∼ 8 Mpc).

Analogously to Figure 7.10, the values of bfil are computed for each shell, whose typical density is
indicated in grey, then averaged over all filament. The trends imply that, in runs with a strong primordial
magnetic field, the alignment is enhanced and is not affected by its initial topology. On the other hand,
in the simulations where no strong primordial field is present (DYN5 and CSFBH2), the alignment is
less prominent, although present, especially within a few hundreds kpc. This confirms the scenario at
which we previously hinted in Banfi et al. [2020]: in DYN5 and CSFBH2 the magnetic field undergoes
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Figure 7.12: Top left panel: median of B-filament alignment as a function of distance from the filament
for different resolutions of the NR run, with relative error bars corresponding to the standard deviation.
Top right panel: median of B-filament alignment in cells closer than ∼ 150 kpc as a function of the
mass of nearby halos for different resolutions of the NR run, with relative error bars corresponding to the
standard deviation. Bottom left panel: difference of the median of B-filament alignment in cells closer
than ∼ 150 kpc in the 1283 and 5123 NR runs as a function of the mass of nearby halos. Bottom right
panel: projected density of a filament with integrated magnetic field streamlines for different resolutions
of the NR run: at coarser resolutions smaller halos blend with the background and the magnetic field is
better aligned to the filament
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Figure 7.13: Median of B-filament alignment as a function of distance from the filament for the four
Chronos runs, with relative error bars corresponding to the standard deviation. The greyscale background
indicates the averaged gas density of each shell over all filaments.

processes of either dynamo or magnetic feedback, which implies that it experiences a build-up over time
and has not had the chance to fully align to the structures yet. On the other hand, primordial fields in the
baseline and Z runs are able to adjust their orientation, following the shear motions, for a longer span of
time.

To make sure that the results obtained from Roger and Chronos datasets are compatible, we must
compare the non-radiative runs (Roger NR and Chronos baseline). Although they have similar initial
conditions, there are two aspects which may cause some discrepancy in the final results: 1) the spatial
resolution in the Chronos set is ∼ 2.5 times worse than the Roger set, which would shift the curve towards
higher bfil with respect to the more resolved runs: however, the implications are not drastic, so this effect
has a marginal impact (see Section 7.3.2); 2) the volume simulated in Chronos is ∼ 100 times larger,
which means that there is a significantly larger population of longer filaments, which is more prone to
having a better aligned magnetic field. This effect is likely to be linked to the fact that the environment
around longer filaments is less perturbed by halos at the filament endpoints, which would easily prevent
the magnetic field lines from following a straight line. In Figure 7.14 we show how filament length is
strictly related to B-filament alignment: that is why Chronos has, on average, higher values of bfil. This
can be verified by comparing the bfil trend as a function of distance for the same filament length range in
both simulations, as in Figure 7.15.

To summarise, this analysis, extended to simulations of larger volumes which covered a spectrum of
magnetic properites, established the role of magnetic field topology and magnetogenesis on the ability
of B to align to filaments, due to shear motions surrounding these structures. We can infer that this
alignment is partially attenuated by the ongoing modification of magnetic fields by means of either
dynamo amplification or AGN and star formation feedback.
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Figure 7.14: Median of B-filament alignment in the proximity of the filament (inside a 150 kpc shell)
as a function of filament length for the four Chronos runs, with relative error bars corresponding to the
standard deviation.
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Figure 7.15: Median of B-filament alignment as a function of distance from the filament for Roger NR,
Chronos baseline (for all filament lengths) and Chronos baseline’s shortest filaments, with relative error
bars corresponding to the standard deviation.
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7.4 Discussion

7.4.1 Observational implications
The detection of magnetic field in filaments can in principle be accomplished in two ways: through
the synchrotron emission due to electrons being accelerated by magnetic fields, linked to observable
radio emission [e.g. Vernstrom et al., 2017, 2021], and through Faraday rotation, which rotates the linear
polarization angle of the radio emission in the background, as a function of wavelength [e.g. Akahori
et al., 2018]. This latter method requires the measurement of the so called rotation measure ('"), which
is a function of the magnetic field and thermal electron density, both integrated along the line of sight
[e.g. Carilli and Taylor, 2002b]:

'" [rad/m2] = 812
∫

�los
`G
· =e

cm3 ·
d;

kpc
. (7.7)

Our work, having showed a certain tendency of magnetic field to align to filaments, suggests that it may
be possible to estimate the intensity of magnetic field around filaments, starting from its line-of-sight
component: in particular, if the magnetic field lines are indeed parallel to the filament, '" values
measured for filaments in the sky plane should highly underestimate the magnetic field intensity in that
volume. The existence of a systematic bias in the measurement of magnetic field from '" implies that
this technique should yield a different estimate with respect to the one inferred from radio synchrotron
detection, which instead depends on the total magnetic field. As of today, no filaments have been
detected thanks to '" measurements, with the exception of some excess of '" signal, possibly linked
to intergalactic medium [O’Sullivan et al., 2019].

We measure this effect by defining the magnetic bias factor Y as

Y =
|∑ (�los · d) |∑ (�tot · d)

, (7.8)

where the numerator contains the absolute value of the sum of the line-of-sight component of themagnetic
field, weighted by each cell’s density, and the denominator is the density-weighted total magnetic field.
Figure 7.16 illustrates three examples in which a filament is observed with an inclination of 0◦, 45◦ and
90◦ with respect to the line of sight, for the simplest scenario in which the magnetic field is perfectly
aligned to the filament direction throughout the whole volume. Thus, if a uniform distribution of the
magnetic field were always the case, Y would assume values equal to the cosine of the angle formed by
the magnetic field vector and the line of sight: this distribution is flat for a random distribution of angles
in space, i.e. values from 0 to 1 are all equiprobable, meaning that Y computed for a sufficiently large
sample of object would average to Yrand = 0.5. However, it shall be remarked that in reality no line of sight
can perfectly probe 100 % of the magnetic field, because in practice the three-dimensional distribution
of magnetic fields will always fluctuate within some scale (which can change from scenario to scenario
and across the variety of cosmic objects).

We computed this value for every filament in the Chronos simulations, by considering a small volume,
defined as in Section 7.3.1, around each of them, as if theywere isolated. In order to extract the contribution
of filaments alone, we computed the bias factor excluding the highest-density cells (d > 10−29 g cm−3,
see Figure 7.2), typically corresponding to clusters. First, we measured the bias factor as a function of the
angle formed by the filament and the line of sight, for the three spatial directions (Figure 7.17). To better
understand this plot, we note that the horizontal axis indicates the orientation of the filament with respect
to the line of sight (parallel on the left-hand side, i.e. edge on, and perpendicular on the right-hand side,
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Figure 7.16: Schematic representation of three possible orientations of an observed filament with respect
to the line of sight: \los−filament = 0◦, 45◦ and 90◦. Then, assuming a uniform magnetic field perfectly
aligned to the filament, the corresponding values of Y = |∑ (�los · d) | /

∑ (�tot · d) are 1, ≈ 0.7 and 0.

i.e. in the sky plane). The vertical axis contains the bias factor: lower values of Y imply that the magnetic
field is highly underestimated, while higher values imply that the magnetic field is less underestimated.
The following particular cases correspond to specific limiting values of Y:

• if the distribution of the magnetic field in the selected volume is completely random, then Y = 0,
since the algebraic sum of the magnetic field cancels out;

• if the distribution of the magnetic field is uniform in all the selected volumes, then the average over
multiple objects returns Y = Yrand = 0.5.

In Figure 7.17, simulations with a primordial magnetic field (baseline and Z), or with a dynamo-
amplified magnetic field (DYN5) show a clear growing trend, compatible to a configuration in which
magnetic fields tend to align to filaments. The values of Y in CSFBH2 run, on the other hand, settle
around ∼ 0.3− 0.4, meaning that the B-filament alignment is much more reduced in amplitude, while the
randomizing effect of AGN feedback on magnetic field, around galaxies in filaments, generally decreases
the average bias factor values along most lines of sight.

We then focus on a subset of filaments roughly aligned to the plane of the sky, which are objects
most suitable for observations [e.g. Tanimura et al., 2019b, Govoni et al., 2019] or stacking analysis [e.g.
Vernstrom et al., 2021]. The criterion we chose for the position of the filament is that |cos \los−filament | <
0.3. Figure 7.18 shows the trend of the bias factor along the filament length, as a function of the distance
from its midpoint. In all four simulations, Y is smaller closest to the filament’s midpoint and grows as
the distance increases, compatibly to the fact that, especially for the baseline and Z runs, the B-filament
alignment is best where the filament is least affected by the clusters at the endpoints.

Then, we estimated the dependence of this trend as a function of the filament length: Figure 7.19
replicates Figure 7.17 for the ∼ 50 longest and ∼ 50 shortest filaments. The difference between the two
cases is not large, but we notice a clearer increasing trend for the selection of longer filaments, even for
the CSFBH2 run. This is reflected by a better B-filament alignment for longer filaments, as previously
found (see Figure 7.14).

In Figure 7.20 we show two volumes containing filaments which are almost aligned to the sky plane,
as an example to illustrate the implications of this effect on the rotation measurement of such objects.
The top panels show the projected maps of density, '" and Y for the four Chronos simulations. In
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Figure 7.17: Median of the bias factor over all filaments as a function of the alignment between the
filament and the line of sight for the four Chronos runs. The bias factor corresponding to a filament
is found by performing a mass-weighted mean over the two-dimensional sky projection. Each filament
is included three times, since the line of sight can be directed along any of the three coordinates. We
excluded from the statistics cells in which d > 10−29 g cm−3, which we assume to belong to clusters.
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Figure 7.18: Median of the bias factor in the proximity of the filament (distance from the filament axis
. 400 kpc), as a function of the distance from the filament’s midpoint for the four Chronos runs. Only
filaments on the sky plane, i.e. | cos \los−filament | < 0.3 for any of the three lines of sights, are considered.
We excluded from the statistics cells in which d > 10−29 g cm−3, which we assume to belong to clusters.

107



0.0 0.2 0.4 0.6 0.8 1.0
|cos los filament|

0.3

0.4

0.5

0.6

L < 3 Mpc

0.0 0.2 0.4 0.6 0.8 1.0
|cos los filament|

L > 7 Mpc

Figure 7.19: Same as Figure 7.17, with the additional distinction between filaments shorter than 3 Mpc
and longer than 7 Mpc.

presence of a large degree of alignment between magnetic fields and filaments, we therefore expect the
magnetic field to mostly lie in the sky plane as well, with a very small line-of-sight component, thereby
reducing the observable |'" | towards the observer. Current instruments (e.g. VLA and LOFAR) are
able to detect values of |'" | & 5 rad/m2 [e.g. Bonafede et al., 2013, O’Sullivan et al., 2019, Locatelli
et al., 2018]. The Figure suggests that, on one hand, clusters easily meet this requirement, while filaments
would only be marginally detected, even for the runs in which the magnetic field is stronger (baseline and
Z), due to the large degree of B-filament alignment, which implies low values of Y, as can be seen in the
third column. Therefore, the small line-of-sight component yields only little |'" |, typically below the
detection threshold of present instruments, especially for runs in which the magnetization is weak already
(DYN5 and CSFBH2). On the bottom panels we give, for each of the two selected areas, the median
value of Y as a function of the rotation measure (in absolute value). The highest values of |'" |, mostly
associated to clusters, correspond to higher values of Y, although never approaching Y ≈ 1; at the lower
side of |'" |, corresponding to the areas populated by filaments, lower values of Y are found, as expected
from our previous considerations. The simulations are in overall agreement, except for CSFBH2, where
AGN and star formation feedback introduces additional effects: although the impact of a quasi-parallel
B-filament configuration is noticeable for a larger sample of objects (e.g. see Figure 7.18), the bursty and
random occurrence of star forming/AGN events may strongly affect the local magnetic field topology and
cause the statistic over a small volume to deviate from the expected trend.

The bias in the line-of-sight component typically amounts to a factor ∼ 3 lower than the total magnetic
field (corresponding to Y values of ∼ 0.3).

7.4.2 Numerical limitations
The main numerical limitations that we encountered in this work involve the limited resolution of the
simulations: we already quantified the relevance of this effect on our analysis in Section 7.3.2 and
concluded that most results should be reliable and independent of resolution. On the other hand, even our
post-processing algorithm for network construction is subject to limitations. For example, we restricted
our analysis to filaments less than ∼ 4 Mpc (for the 193 Mpc3 volumes) or ∼ 8 Mpc (for the 843 Mpc3

volumes) long. This may seem to clash with the estimates obtained with more sophisticated network
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Figure 7.20: Top panels: projected maps of the two selected volumes containing filaments (left-hand and
right-hand side) of gas density, unsigned rotation measure, and Y, for all Chronos simulations. Bottom
panels: median values of Y for bins of |'" | over all cells of the two-dimensional projection for the range
in which rotation measure can be detected, for the two areas represented above.
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findingmethods [e.g. Cautun et al., 2013,Gheller et al., 2015], which, applied to cosmological simulations,
suggest that filamentary structures up to ∼ 100 Mpc can form in a big enough volume. However, Gheller
et al. [2015], in particular, showed that most filaments have lengths . 10 % of the box’s side length,
which is compatible with our cut. On the other hand, if longer filaments were present, these would most
likely be characterised by a complex morphology that would not be identified by our algorithm, and
which would make it difficult to study alignments with the surrounding halos. In conclusion – bearing
in mind that our goal here is manifestly not that of building a complete sample of filaments on all scales
and of all possible geometries – our method allows us to speed-up the analysis process and prevent the
contamination of the sample by spurious effects, without overly limiting the statistics. Conversely, this
might affect the reliability of certain inferred quantities: for example, multiplicity (Section 7.2.3) may be
underestimated, since some fraction of filaments are left out.

7.5 Conclusions
With this work we present a simple algorithm which builds the network of filaments in the cosmic web in
cosmological simulations, starting from the location of DM halos in the cosmic volume, with the aim of
producing a catalog of filaments and studying their physical properties and influence on the surrounding
gas flows and magnetic fields. In particular, we looked for a relation between halo spin, filaments and
magnetic field, as a function of different simulation properties, such as magnetic field initialization,
presence of different astrophysical processes, and resolution. The following are our main findings:

1. morphological and dynamical features of halos in the mass range ∼ 108 − 1014 M� (e.g. mass,
spin) and filaments (e.g. length, multiplicity) are only moderately dependent on non-gravitational
physics (e.g. gas cooling);

2. in the range of lengths we considered, i.e. . 4 Mpc (for the 193 Mpc3 volumes) and . 8 Mpc (for
the 843 Mpc3 volumes), most filaments can reasonably be described by a straight line connecting
halos;

3. the distribution of angles formed by magnetic field and the filament orientation in the proximity
of filaments is concentrated towards quasi-parallel angles, much more than for a random three-
dimensional distribution;

4. filaments affect the shape of magnetic field lines, through the velocity shear they impose to large-
scale gas flows: this effect is strongest within a few hundreds kpc, but is still measurable down to
∼ 2 Mpc from the filaments’ spine;

5. the alignment between magnetic fields and filaments is particularly significant for longer filaments,
which typically host fewer halos per unit of volume;

6. physical models with a strong primordial magnetic field show an increased alignment between
magnetic field and filaments at I = 0, regardless of its initial topology;

7. weak primordial magnetic fields, later amplified by dynamo or by astrophysical processes, show
less pronounced alignment, albeit still larger than in a purely random distribution;

8. the alignment between magnetic fields and filaments is generally found to reduce the amplitude of
the observable rotation measure (by a factor ∼ 3) for filaments observed close to the plane of the
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Run Number of Number of Maximum Maximum
halos filaments halo mass filament length

NR 1224 1978 6 · 1013 M� 4 Mpc
cool 1076 2044 7 · 1013 M� 4 Mpc

baseline 662 226 5 · 1014 M� 4 Mpc
Z 662 225 5 · 1014 M� 8 Mpc

DYN5 662 223 4 · 1014 M� 8 Mpc
CSFBH2 662 207 4 · 1014 M� 8 Mpc

Table 7.2: Network properties in the Roger and Chronos simulations.

sky, and it introduces a bias in the normalization of the magnetic field that can be derived from this
technique.

To conclude, we remark that the effects above are so general (and independent on physical/numerical
variations in the model) that they should also be relevant for other observational techniques probing the
cosmic web, also in statistical ways [Vernstrom et al., 2021]. For example, attempts of measuring the
magnetization of the intergalactic medium using fast radio bursts, which would require the combination
of rotation measure and dispersion measure for the derivation of the magnetic field [see Akahori et al.,
2016, Vazza et al., 2018b, Hackstein et al., 2020], will also be subject to a similar bias.

7.6 Appendix

7.6.1 Network details
In Table 7.2 we indicate the details of the halo-filament network found by our algorithm in the analyzed
simulations. Although the reconstructionmethod is essentially the same for both Roger and Chronos runs,
we adjusted it before applying it to the much larger volumes involved in Chronos. This was possible due
to the fact that we were no longer interested in analyzing the properties of as many halos as possible, as
we did for the Roger set in Section 7.3.1. The simplification consists of only selecting very massive halos
in Chronos runs with an overdensity algorithm and thus retrieving fewer, longer filaments. This choice
allowed us to speed up the whole process on such big volumes, as well as to focus on the differences
introduced by different magnetogenesis scenarios (see Section 7.2.1). A more accurate network analysis
of Chronos runs starting from the whole catalogue of halos was performed on a small subvolume, as
explained in Appendix 7.6.2.

7.6.2 Comparison between Roger and Chronos simulations
Unlike in the main paper, for testing purposes here we apply the same network reconstruction algorithm
to the cosmic web simulated in Roger and Chronos simulations (even if, in the latter case, we restrict
to a ≈ 203 Mpc3 subvolume to save computing resources). In the following, we compare our most
resolved 5123 Roger run (as in Section 7.3.1) with the baseline (non-radiative) and CSFBH2 runs of
Chronos (Section 7.2.1). In Figure 7.21 we reproduce some of the panels in Figures 7.4, 7.5 and 7.6:
the observed trends show that, albeit with some variance related to the small volumes considered here,
all main properties of halos and filaments discussed in Section 7.3.1 are also found in the considerably
less resolved runs from the Chronos suite, if an identical network reconstruction is used. In any case, it
shall be noticed that even if a similar mass cut in the halos used to reconstruct the network is adopted
in this case (" & 109"�), the intrinsic coarser force resolution of Chronos runs leads to a ∼ 50%
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reduced amount of filaments (especially shorter ones, connecting on average less massive halos) per unit
of volume. However, the dynamical correlations (or absence thereof) of gas velocity fields and the spin
and multiplicity of nodes and filaments of the network, discussed in the main paper, are also confirmed by
the consistent comparison of Roger and Chronos simulated volumes. In the latter case, we notice again
that no relevant differences can be appreciated if radiative cooling, star formation and AGN feedback
are included, once more enforcing that the main parameters of the network are not affected by these
non-gravitational mechanisms.
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Figure 7.21: Properties of halos and filaments in the Roger non-radiative simulation and in two of the
Chronos runs’ subvolumes, the baseline and CSFBH2, which includes the feedback from astrophysical
phenomena. From top left to bottom right: number of halos per Mpc3 above a certain mass; number of
filaments per Mpc3 as a function of filament length; median of halo mass as a function of halo radius;
number of halos per Mpc3 with a certain multiplicity; median of halo multiplicity as a function of halo
mass; number of halos perMpc3 forming a certain spin-filament angle; median of spin-filament alignment
as a function of halo multiplicity; median of spin-filament alignment as a function of halo mass for halos
with unitary multiplicity.
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8. Co-authored works

8.1 Simulations and observational tests of primordial magnetic
fields from cosmic microwave background constraints (Vazza
et al., 2021)

https://doi.org/10.1093/mnras/staa3532

Abstract We present the first cosmological simulations of primordial magnetic fields derived from the
constraints by the cosmic microwave background observations, based on the fields’ gravitational effect
on cosmological perturbations. We evolved different primordial magnetic field models with the Enzo
code and compared their observable signatures (and relative differences) in galaxy clusters, filaments and
voids. The differences in synchrotron radio powers and Faraday Rotation measure from galaxy clusters
are generally too small to be detected, whereas differences present in filaments will be testable with the
higher sensitivity of the Square Kilometre Array. However, several statistical full-sky analyses, such
as the cross-correlation between galaxies and diffuse synchrotron power, the Faraday Rotation structure
functions from background radio galaxies, or the analysis of arrival direction of Ultra-High-Energy
Cosmic Rays, can already be used to constrain these primordial field models.

I contributed to this work by analyzing cosmological simulations in which primordial magnetic fields’
power spectra are initialized accordingly to constraints from the CMB. Each run differs in the choice of
spectral index U for the primordial magnetic field power spectrum (see Table 8.1). Figure 8.1 shows the
topology of the magnetic fields initialized with different power spectra. I performed the shock analysis of
the entire sample, following a similar procedure to that described in Section 5.2.4, with particular focus
on the topological properties of the magnetic field in the proximity of shocks, namely on obliquity. This
allowed us to measure that all of the simulated volumes host a higher fraction of quasi-perpendicular
shocks, with respect to the random distribution, consistently to what previously shown in Banfi et al.
[2020] (Chapter 5). However, we observe that the highest excess is found in the uniform B0 model: once
again, this is in agreement with the explanation we provided in Banfi et al. [2021] (Chapter 7) regarding
the alignment between magnetic fields and filaments. The ability of the gas flow to bend magnetic fields
can be explained in terms of magnetic tension: if the field curvature increases, the magnetic field is less
easily bent, and we thus expect the B5 model to provide the least suitable environment for the formation
of perpendicular shocks (see Figure 8.2).

For the complete analysis, see Vazza et al. [2021].
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Run ID Description
B0 homogeneous
B1 U = −2.9
B2 U = −1.0
B3 U = 0.0
B4 U = 1.0
B5 U = 2.0

Table 8.1: List of cosmological Enzo simulations produced for this work.

Figure 8.1: Volume slices showing the gas density (blue) and the magnetic field lines (black) around the
most massive cluster in our simulated volume.
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Figure 8.2: Distribution of the ratio quasi-perpendicular to quasi-parallel shocks, normalized to the
expected ratio in a random three-dimensional distribution, as a function of gas density.

8.2 New constraints on the magnetic field in filaments of the cosmic
web (Locatelli et al., 2020)

https://doi.org/10.1051/0004-6361/202140526

Abstract Strong accretion shocks are expected to illuminate the warm-hot inter-galactic medium en-
compassed by the filaments of the cosmic web, through synchrotron radio emission. Given their high
sensitivity, low-frequency large radio facilities may already be able to detect signatures of this extended
radio emission from the region in between two close and massive galaxy clusters. In this work we
exploit the non-detection of such diffuse emission by deep observations of two pairs of relatively close
(' 10 Mpc) and massive ("500 ≥ 1014"�) galaxy clusters using the LOw-Frequency ARray (LOFAR).
By combining the results from the two putative inter-cluster filaments, we derive new independent con-
straints on the median strength of inter-galactic magnetic fields: �Mpc < 2.5 × 102 nG (95% CL). Based
on cosmological simulations and assuming a primordial origin of the B-fields, these estimates can be
used to limit the amplitude of primordial seed magnetic fields: �0 ≤ 10 nG. We advise the observation of
similar cluster pairs as a powerful tool to set tight constraints on the amplitude of extragalactic magnetic
fields.

In this work, we combined LOFAR observations to numerical simulations, with the aim of putting
constraints of the inter-cluster filaments magnetic field. By using the algorithm outlined in Section 7.2.2,
I reconstructed the cosmic web inside a simulated cosmological volume and provided the coordinates for
a set of cluster pairs (see Figure 8.3), similar to the ones observed for this work. My network-tracing
algorithm allowed to determine the probability of having a filament connecting two observed clusters and
therefore to assess the level of diffuse radio emission from filaments.
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Figure 8.3: Cluster pairs identified in the projected temperature maps which fulfil the requirements of
the network-tracing algorithm for the identification of filaments.

For the complete analysis, see Locatelli et al. [2021].

8.3 Magnetogenesis and the cosmic web: a joint challenge for radio
observations and numerical simulations (Vazza et al., submitted
to MDPI)

Abstract The detection of the radio signal from filaments in the cosmic web is crucial to distinguish
between possible magnetogenesis scenarios. We review the status of the different attempts to detect the
cosmic web at radio wavelengths, and put them into the context of the advanced numerical simulations
of cosmic magnetism carried out in the last few years by our MAGCOW project. While the challenge of
imaging the cosmic web in the radio domain has already begun, thanks to pivotal results with MWA and
LOFAR, the complexity behind such observations makes a definitive answer still uncertain, albeit many
alternative models can be discarded already. A combination of total intensity and polarimetric data at
low frequency (that the SKA, as well as LOFAR2.0, will hopefully produce in large amount), appears
the key to remove the existing uncertainties related to the contribution of many possible sources of signal
along deep cosmic lines of sight. This will make it possible to isolate the contribution from filaments,
and expose its deep physical connection with the origin of extragalactic magnetism.

In this review, the main results obtained in the framework of the MAGCOW project are described.
In particular, the work that I carried out for Banfi et al. [2020] and Banfi et al. [2021] is used to perform
a network reconstruction and produce the statistics of average '" and synchrotron emission from the
cosmic web, like the ones in Figure 8.4.
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Figure 8.4: Distribution of the Faraday rotation and radio emission for a selection of filaments extracted
from one of the simulations.
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9. Summary and conclusions

The formation of collisionless shocks is an ubiquitous process in space, leading to a plethora of non-
thermal features and observational signatures. Shocks are found in several astrophysical environments,
such as the Earth’s magnetosphere, supernova remnants and the intracluster medium: since they form in
very different physical conditions, we can expect their acceleration efficiency to be a function of multiple
factors too [e.g. Bykov et al., 2019].

In the course of this PhD project, I have focused on cosmic shocks and, in particular, on their relation
with the surrounding magnetic field. These shocks are generated either by the accretion of cold gas onto
the cosmic web (e.g. accretion shocks around filaments), or during the encounter of hotter matter (e.g.
merger shocks in galaxy clusters) [e.g. Ryu et al., 2003]. The latter are believed to be responsible for
the diffuse emission observable in radio relics, which can be traced back to the synchrotron radiation
produced by cosmic-ray electrons. The mechanism governing the production of cosmic rays is likely
to be diffusive shock acceleration, whose efficiency depends on the shock characteristics, such as the
Mach number and the orientation of the magnetic field. In particular, the ability of a shock to accelerate
either electrons or ions is affected by obliquity, i.e. the angle formed by the shock propagation direction
and the underlying magnetic field [e.g. Caprioli and Spitkovsky, 2014a]. Assessing the specific role of
magnetic fields, from ‘macro’ to ‘micro’ astrophysical scales, has been the main focus of this work, also
motivated by the fact that no evidence of cosmic-ray ions has been reported for the case of galaxy clusters
and the (weak) shocks they process. Indeed the non-detection of W-rays by the Fermi-LAT satellite [e.g.
Ackermann et al., 2010] seems to imply that nearly no hadronic collision between energetic protons
and thermal protons of the intracluster medium occur, which sets an upper limit on the total amount of
cosmic-ray ions which can be accelerated by structure formation shocks.

My thesis explored these issues by producing and analysing new numerical simulations, both on
cosmological scales and on the scales where collisionless shocks form, and investigated the correla-
tion between the magnetic properties of cosmic shocks and their particle acceleration efficiency.

In Chapter 5 [Banfi et al., 2020], I have presented cosmological magnetohydrodynamics simulations
of the large-scale structure and studied the typical obliquity of cosmic shocks as a function of their
environment, their magnetic field topologies and in the case of different magnetogenesis scenarios.
This allowed me to estimate the observable cosmic-ray flux for both ions and electrons, with the final
goal of understanding the discrepancy between the observational evidence of the two species. I found
that in shocks surrounding simulated large-scale structures, there always is an excess of quasi-
perpendicular shocks over quasi-parallel shocks, which is maximized around filaments. There, shocks
propagate perpendicularly to the filament length, and the (upstream) magnetic field tends to align with
filaments. Considering the prescription from Kang and Ryu [2013], which indicates that electrons are
accelerated by quasi-perpendicular shocks, while ions are accelerated by quasi-parallel shocks, I conclude
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that the decreased fraction of ion-accelerating shocks may well explain the reduced W-ray emission
below the available Fermi limits, while instead leaving the acceleration of cosmic-ray electrons almost
unchanged and compatible with observed level of diffuse radio emission from radio relics.

Although promising, these results are limited by the implicit assumptions that the topological proper-
ties of magnetic fields resolved by our cosmological simulations remain constant down to the scales where
diffusive shock acceleration actually takes place. To expand on this interesting topic and better connect
to different scales, in Chapter 6, I presented new particle-in-cell simulations produced, with the goal
of studying the acceleration process on ‘microscopic’ astrophysical scales. Thanks to the information
gathered from the previous work, I could start from a prescription for the realistic initial condition of
accretion shocks, which was found to be the statistically more frequent in our cosmological simulations:
in particular, I simulated typical filament shocks, characterized by a high Mach number and a magnetic
field oriented quasi-perpendicularly to the shock normal. I concluded that shocks in filaments are
indeed able to produce cosmic-ray electrons, by first pre-accelerating them through shock drift accel-
eration, and then eventually injecting them in the diffusive shock acceleration regime, to reach relativistic
energies. I found a significant dependence of the efficiency of these processes on the initial obliquity:
in slightly less oblique shocks, a larger fraction of electrons is accelerated, due to the magnetic field
orientation allowing them to more easily interact with the shock multiple times. The measured injection
efficiency of relativistic electrons in the shock downstream gives values which are a factor ∼ 5−10 higher
than the available predictions from simpler 1D models of diffusive shock acceleration, with important
consequences on the future modelling of the radio signal from shocks surrounding filaments.

I devoted Chapter 7 [Banfi et al., 2021] to better explore the physical connection between filaments
and magnetic fields around and within them. I have measured that most shocks in the proximity of
filaments have a quasi-perpendicular configuration, which stems from the alignment of the magnetic field
to the filament spine. In order to examine the dynamics of this phenomenon, I performed a quantitative
analysis of the relative orientation of the magnetic field with respect to the components of the cosmic
web. For this purpose, I developed a simple yet efficient algorithm which builds the network of filaments
and halos in the cosmic web in cosmological simulations. In particular, I computed the angle formed by
filaments and magnetic fields as a function of the distance from the filament spine and concluded that
the arrangement is indeed parallel around most filaments, and becomes gradually random as the distance
increases. It is possible to attribute this effect on the contribution of the velocity shear that filaments
impose to large-scale gas flows [Bond et al., 1996]. The main consequences of this finding are twofold:
first, as confirmed by the previous work, perpendicular shocks are more easily formed in the cosmic web,
since they typically propagate perpendicularly to the filament spine. Secondly, the alignment between
magnetic fields and filaments is bound to reduce the amplitude of the observable rotation measure
for filaments approximately lying in the sky plane.

In summary, my work has shown how, through the combination of different numerical methods of
increasing complexity, it is now possible to achieve a global understanding of magnetic fields and particle
acceleration in cosmic structures by means of reliable physical models, with the ultimate hope of them
being validated by (soon-to-be) available radio observations.

Thank you to my supervisors, Franco and Lorenzo, for believing in me until the very end.
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